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Abstract

The chemically peculiar magnetic A- and B-type (Bp) stars are characterised by large
overabundances, of the order ofHhd 10 times the Sun, of Fe-peak and rare earth elements,
respectively. Further, they possess strong, ordered miadiredds (of order 1 kG) that are
roughly dipolar in nature. We present in-depth investmaiof magnetic AfBp stars, ranging
from detailed analyses of specific stars to larger survayediat studying stratification and
atmospheric abundance evolution.

For HD 133880 and HD 147010, wdtfer complete investigations of their magnetic fields
and chemical abundance distributions. For each star, alessimpgnetic field model is de-
rived, from both line-of-sight and surface magnetic fieldasi@ements, that consists of dipole,
guadrupole and octupole components. Abundance analysisngperformed usingeeman, a
spectrum synthesis program that takes into accountffeets of the magnetic field.

Discrepant results between abundances derived franaBd Simr in B-type stars has been
documented in the literature. We report on the first comprsive study of this phenomenon
in various classes of B-type stars (including the non-magri¢gMn and normal stars and
magnetic Bp stars) ranging iffective temperature from about 11000 to 15000 K. We interpret
the results in the context of vertical stratification in thmaspheres of these stars.

The abundance anomalies that exist in magnetiBAstars are known to be produced by
diffusion processes, when the gravitational settling of iomspzies with radiative levitation.
However, nothing is known about how these abundance anesmalay evolve during the main
sequence lifetime of these stars. We present an extenahe gt the atmospheric abundances
for several elements of magnetic ABp stars, that are members of open clusters or associations
(and therefore have well-determined ages), and attemptdgoret the results in the context of
diffusion.

Keywords: Stars: abundances, chemically peculiar, magnetic field
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Chapter 1
Introduction

As a proto-star contracts under the influence of gravityyéneually stops accreting material
and reaches a state of hydrostatic equilibrium (when theaidvorce of gravity balances the
outward radiative pressure). At this point, the centraspoee and temperature are high enough
that it can burn H into He in the core and the proto-star besoangtar on thenain sequence,

the evolutionary state where a star will spend the majoffitysdifetime. The evolution of this
star on the main sequence is predominantly governed by is.nfdne more massive a star is,
the faster it will use up its fuel and the less amount of timeiit spend on the main sequence.
The luminosityL of a star (the energy it emits per unit time) is directly ctated with its mass
through what is referred to as the mass-luminosity relation

(.

wherea is generally between 3 and 4 for main sequence stars.

Observationally, the main sequence is a linear band of stathe Hertzsprung-Russell
(HR) diagram, a plot of brightness versus colour. A starighiness is defined by itgpparent
magnitude mvia the equatiomn = —2.5log F, whereF is the stellar flux (energy per unit time
per unitared) In principle, both of these quantities depend upon the leaggth (or frequency)
at which the star is observed. The spectral energy distoibwif a star is approximately equal
to a blackbody and because each star hasferdnt temperature, their blackbody curves peak
at different wavelengths. Recall the blackbody (or Planck) distion:

2hc?/2°

B, = ek _ 1

(1.2)

whereh (= 6.626 x 10727 erg s) is Planck’s constant, the speed of lightk (= 1.38 x

1By definition, a smaller magnitude means the star is brighter
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10716 erg K1) Boltzmann’s constant] the wavelength and the temperature. Taking the
derivative of the Planck function with respect to waveléngne obtains Wien’s law, the wave-
length at which the radiation emitted is maximum:

AmaxT = 0.29 cm K (1.3)

Based on this law, a star with a temperature of about 20 000dt)dweak at a wavelength
of 1450 A, whereas a star of about 4000 K at 7250 A. Therefarttehstars will appear bluer
and cooler stars redder. This simple example illustrates &astar’s colour, which depends
upon its flux, is a function of its temperature. Specificadlystar’s flux is a function of its
effective temperature, Ter, via the Stefan-Boltzmann lawE = oTS., whereo = 5.67 x
10° ergs cm? st K. The dfective temperature is therefore defined as the temperature a
which a star actually radiates the same total flux as the atprivblackbody.

We can now present a theoretical HR diagram of lumindsitthe energy emitted per unit
timey versus &ective temperature. An example of an HR diagram is shown guiriéi 1.1.
Shown are the evolution df and T¢; from the arrival of a star on the main sequence, with
the hatched area on the left outlining the main sequencediféhe giant structure for stars of
various mass. In general, during the main sequence lifatiraestar, T decreases by roughly
30%, whileL increases by a factor of 2 - 3, due to the substantial increasadius. The
temperature sequence defines a spectral classificatiomsabfeO-B-A-F-G-K-M, with the O
stars being the hottest and most massive and the M stars dhestand least massive. Stars
occupying the upper or lower main sequendéedistructurally, transporting energy from the
core to the surface in disparate ways. Below a mass of appedgly 2 M,, stars have radiative
cores and convective envelopes, whereas above this ttdesigoopposite is true, with stars
possessing convective cores and radiative envelopes.

How does the main sequence lifetime of the Sun compare ®tsi@rare roughly 10 and 0.1
times its mass? To answer this question, assume that a stanjgised entirely of hydrogen
and that about 10% of the star’s mass will be converted from He via the simplified nuclear
reaction of 4H— 1He. Note that the mass of four hydrogen atomg € 1.007821 ,where
u = 1.6605x 102* g is the atomic mass unit) is greater than the mass of a He atpa=(

4.0026@). Comparing the ratio,
4my

= 100715

Mye

2A star emits radiation nearly isotropically, thereforethié surface flux is the amount of energy emitted per
unit time per unit area, the luminosity is simply the surflog multiplied by the area of a sphere with raduls
whered is the distance of the star from the observer.
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Figure 1.1: Theoretical HR diagram from Schaller et al. @9®f note are the zero-age main
sequence (linear solid line) for various masses and thgfra@ive evolutionary tracks.
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we see that roughly 0.7% of the mass of H is converted intoggnehen making an atom of
He. Given this information, to estimate the main sequerfedirie t,,s of a star one simply
divides the nuclear generation (or fuél) by the stars luminosity (or energy output):
E
tms = T” (1.4)
Substituting Equation 1.1, assumiag= 4, into the above expression and recognising that the
nuclear generation is proportional kéc?, the main sequence lifetime becomes,

0.1 x 0.007x Mgc2
tms = MSL@ s

(1.5)

whereM, = 2 x 10°® g andL, = 3.826x 10 ergs are the solar mass and luminosity, respec-
tively, M is the star's mass antl= 3 x 10° cnys is the speed of light. Thus, a solar-like star
will spend about 18 yrs on the main sequence, while a 0% and 10M,, star will spend of
order 1083 yrs and 10 yrs, respectively.

Stars that were formed in the last several billion years hmlke compositions similar to
that of the Sun. On the lower main sequence (roughly mid & Rstars and later), the deep
convective cells keep the stellar surface well mixed andjinbpuhomogeneous, resulting in
little measurable star-to-star variations in chemistrytier, the strong stellar winds in the O-
and early B stars of the upper main sequence induce massakessin these stars such that
chemical peculiarities cannot develop (Landstreet, 2004 stellar winds in the hottest stars
are driven by radiation pressure, the exact same phenontkapnn its weaker form, acts to
produce the abundance anomalies in middle main sequemse@sthhas almost ndtect in the
less massive lower main sequence stars that have smallivadlaxes. However, the middle
main sequence (roughly early F to late B stars) can exhilmibapheric abundance anomalies,
with variations between stars, that are drasticalffedent from what is found in the Sun. We
refer to this phenomenon as beidgemically peculiar. This makes the A and late B stars of
great interest to study.

In this chapter a review of the chemically peculiar stargshvmphasis on the magnetic
peculiar A- and B-type stars (ABp), is presented. We further discuss the magnetic field sig-
natures in stellar spectra, with particular consideragjimen to how these fields are measured.
Lastly, the physics of spectral line formation and the usgpafctrum synthesis to compute an
observed emergent spectrum is explored.

3The expressiosarly typerefers to hotter stars, wherease type refers to cooler stars within a given spectral
type
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1.1 A-and late B stars: a peculiar lot

Approximately 10% of main sequence A and late B stars, rangireffective temperatures
from about 7000 to 15000 K, exhibit peculiarities in theiespa (Landstreet et al., 2007).
The degree of peculiarity is seemingly correlated to thespdaf parameters of the star, namely
effective temperature, gravity and the presence of magndtisfi€he spectral anomalies vary
from the non-magnetic Am and HgMn stars to the magneti@Bfgstars. However, before one
can discuss the middle main sequence (A and late B) chemjpadiuliar stars, a definition of
what constitutes a “normal” star must be established. F®ptirposes of this discussion, we
shall consider a normal star as one that has an atmospherntcdl composition comparable
to the Sun and does not possess a detectable magnetic fiekds ection, we briefly review
the various types of chemical peculiarities found in A ard B stars.

1.1.1 Non-magnetic stars
Am stars

Am, or metallic-line, stars reside on the main sequence ange in &ective temperature from
about 7000 - 10000 K. The atmospheric chemical peculiaritiey exhibit are generally mild,
rarely more than a factor of 10fterent than solar. Am stars can be slightly overabundant in
Fe-peak elements, as well as Zn and Sr; however, lighteregltspsuch as Ca, Mg, and Sc, are
underabundant (Preston, 1974).

Am stars are slow rotators (Richard et al., 2004), with prtgd rotational velocitiegsini
generally less than about 40 kmt swhich is considerably less than their normal counterparts
with vsini’s of order 120 km st. Their frequency of close binaries is considerably highant
for normal stars, with periods that range from about 2 to 18gsdAbt & Levy, 1985). Itis
this binarity frequency that is often attributed to an Anr’stalow rotation, which may be the
result of tidal braking due to close binary interactions. stars do not posses strong, ordered
magnetic fields (Fossati et al., 2007). An example of an Amist8&irius A (see Landstreet,
2011).

HgMn stars

As the name suggests, HgMn stars are overabundant in Hg antyMas much as 1000 and
100 times the solar values, respectively. Further to thisy fare He underabundant and Cr
overabundant. They range iffective temperature from about 11000 - 16000 K (early A and
late B stars), and in many respects are the higher mass cpartteto the Am stars (Abt et al.,
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Figure 1.2: The geometry for HD 318107 borrowed from Bailéyle (2011). The angles
between the rotation axis (vertical line) and the linedighsand magnetic field axes are 22°
andg = 65°, respectively. The left panel depicts an orientation whkeemagnetic axis is
farthest from the line of sight and the right panel when thgmedic axis is nearer alignment
with the line of sight.

2002). HgMn stars are also slow rotators and are mostly fausplectroscopic binary systems.
They have no detectable large scale magnetic fields.

1.1.2 Magnetic stars
Ap/Bp stars

The magnetic peculiar A (Ap) and B (Bp) stars are charaadriy/ having weak He lines and
therefore often clumped as one group: the Ap stars. Thisd&ckstinction stems from the
spectral classification of stars, where A stars show no Hesglion lines, which is a char-
acteristic of the magnetic ABp stars. In principle, the magnetic Ap stars rangefteaive
temperature from about 7000 to 10000 K, with masses betweaeaut 4.5 to 2.5 M, whereas
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the magnetic Bp stars range iffective temperature and mass from about 10000 to 15000 K
and 2.5to 5 M, respectively. It is important to note that this thesis rhyaiacuses on the mag-
netic Bp stars; however, littleflort will be made to distinguish between the magnetic Ap and
Bp stars (often times being used interchangeably). As apgrike ApBp have three defining
characteristics:

1. Large, global magnetic fields with strengths of the orddr kG or more.

2. Anomalous atmospheric abundances, notably for He, Spela& and rare-earth ele-
ments.

3. Substantially slower rotation than their normal coupaets, with typical values of order
50 km s? or less.

The magnetic fields of Ap stars are well-ordered and rougiggldr in nature. The origin
of the field is unknown but is most likely a fossil field retadnfeom the star formation process.
In the most extreme cases, the surface fi@d is of the order of 30 kG in strength (e.g.
Babcock’s star; see Babcock, 1960). All Bp stars are He-watikobserved underabundances
compared to the Sun. For Ap stars, the abundance of He is umkmadthough upper limits are
possible, that suggest values of order 10 to 100 times lassithe Sun (Ryabchikova, 1991).
Heavier elements such as the Fe-peak and rare-earth ekearerdverabundant. For example,
Cr can be as much as 100 times and Pr and Nd of the order“dfirh®s the solar ratios,
respectively. Moreover, the distribution of these eleraantt the stellar surface is “patchy”
because the magnetic field quenches any convective motiahgravents horizontal mixing.

Ap stars rotate at roughly 10% the rate of main sequencedftamnilar mass, with typical
rotation periods of a few days, but can vary from less tharuathaday to decades (Mathys
& Hubrig, 1997). As the star rotates, we detect changes Mt ligpectra and magnetic field
strengths that vary with the rotation period of the star.sMariability is best explained using
the oblique rigid rotator model: the line-of-sight and matinfield axes are inclined at angles
i andg to the rotation axis, respectively. An example of this getynior the magnetic Ap star
HD 318107 is provided in Figure 1.2, with= 22° andB = 65°. In this figure, as the star rotates,
distinct portions of the magnetic field and stellar surfaceabserved. Within this model, the
variations are a direct result of the the inhomogeneousldigion of elements over the stellar
surface as the star rotates. Light variations are causelldnges in the photospheric opacities
that are a result of the “patchy” abundance distributionecé&the field structure is roughly
dipolar, the line-of-sight magnetic field strengy) is also modulated with the rotation period,
with often a sinusoidal variation. The inhomogeneous ithgtion of elements is attributed to
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the magnetic field, which therefore produces the spectmalVariability. The correlation of
these variabilities with the rotation period provide thesgest observational support for the
oblique rigid rotator model.

1.2 Diffusion processes

The extensive range of chemical peculiarities in clustemd kte B stars argues against the
point that the anomalies are the result of the environmemn fivhere they formed. In fact, the
bulk chemistries of these stars do nofteli significantly from the interstellar medium (ISM).
Therefore, the peculiarities must be the result of a profmsgrocesses) within the stellar in-
terior andor atmosphere. The most probable mechanism that createbsbeved atmospheric
chemical peculiarities ishemical diffusion. Diffusion was first postulated by Michaud (1970),
suggesting that the competition between gravitationalisgtand radiative levitation causes
trace elements to migrate into and out of the stellar atmeargphA and late B stars are the
perfect laboratory for diusion processes to occur because they lack deep conveatigs.z

Consider a box of atoms that consists of all H except for ooenadf Fe. Under the
influence of no external forces, the atoms will collide anggsart one another, with no net
upward or downward diusion. Now suppose the box is placed in a gravitational fieta only
significant diterence between an atom of H and Fe is mass. Therefore, therRewt diffuse
downwards in the sea of hydrogen. The box is now removed frangtavitational field and
placed in a radiation field, being bombarded by photons frefava Let's further assume that
the photons have a specific energy that is equal to the prap#agon or ionisation potential
of the Fe atom. What will happen to the Fe atom? The photondehbsorbed and impart an
upward radiative force, causing the Fe tffalse upward.

Finally, consider bothféects acting contemporaneously on any trace element, as taife
in a star. Further suppose that, below the atmosphere, @ atamic species undergoes an
upward radiative acceleratia,g. If this acceleration exceeds the local gravitational kcce
erationg (i.e. gag > Q), then this species will diuse into the atmosphere. The amount of
radiative acceleration imparted to an atomic species dipapon the particular situation. For
strong resonance lines, the acceleration per ion decr@agesicreasing abundance because
of saturation (i.e. a reduction in the overall flux that po®s radiative support). For weak
line support, the net upward acceleration does not decredis@abundance. Thus, a situation
whereg;,q decreases with height in the atmosphere would allow a speg&cies to accumu-
late. This could be the case for a species with saturates, limeere the high local abundance
in the atmosphere reduces the radiative acceleration bath}dy = g. If g.aqg does not decrease
substantially in the atmosphere, a species can be lost fiertop of the atmosphere to space.
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Alternatively, if the local gravity exceeds the radiativecaleration (i.e.g > grag), then the
species will sink below the atmosphere.

It's now easily understood that, in general, when a givertiggenas a net upward acceler-
ation that chemical overabundances in the atmosphere msty whereas those species with
a net downward acceleration will be underabundant. Thisha@sm has been shown to be
suficient to explain the observed abundance anomalies (e.dnaditet al., 1976; Alecian et
al., 2011). The presence of a magnetic field influences fileets of difusion. For instance,
when the magnetic field lines are vertical, ions are ableffask readily along the field. How-
ever, when the field lines are horizontal, ions are trappéds faturally explains the horizontal
inhomogeneities of chemical abundances in the atmospbéhgs stars discussed in Section
1.1.2. For example, the energy densiBf/(8r) in a magnetic field of order £0G (typical for
an Ap star) is at least of order46rgs cm®. Compare this to the energy density due to thermal
motions ¢ nkT) for a temperature of about 10000 K and a typical atmospmmenicber den-
sity n of order 164 cm (recall that Boltzmann’s constant is of order10ergs K?), which
is of order 16 ergs cm?®. The magnetic field is therefore more tharfient to quench any
turbulent atmospheric motions, allowing for horizontalilalance anomalies to form. fi-
sion processes can also create the vertical stratificdtimtris observed in the atmospheres of
both magnetic and non-magnetic A and late-B stars (e.g. éylativa et al., 2001). Vertical
stratification and dfusion are discussed in greater detail in Chapters 4 andpectgely.

1.3 Nature of magnetic fields in A- and B-type stars

1.3.1 Origin

In principle, the generation of the magnetic field of the Saimd(solar-like stars) is a process
attributed to electrical currents moving through the splasma. Within the outer convective
region, the conducting plasma rises and falls due to a sagiabatic temperature gradient.
The ditferential rotation of the Sun essentially converts a simgbeldr magnetic field to a
much more complex toroidal field, where the magnetic fielddiare wrapped around the Sun.
Furthermore, the turbulent motions in the convective zor@gslin and twists the magnetic
field lines, creating localised spots of stronger fields sTimocess, known as the solar dynamo,
creates a magnetic field that is spatially non-uniform aheiantly variable, changing rapidly
on relatively short time-scales (evident in the breakintheke twisted flux lines creating solar
flares and re-connection events).

The magnetic fields observed in Ap stars are static for as long as fields of this nature
have been detected (the first such field was a 1.5 kG field in 7&1\1947, see Babcock,
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1947). Therefore, the stellar dynamo field is not a feasikpgamation. Another possibility is
that these fields are fossils, which are retained from thefetmation process (see Mestel &
Landstreet, 2005). It is still not understood where thessifdields originate. The leading hy-
pothesis is that the magnetic field originates from the stétlar medium and, as a molecular
cloud collapses to form stars, that these magnetic field lame swept in, retained, and ampli-
fied as the star contracts towards the main sequence. AnmdBsibility is that the fields are
retained from a dynamo produced during the pre-main segueralution of these stars, when
the proto-star traverses a fully convective phase as iraotst towards the main sequence.

The fossil field is a very attractive solution. If we startrfra weak magnetic field (of
the order of 1uG, which is typical of the interstellar medium) and requinattmagnetic flux
(¢ = 7R?B) be conserved, a main sequence stars can easily expecetfididwstrengths of the
order of a kG or more. In fact, the field should be of the ordet@fG (note that a proto-star
will contract by a factor of order 1Cas it evolves towards the main sequence), meaning that
a substantial fraction of the magnetic flux must be dissgpatering the pre-main sequence
phase. Further, the fossil field aids in braking the starrdptihe star formation process, pos-
sibly allowing the transfer of angular momentum to the ateWind (Stepien, 2000). This
may explain the slower rotation observed in/Bp stars compared to “normal” stars of similar
mass.

Even though the fossil field is an appealing option, it raidesquestion as to why less
than about 10% of main sequence A and B stars are magnetict Wézhanism(s) jare
responsible for the retention (or lack thereof) of thessifd®lds?

1.3.2 Main sequence evolution

Until recently, little was known about how the magnetic feelof Ap/Bp stars may evolve
during their main sequence lifetimes. Studying/Bjp stars that are members of open clusters
or associationsféers a laboratory to study this time evolution, since theyltare accurately
determined ages. A spectropolarimetsarvey of cluster magnetic ABp stars suggests that
magnetic field strengths decline sharply with age for statsvben 2 - 5 M (see Bagnulo

et al., 2006; Landstreet et al., 2007, 2008). In generalgggemassive stars retain larger fields
(greater than about 1 kG) for a larger fraction of their maquence lifetime than do the more
massive ones, but all ABp stars, regardless of age, will have fields greater thaerdrd G.
This result provides the first observational evidence tmedé fossil fields are stable enough to
persist throughout the main sequence.

4Spectropolarimetry is the measurement of polarised ligha function of wavelength. As will be shown in
the subsequent section, the simultaneous acquisitioreantlnsity and circular polarisation spectrum allows for
the measurement of the surface and line-of-sight magnetisfirespectively.
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1.4 Measurement of magnetic fields in stars

1.4.1 Basic Physics

Consider an atom with one valence electron that is placed exéernal magnetic field. The
energy levels of this atom will be split into several(2 1) components due to the interaction
energy of the spin and angular momentum (orbit) of the edectiThis atom will have a total
magnetic dipole moment that is the sum of its orbital and spin componepisahdus). The
interaction energy between the split components can theasié/ understood,

AE = —u - B, (1.6)
whereB is the external magnetic field apd= Q“TBJ. Here,ug is the Bohr magnetomng = zim ,

gis the Landé factor (a number of order 1) ahid the total angular momentum (in the case of
L-S coupling, the total angular momentum can be expressétkasum of the orbital angular
momentum L and spin angular momentum S). The change in ebetgieen the atomic states
can then be written as

AE = /lBngB, (17)

wherem; is the magnetic quantum number) < m; < +J).
From Equation 1.7, we recognise that a single atomic leviélbeisplit into 2J + 1 Zeeman
components. The magnitude of the splitting will b&elient for each energy level depending
on the Landg factor. The allowed transitions are determined by the selecules. In the case
of L-S coupling, they state thall. = +1 andAm; = 0, +1. The lines resulting from a transition
with Amy = 0 are called pi components and are spread symmetricallyt dbeline centrel,
in the absence of a magnetic field. The lines resulting fromarmsition withAm; = +1 are the
sigma components. These lines are red and blue shiftedeggect tol,. Transitions between
the sub-levels from a higher energy state to a lower eneagg gtroduce the observed lines.
Utilising equation 1.7, the wavelength separation betwbersigma and pi components can be
derived:

A(A) = M—rfwang — 467x 10731282, (1.8)
whereA, is the position of the unsplit line in A, B is the magnetic fisldength in Gauss, arm
is the @fective Landé factor of the transition. For example, a tgpfeen transition at 6149 A
(z = 1.35) will be split by about 0.24 A in a 10 kG field.
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Figure 1.3: Two examples of Zeeman components for lines of &®&d Ndir in the magnetic
Ap star HD 318107. Shown are the observed intensity speecttdack and the Stokes V
(circular polarisation) across the lines, vertically stated for easy viewing, in red.

Polarisation of Zeeman components

Magnetic fields also cause the Zeeman components of a dp@otréo have specific polar-
isation properties that depend upon the orientation of thgmatic field to the line-of-sight
(the direction from which the light is emitted). EmittedHigcan either be linearly or circu-
larly polarised, based upon the orientation of the magtfielid. For lines in absorption, linear
polarisation occurs when the magnetic field is perpendidolghe line-of-sight. In this case,
the pi and sigma components are linearly polarised perpaladtiand parallel to the field di-
rection, respectively. This idealised case occurs wheninleeof-sight is directly aligned to
the magnetic equator of a star. Circular polarisation aceuren the magnetic field has a net
component parallel to the line-of-sight. In this case, thegmponents will vanish and the
sigma components will be circularly polarized with then; = +1 and—1 being polarised in
the opposite sense. Figure 1.3 presents a typical examgkesohan split components and cir-
cular polarisation across spectral lines for HD 318107, gmatc Ap stars with a line-of-sight
magnetic field strength of the order of 5 kG.

1.4.2 Detecting magnetism in stars

Direct measurement of the surface magnetic fi@y can be done when spectral lines are
clearly splitinto their respective Zeeman components gadfion 1.8. However, the detection
of Zeeman splitting is not very common in stellar spectragkeloften the rotation of the star
smears out the individual Zeeman components. As a rouglogippation, the surface field in



1.5. SECTRAL LINE FORMATION 13

kG must be about twice the projected rotation velogijni in km s in order to successfully
measureB).

Polarisation can be a powerful tool for detecting magnegid$ in stars. As opposed to
(B), the line-of-sight fieldB,) requires polarisation spectra of both left and right ciacyl
polarised light in order to determine the Stoképarameter.

One method involves measuring the circular polarisatiothéwings of a broad Balmer
line, such as M (see Landstreet, 1982; Bagnulo et al., 2002). In this casegitcular polari-
sationV and the line profild (1) can be measured adi computed. Then, an estimate(&,)
can be made using Equation 1.8. We refer the reader to Laedstral. (2009) where a simple
explanation of this technique is provided.

Another method, called Least Squares Deconvolution (L8Dhlves measuringB,) di-
rectly from the Stoked profiles (see Donati et al., 1997). In this method, all mietahd
He line profiles are assumed to have the same shape and amgedéngether into one mean
Stokes profile of both andV, with each line weighted by depth and Landé splitting facto
Essentially, this allows for stronger lines and linékeeted more by the magnetic field to be
assigned a larger contribution towards the average profie. then measure the magnetic
field from the averaged Stok&sprofile with the added advantage of a significantly increased
signal-to-noise ratio (SNR), making it possible to deteealer magnetic fields. Specifically,
the line-of-sight magnetic field is computed from the firsier moment of the Stokeé pro-
file:
[wW(v)dv

B,) = -2.14x 10% ,
(B2 8 Az [[lc = 1(v)] dv

(1.9)

where(B,) is measured in Gauss,is the mean wavelength of the mean Stokes profile in A,
z is the mean Landé factor andis velocity in km st. A more detailed description of this
method is discussed, for example, by Donati et al. (1997JaNa al (2000) and Landstreet
et al. (2008).

1.5 Spectral line formation

An adequate explanation of spectral line formation reguile ability to track the path that
a photon will take in the stellar atmosphere. This is acldav&ng theequation of radiative
transfer, which is discussed in the following section.
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Figure 1.4: This is the geometry used to solve the transfaateon. It shows the relation
between the radiation leaving the surface at an afighethe normal and the optical depths
alongs.

1.5.1 Equation of radiative transfer

The equation of radiative transfer is most easily undestower the assumption of a purely
absorbing and thermally radiating gas. Under the assumhiat absorption occurs through-
out the atmosphere of a star, and ignoring scattering psesesne can model the basic physics
of stellar line formation. To begin, assume a plane paratielosphere (a good approximation
for a star where the depth of the atmosphere is a tiny fracidhe stellar radius). Figure 1.4
outlines the geometry in the atmosphere of a star. Consatkation emitted from the star,
passing through the atmosphere at an afigl€he intensity of radiation, () at a given fre-
guencyv passes along the vecter As per the equation of radiative transfer, some radiation
will be absorbed and emitted along paitbut not lost due to scattering processes:

dl(6)
IS - -k, 1,(0) + €,. (1.10)

Absorption of radiation along pathis taken into account by the opacity ¢beient,«, (cm™2),
where the emissivity,, is the amount of radiation being emitted (ergsési! Hz ! ster?). In
principle, ifdl,/ds > 0 the intensity of radiation increases along the veswith ¢, > «,l,.
This produces an emission spectrundllif/ds < 0, meaning tha¢, < «,l,, there is a loss of
intensity along the pathk, which produces absorption features in a spectrum.

Noting thatdr, s = x,dsand cosf) = —dr,/dr, s one can show that the angular dependence
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of the equation of radiative transfer is

dl,(6)

cose)?

=1,(0) - S,, (1.11)
whereS, is the source function and is defined&gk, (the emissivity divided by the opacity
codficient). Solving this dierential equation, one can obtain the surface intensityiaddhat

1,(0,6) = fo " S, (r,)e ™ (1, seds). (1.12)

This equation can be easily understood. The optical deptigalis d(r, secd) and
S, e ™ %%d(r, sed) is the fraction of radiation that reaches the surface ofstae One can
obtain an explicit solution by assuming a linear source fionc

SV = a,, + bVTcont, (1.13)

wherea, andb, are taken as constants (that in principle would depend uperchoice of
frequency) and-. is the continuum optical depth. Further, local thermodyiaaquilibrium
(LTE) is assumed so th&, = B,, whereB, is the Planck function (black body radiation).
The assumption of LTE is a good approximation, regardledbefact that energy is lost at
the surface of the star. This is due to the fact that the mesngdath of the radiation is small
compared to the size scale of the region under considerddefiningu = cosd, S, = a,, and

B =b,/a, and solving Equation 1.12 one finds that

leont(6) = So(1 + Bu) = Scont(Tcont = 1) (1.14)

This is a very powerful equation. For a given source fungtame has the emerging specific
intensity at varying inclinationg to the vertical. Notice that the emergent specific intensity
depends upon the choice of frequency and the angle. As aesiexalmple, consider limb
darkening in the Sun. At the centre of the Sun, whieee0, | IS maximum whereas at the
edge of the Surd(= 90°) Iont iS Minimum.

1.5.2 Spectral Lines

We know thatk, = keont + kiine, Where the total opacity is the sum of the continuum opacity
and the opacity in the spectral line. Definingto bexine/kcont = CONStant one can express the
opacity at a given frequency as,

&, = (1 + 1,)Kcont (1.15)
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Here,n, describes the line profile. Fef.e << kcont, the opacity in the line is small compared
to that of the continuum and only weak lines (if any) are obser Conversely, fokjne > kcont
the absorption features are substantially stronger tratrofitthe continuum; stronger lines are
observed. Assuming that is independent of depth in the atmosphere (the Milne-Eddimg
approximation), one can rewrite Equation 1.15, recallmag t, = «,S:

Ty = (l + nv)Tcont, (1-16)

with r, now equallyriine/7cont. Modifying Equation 1.13, the source function now becomes

Bty

S,(1,) = So(1+ 1em,

). (1.17)

Simply solving Equation 1.12 for this new source functioelgls a new expression for the
surface intensity:

Bu
1+n,

This expression (which applies locally to a point on thelatedurface) describes the specific
intensity that is emergent throughout a spectral line. A Icentre, notice that, >> 1 (ie.
Tiine >> Teont); the intensity in the line decreases to create a largerrpbsn feature because
of the larger line opacities. Nearer the wings, the opaadityd df and the intensity increases
in the line.

1,(0) = So(1 + ). (1.18)

Absorption Features

The creation of absorption lines requires a temperaturgigma In stars, this gradient is cre-
ated with the cooler atmosphere. Specifically, absorp@atures are due to bound electrons
in a certain energy state absorbing a photon of enler@and jumping to a higher energy level.
The absorption feature will occur at frequengyout can only occur if there is an energy level
to jump to such thaE; = E; + hv. However, the physics is more complicated: What broadens
a spectral line? What determines line depth?

Photons coming into the atmosphere encounter atoms mowdifferent velocities. These
thermal motions allow photons of slightly ftkrent energies to be absorbed and contribute
locally to the line. Away from line centre, a photon that ighktly shifted in wavelengthA+AQ)
will see an optically thin medium for a longer distance in lihe-forming region than it would
otherwise without the thermal motions of the atom, which nsethat the photon will not be
absorbed immediately. This serves to broaden the speictestound the wavelength, This
is referred to as thermal broadening. Other local broadediiects include microturbulence
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and magnetic fields. Microturbulence is characterised bgllsseale motions in the stellar
atmosphere that are characterised by a Gaussian velosttjbdiion. Analogous to thermal
broadening, the microturbulent velocities produce Dopplefts that broaden spectral lines.
The broadening of spectral lines due to magnetic fields caeée following the discussion of
Section 1.4 (see Equation 1.8). Stellar rotation is a noalised &ect that broadens spectral
lines. The rotation of the star creates blue and red-shiftedponents (as portions of the
star moves toward and away from the observer, respectivélyg spectral lines necessarily
broaden proportional to the rotation velocity of the stahisTis often the dominant form of
spectral line broadening in a star.

The strength of a spectral line is a function of the depth & datmosphere from which
the line was formed. Stronger lines form at shallower depthsreas weaker lines form at
deeper depths. This can easily be seen from Equation 1.¥eiflergent specific intensity is
described completely by,. Forn, << 1 (optically thin case) the line depth is proportional to
the total number of absorbing atoms. This creates weakrsppéioes. Asn, approaches 1 or
becomes much greater than 1 (optically thick case) the treagths necessarily increase. As
per Equation 1.18, the line centre has the lowest intendityrwy, >> 1 wherel,(0) = S, =
S,(0) = B,(0) for LTE. In the wings, the line is still optically thin. Ehline depth increases
with 7,, which increases the line width causing the line profile telolen: with increasing,,
the profile is first Gaussian, becoming more rectangular gedteally Lorentzian in shape.

1.5.3 Polarisation and the equations of radiative transfer

In the presence of polarised light, the equation of radtatrensfer has to be modified from
the above discussion. We describe polarised light usingtbkes’ parameterd;, Q, U and

V. In brief, | is the total specific intensityy is the circular polarisation (see Section 1.4)
and linear polarisation is described RyandU. Specifically,V = lignt — lier, measuring
the intensity of light beams through two circular polargsesne of which allows only right
circularly polarised light and the other only left circulapolarised light. Similarly, linear
polarisation is measured using a linear polariser that atiyws light linearly polarised at
a certain angle to be transmitted, while blocking the ortmad polarisation. Specifically,
Q = lg—Ilgo (comparing light linearly polarised at @ 90°), whereasd) = l45— 1135 (comparing
linearly polarised light at 45to 135). In general, all of the Stokes quantities are functions of
frequency.

We now present the equations of radiative transfer for p#drlight, without proof (see



18 CHaAPTER 1. INTRODUCTION

Stenflo, 1994, for a more complete discussion):

dli
Har = m(l = B)) +nqQ + mvV
d
udQ = no(l -B)) +mQ+prU
7,
du
Moo = PrRQ+mU — pwV
7,
dv
ey = nv(l = B) +pwlU +mV. (1.19)

In the above equationg andny are the ratios of the Zeeman opacities, which allow us
to follow the linear and circular polarisation in a givenhitgray. The variablepr andpw
describe the anomalous dispersion. The equations of naglimansfer are now much more
complicated and involve solving four coupled, linear, fiostler diferential equations (see
Martin & Wickramasinghe, 1979, for solution methods).

1.6 Spectrum Synthesis

The main focus of this thesis will be on performing spectrymtisesis of magnetic ABp
stars in order to derive accurate atmospheric chemicaldenges using theortran program
ZEEMAN. ZEEMAN Was developed in the mid-1980’s by John Landstreet withnkent of pro-
viding a first approximation to the magnetic field and abumeéatistributions of magnetic Ap
stars to compare with fiusion theory (Landstreet, 1988). Originally, the prograeglacted
anomalous dispersion, but the most recent incarnationseke et al., 2001) adds thiffect
because it has been shown that its proper treatment is ttacigproduce accurately all four
Stokes parameters, even the unpolarised pararheter

In this section, we briefly describe the spectrum synthesignamzeeman with focus on
its capabilities as opposed to its inner workings. A moreitkd description of how the code
works is documented by Landstreet (1988), Landstreet €1@89) and Wade et al. (2001).

1.6.1 Computing emergent spectra withzeeman

Landstreet et al. (2009) outline an accurate qualitatigedgtion of howzeeman computes an
emergent spectrum, which we will endeavour to summariseiscity. At its heart,zeeman
numerically solves the equations of radiative transferugipns 1.19) under the assumption
of LTE, a non-trivial exercise, using a method proposed bytM& Wickramasinghe (1979).
The program requires as input an approprigieand logg (usually derived from photometry)
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in order to obtain a suitable model atmosphere, which igpalated from a pre-tabulated grid
of ATLAS 9 models that assume a plane-parallel atmosphémictsire. The four equations
of radiative transfer are then solved on a grid with 0.01 Acépg (Landstreet et al., 2009).
Accurate atomic data are taken from the VALD database (R@ket al., 1995; Ryabchikova
et al., 1997; Kupka et al., 1999) and provide the appropsakctral linelists with precise
wavelengthsgf values, Landé factors and excitation potentials to comfndal line profiles
assuming a \Voigt profile. Zeeman patterns are computed tsbugar Landé splitting factors
or assuming L-S coupling. Line blending is dealt with by adpihe necessary polarised line
opacities prior to solving the equations of radiative tfans

A simple magnetic field structure is assumed that consistelxiear dipole, quadrupole
and octupole components with the angles of the rotation taxibe line-of-sighti and the
magnetic field axis to the rotation a@sspecified. To describe the abundance variations over
the stellar surfacezeeman allows up to six rings, with equal spans in co-latitude, thet
axisymmetric to the magnetic field axis. Within each ring #toundance for each element is
assumed uniform. This provides only a coarse descriptidheofrue abundance variations on
the surface of magnetic ABp stars, but provides a useful first step to describe theigdlys
conditions and atmospheric chemical abundances of thaxse st

Once the appropriate fundamental parameters of the stagefiréhe program compares
the computed spectrum to an observed one and chooses tHi bestiel from a reduceg?
analysis. The fit can further be optimised by iterativelyrskeng for the best-fit abundance, or
abundance distribution, in the desired spectral windovof@ element at a timeeeman also
provides the best fit projected rotational veloaitsini and radial velocityg.

lllustrative examples

zeeMaN was designed to model magnetic stars, but it works well for-magnetic stars (e.g.
Landstreet, 2011). For such fits, accurate valuebflogg, vsini, radial velocity, and mi-
croturbulent velocity are necessary. An example of a syitthié to the non-magnetic star
HD 22136 is shown in Figure 1.5. The abundances for the Fk-@leanents of Ti, Cr, and Fe
are roughly solar.

An example of a fit to the magnetic star HD 318107 is shown irufégl.6. This star
has large line-of-sight and surface magnetic field strengftthe order of 5 and 15 kG, re-
spectively (Bailey et al., 2011). To illustrate the enhah&e-peak and rare-earth elemental
abundances of magnetic Bp stars, Figure Hére a comparison of two model fits with the en-
hanced abundances of Bailey et al. (2011) and solar abuedatias. The figure clearly shows
magnetically split spectral lines as well as the necessity-&-peak elements of the order of
100 times the solar ratio to satisfactorily model the obséispectrum. The obvious residual
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HD 22136
Teff = 12700K, log g = 4.2, v sin i = 15 km/s
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Figure 1.5: An example of a model fit for the normal, non-maigne-type star HD 22316.
The observed spectrum is in black and the synthetic spedtrued.

HD 318107
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Figure 1.6: An example of a model fit for the magnetic Bp star BI3107. The observed
spectrum is in black, a solar abundance model is in blue anfittim red assumes the enhanced
Fe-peak and rare-earth abundances from Bailey et al. (2011)

differences between the observed and computed spectra ayedliketo vertical stratification
of elements in the stellar atmosphere (see Chapter 4). lti@udhis star is about fQtimes
more abundant in rare-earth elements than the Sun, whicigldighted by the presence of
Nd m at 4571 A.
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1.7 Abundance analysis of magnetic Bp stars

The main focus of this thesis is in performing abundanceyaesal of magnetic Bp stars using
the fortran progranzeeman. In chapters 2 and 3, detailed models of the magnetic Bp stars
HD 133880 and HD 147010 are described, which include moddiseir magnetic field ge-
ometries and chemical abundance distributions based atrepelarimetric observations from
the Canada-France-Hawaii Telescope’s (CFHT) ESPaDOn@repelarimeter. Chapter 4 in-
vestigates the discrepancy between abundances derivedinoand Sim in late B-type stars.

We report abundances derived from the two ionisation st#teticon for normal, HgMn and
magnetic Bp stars ranging irfffective temperature from about 10500 to 15000 K in fiare

to determine regularities in the phenomenon. We attemptpgtai this discordance in terms

of vertical stratification in the atmospheres of these starghapter 5, we present a compre-
hensive study of the atmospheric chemical abundances ohplsaf 15 magnetic Bp stars,
with mass 3.20.5 M,, that are members of open clusters, and thus have well-kages. \We
characterise trends with stellar age in the atmospherioddnces of these stars, providing the
first observational constraints toflilision theory on how these abundances evolve during the
main sequence lifetime of these stars. Finally, chapteménsarises the work presented and
suggests future avenues to expand upon this research.
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Chapter 2

The rapidly rotating magnetic Bp star
HD 133880

2.1 Introduction

HD 133880 EHR 5624) is a rapidly rotating late B-type chemically peauliBp) star with
the SiA4200 peculiarity. It exhibits an unusual magnetic field. Tiean line-of-sight mag-
netic field(B,) is very strong and observed to vary from about -4 2kG (Landstreet, 1990).
Unlike most chemically peculiar stars, HD 133880 has a fieid is predominantly quadrupo-
lar as opposed to dipolar. HD 133880 is a photometric vagiabth variations on the order
of 0.15 mag in thdJ-band, which may be the result of the large magnetic field (Méaes,
1985). The magnetic field serves to create a “patchy” digtidin of elements on the surface of
the star. This non-uniform abundance distribution, an@ssociated line blocking and back-
warming, may explain the photometric variations (Ryabohd 1991). Specifically, several
elements are distributed non-uniformly over the stellafage in a non-axisymmetric pattern
about the rotation axis. As the star rotates, the observemhetiz field strengtkB,) varies and
overunderabundances of elements are detected. The most gtakomalous abundances in
Bp stars are often found for Cr and rare-earth elements hndzio be as much as2énd 16-°
overabundant compared to the Sun, respectively (Ryabehji®91). The resultant variability
is explained by the oblique rotator model: the rotation aradjnetic field axes are at angles
andg to the line-of-sight and rotation axis, respectively.

Landstreet (1990) used longitudinal magnetic field measargs obtained from B in
conjunction with photometric data reported by Waelkens86)9to deduce a period of P
0.877485+ 0.00002 days for HD 133880. Lim, Drake & Linsky (1996) did alpninary

A version of this chapter is published as Bailey, J.D. et QL2 MNRAS, 423, 328.
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analysis of the rotational modulation of 3 cm and 6 cm radigssion from HD 133880. The
radio emission variation had both broad and narrow peaksctireelated with the maximum
extrema of the dipolaBy, and quadrupolaBy, contributions to the magnetic field reported by
Landstreet (1990), respectively.

Landstreet et al. (2007) confirmed HD 133880 as a member dfpiper Cen Lup associ-
ation and thus it is a star with a well known age of teg 7.20+ 0.10 (yrs). HD 133880 is
a very young star, having completed only about 5% of its magusnce lifetime (Landstreet
et al., 2007, 2008). Their preliminary analysis of many ptgischaracteristics concluded that
Ter = 12000+ 500 K, logL/L, = 2.10+ 0.1, and MM, = 3.20+ 0.15. Note that our analysis
(see below) has shown that thg; is likely closer to 13000 K. Table 1 summarises the physical
properties of HD 133880.

There are few hot chemically peculiar stars with broad spe&tatures for which abun-
dance analyses have been carried out. Because of the veplecgrstrong and unusual mag-
netic field, HD 133880 is a worthwhile candidate to study itadelt is also interesting from
the fact that it is a star with a well known age. HD 133880 is wna large sample of cluster
Ap/Bp stars first compiled by Bagnulo et al. (2006) and Landsteal. (2007, 2008) to study
the time evolution of magnetic fields in Ap stars. The curstatly is part of anféort to under-
stand empirically how chemical abundances evolve with tame stellar age in the magnetic
chemically peculiar stars. Recently Bailey et al. (2011greloterised one star in this sample,
the Ap star HD 318107«NGC 6405 77). HD 133880 is a second star of great interest from
that sample.

This chapter will discuss thefterts to characterise the magnetic field and abundance-distri
butions of several elements for HD 133880. The followingisecdiscusses the polarimetric
and spectroscopic observations used as well as the dedwogitldinal fields; Sect. 2.3 dis-
cusses improvement of the rotational period ; Sect. 2.4rdescthe determination of physical
parameters; Sect. 2.5 addresses the observed line praidgivas; Sect. 2.6 & 2.7 discuss
the magnetic field and abundance models; Sect. 2.8 reper&btindances obtained; Sect. 2.9
discusses the &dand radio magnetosphere; and Sect. 2.10 summarises tlea@esvork.

2.2 Observations

2.2.1 Polarised spectra

High-resolution spectropolarimetric (Stokesnd V) observations of HD 133880 were col-
lected with ESPaDONS at the 3.6m Canada-France-Hawaisd@be and HARPSpol on the
ESO 3.6m telescope. ESPaDONS and HARPSpol are both hightieadibre-fed spectropo-
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Table 2.1: Summary of stellar, wind, magnetic and magnétesp properties of HD 133880.

Spectral type B8IVp Si 14200 SIMBAD & BSC

Ter (K) 13000+ 600 This thesis

log g (cgs) 4.34+ 0.16 This thesis

Ry (Ro) 2.01+ 0.32 This thesis

vsini (kms?) 103+ 10 This thesis

P (d) 0.877476+ 0.000009 This thesis

log(L./Lo) 2.02+ 0.10 This thesis

M, (Mp) 3.20+ 0.15 Landstreet et al. (2007)
logt (Myr) 7.20+ 0.10 Landstreet et al. (2007)
By (G) —9600+ 1000 This thesis

By (G) —23000+ 1000 This thesis

Boct (G) 1900+ 1000 This thesis

i (°) 55+ 10 This thesis

B(°) 78+ 10 This thesis

1 ~ 10" This thesis

w 0.3 This thesis

Tspin 11 Myr This thesis

larimeters. Three ESPaDONS observations were obtainedignsh 3, 2010, and on July 14
and 15, 2011 (the latter in the context of the Magnetism in $W@sStars Large Programme
(MiMeS)), and one HARPSpol spectrum was obtained on May 3020Each ESPaDONS
spectropolarimetric sequence consisted of four indiMiduexposures taken inftkrent re-
tarder configurations, whereas the HARPSpol spectrumteegoim the combination of four
independent spectra, each comprised of four subexpossned over the course of about
9 minutes. The ESPaDONS measurements cover a spectralframg&70 nm to 1050 nm at a
spectral resolution of R65000, while the HARPSpol observation covers 370 nm to 69@nm
a spectral resolution of -RLO000O.

From each set of four subexposures, we derived Stioiad Stoke¥ spectra following the
double-ratio procedure described by Donati et al. (199%ugng, in particular, that all spuri-
ous signatures are removed at first order. Null polarisatpmctra (labeletll) were calculated
by combining the four subexposures in such a way that paldwis cancels out, allowing us to
verify that no spurious signals are present in the data (seafet al. 1997 for more details on
the definition ofN). All ESPaDONS frames were processed using the CFHT’s Upipadine,
feeding the automated reduction package Libre ESpRIT (Debal., 1997). The HARPSpol
spectrum was reduced using the REDUCE code (Piskunov & Wal002). The details of
this reduction can be found in recent papers by Makaganiak €2011) and Kochukhov et al.
(2011b). The peak signal-to-noise ratios (SNRs) per 1.8 Knvalocity bin in the reduced
ESPaDONS and HARPSpol spectra range from 449-697.
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The log of spectropolarimetric observations is presenielible 2.2.

2.2.2 Unpolarised spectra

High resolution spectroscopic observations (Stdkegere obtained from ESPaDONS at CFHT
and ESO’s FEROS instrument at the 2.2m telescope locatea &tlla. FEROS is afchelle
spectrograph that has a wavelength coverage from 350 nnOtor@2vith a spectral resolution
of R~48000. FEROS is fed by two fibres (object and sky fibres), wimgrinciple can be used
to subtract the contribution of the sky from the object speot A more detailed description is
given by Kaufer et al. (1999). The two ESPaDONS observatiere taken on August 4 and
6, 2010, and the six FEROS spectra were collected on Febsyuérand July 19, 2009 as well
as February 7, 8 and 9, 2011.

The ESPaDONS data were reduced using Libre-Esprit in a maimmgar to that described
above. The FEROS data were reduced using the data-redsdtitvare (DRS) implemented
under MIDAS (Kaufer et al., 1999). The log of unpolarised&peis presented in Table 2.3.

2.2.3 Longitudinal Magnetic Field Measurements

The circular polarisation observations were analysedguie multi-line analysis technique
Least Squares Deconvolution (LSD; Donati et al. 1997). L&Bgines the information from
essentially all metallic and He lines in the spectrum by rsesrthe assumption that the spec-
trum can be reproduced by the convolution of a single “mear® profile (the LSD profile)
with an underlying spectrum of unbroadened atomic lineget#ied line depth, Landé fac-
tor, and wavelength (the line mask, as described by Wade,e2@00). This process allows
the computation of single averaged StokesndV profiles with much higher signal-to-noise
ratios than those of the individual lines, dramatically nopng the detectability of Zeeman
signatures due to stellar magnetic fields.

The atomic data were taken from the Vienna Atomic Line Dadab@ALD) (Piskunov
et al., 1995; Ryabchikova et al., 1997; Kupka et al., 1999020 The VALD line list used
in this analysis is characterised by the stellfeeive temperatur@ s and surface gravity
logg reported in Table 2.1, abundances as derived from the ddtabdundance analysis (see
Sect. 2.8), and an unbroadened line depth threshold eqés tf the continuum intensiti,
yielding approximately 10000 lines in the ESPaDONS spkwatiredow and 8000 lines in the
HARPSpol window. The line depths were then interactiveljsiéd so that the line depths
predicted by the LSD convolution model matched the obsedegdh of the spectral absorp-
tion lines as well as possible, thus improving the fit betwterspectrum and the LSD model.
Because Stokes profiles are detected in many individual spectral lines of H83880, we ver-



Table 2.2: Log of ESPaDONS and HARPSpol observations of HBB&GB. Listed are the instrument used, the Heliocentricaduli
date of the midpoint of the observation, total exposure tithe peak signal-to-noise ratio per 1.8 knt selocity bin, the phase of
the observation (according to Eq. 2), the evaluation of thieation level of a Stoke¥ Zeeman signature (DEdefinite detection,
MD=marginal detection, NBno detection), and the derived longitudinal field and lomgjhal field detection significancfrom both
V andN. In no case is any marginal or definite detection obtaineterNt profiles.

\% N
Instrument HJD tepy SNR Phase Detect B;+o0p z B/xop z
(s) pix* (G) (G)

ESPaDONS 2455411.732 720 629 0.640 DD 2038 534 -51+31 1.6
ESPaDONS 2455756.795 720 697 0.878 DD-2103+38 55.3 4323 1.9
ESPaDONS 2455757.877 720 573 0.111 DD-3671+43 854 -23+26 0.88
HARPSpol 2455319.726 520 449 0.787 DD 6502 10.5 -15+58 0.26
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Table 2.3: Log of unpolarised spectra. Listed are the insémnt used, the Heliocentric Julian
date, the peak SNR per 1.8 km‘sselocity bin, the exposure time and the phase computed
using the ephemeris of Eq. (2).

Instrument HJD SNR tep (S) Phase

ESPaDONS 2455412.727 180 386 0.774

ESPaDONS 2455414.728 180 394 0.054
FEROS 2454867.846 130 143 0.809
FEROS 2454868.818 130 103 0.917
FEROS 2455031.608 250 122 0.438
FEROS 2455599.820 240 141  0.990
FEROS 2455600.828 240 151 0.139
FEROS 2455601.868 300 121 0.325

ified (by examining simultaneously the Stokésnd| profiles) that this adjustment procedure
also resulted in a better agreement between the observembarmlited Stoke® spectrum.

The mean longitudinal magnetic field was measured by comgditie first-order moment
of the Stoked/ LSD profile within the line according to the expression:

W (v)dv
AgesrC [[le = 1(v)] dV’
where(B,) is in G, g IS the dfective Landé factor] is the mean wavelength of the LSD line

(B, =-214x 10" (2.1)

in A (typically around 5200 A), and is the velocity within the profile measured relative to the
centre of gravity (Mathys et al., 1989; Donati et al. 1997 é/at al., 2000). The uncertainties
associated witkB,) were determined by propagating the formal (photon stesibtuncertain-
ties of each pixel through Eq. (1). The integration rangepleyed in the evaluation of Eq.
(1) associated with each Stokes profile were selected ohaily through visual inspection so
as to include the entire span of the (highly variable) Stoka®file.

2.2.4 ATCA radio continuum measurements

HD 133880 was observed with the Australia Telescope Con#raay (ATCA) at 6 cm and 3.5
cm wavelength simultaneously on February 12, 14 and 16,.108%ach day, the observation
spanned-10 hours, during which time we observed HD 133880 continlyaysart from short
(~3 mins) scans of a secondary calibrator at regu{&0(mins) intervals. In this way, we
were able to attain full coverage in rotation phase for tla, swith repeated coverage (on
two separate days) for just over half a rotation phase tolkchdere any observed variations
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were repeatable (as indeed they were, as shown in Fig. 2 gfliake & Linsky 1996). The
primary (absolute flux density) calibrator used was PKS1834, and the secondary (complex
gain) calibrator PKS1458-391. We reduced the data in thedata fashion using MIRIAD,
being careful to omit data with poor phase coherence (tylpied the beginning and end of
each day when the source was low in the sky).

2.3 Rotation period

A period of Q87746+ 0.00001 d was reported by Waelkens (1985) based on Genevapéinto
ric observations. Landstreet (1990) recommended an adgungtof the period to 877485+
0.000020 d to bring the magnetic measurements reported by Botrandstreet (1975) into
agreement with those that he had acquired in 1987 and 1988.

When we phase the accumulated magnetic measurements of BEBQ3i.e. the three
measurements of Borra & Landstreet (1975), the 12 measutsroéLandstreet (1990), and
the 4 new measurements presented here) according to Leeits{1990) ephemeris, we ob-
serve a systematidiset of~ 0.1 cycles between the new measurements and those published
previously. Such anftset could be interpreted as the consequence of a small artoe ias-
sumed period. However, given the presence of importantddnoe non-uniformities on the
surface of HD 133880, it is likely that the shape, and pogdie amplitude of the longitu-
dinal field variation derived from metallic lines (i.e., ooew LSD measurements) and those
derived from hydrogen lines (i.e., the previously publimeeasurements) mayftér. Given
the sparse phase coverage of our new measurements, itesotleeambiguous whether this
apparent fiset is truly a consequence of a period error.

In an attempt to resolve this uncertainty, we examined tleggrhetric measurements ob-
tained by the Hipparcos mission (ESA, 1997). One hundigthand measurements of HD
133880 are reported in the 1997 edition of the cataldgliee periodogram of those measure-
ments in the range 0.5-1.5 days shows a clear, unique pea®&7at4Y 9+ 0.000030 d (The un-
certainty on the period, which corresponds todonfidence, is computed assuming Gaussian
statistics by calculating the variation of the redugéof a sinusoidal fit to the phased measure-
ments in the vicinity of the best-fit period (e.g., Pressnhkxy & Teukolsky, 1986)). A similar
analysis applied to Waelkens’ (1985) 87band measurements yield80745353% .d. Both
of these periods are consistent within the-\ZError bars. To improve the precision of the
period, we combined the two datasets. First, we used theftnanation reported by Har-
manec (1998) to convert thd, measurements to Johnsvrband. We then performed the
same period analysis on the combined data set (spanninky A&ayears), obtaining a period

lyizier.u-strasbg.fr/viz-bin/VizieR-S?HIP%2074066
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of 0.8774731+ 0.0000060 d.

Therefore the photometric data are indicative of a perio®.8774731 d, intermediate
between those of Waelkens (1985) and Landstreet (1990).

We note that if we phase the magnetic data with the above pieitec period, a slightly
longer period of 0.877476 d is necessary to bring the new etagmeasurements into better
agreement with the older measurements. Finally, this dexiso removes the phaséset be-
tween the observed radio flux variation noted by Lim, Drakeifsky (1996) and the magnetic
extrema.

Based on these results, we adopt the following ephemerid@oi 33880:

JDpmex = 2445472000(10)+ 0.877476(9) E, (2.2)

where we have adopted a zero point corresponding to mininhatometric brightness (which
occurs simultaneously with the minimum of the longitudinegnetic field). We determined
this () uncertainty by examining the? of the fit to the photometric data about this best-fit
value.

2.4 Determination of Physical Parameters

2.4.1 Hfective Temperature

The enhanced metal abundances and tfeces of the magnetic field have to be taken into
account when determining théective temperatures of Ap stars (Stepien & Dominiczak, 1989
Hauck & Kunzli, 1996). As a result,fiective temperatures determined using Genevgoand
StromgreruvbyB photometry using normal star calibrations must be corceteghe Ap stars
temperature scale. However, Hauck & North (1993) suggeststars that are either He-weak
or He-strong do not require that their temperatures be ctate

HD 133880 has available both Geneva and Stromgvbys photometry for the determina-
tion of efective temperature. We have used both in this analysis.HeoGeneva photometry
we have used the FORTRAN program described by Kunzli et &97), and discussed by
Landstreet et al. (2007), to obtain an estimate of tiiective temperature. For the Stromgren
uvbyB photometry we used the FORTRAN code “UVBYBETANEW-ap” whisha modi-
fied version of “UVBYBETANEW” (Napiwotzki et al., 1993; Moo& Dworetsky, 1985) that
corrects the fective temperature to the Ap temperature scale. Howevehisnanalysis no
correction was applied to the temperature because HD 133888ssified as a He-weak star
(Hauck & North, 1993), which is confirmed in this thesis (seetS2.8).

We foundTe; = 13300 K and 12700 K usingvbyB and Geneva photometry respectively.
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Figure 2.1: PhaseW-band (Waelkens (1985); filled squares) dtygband (ESA 1997; open
diamonds) photometry. The Hipparcos photometry has besedto the Johnsov system
using the transformation of Harmanec (1998).



34 CHAPTER 2. THE RAPIDLY ROTATING MAGNETIC Bp star HD 133880

The scatter of these measurements about their mean is afdéeas 300 K. Given the intrinsic
uncertainties in determining théective temperature for a magnetic Ap star, in addition to the
global uncertainties in the applied methods we optimifificaopt an uncertainty of approxi-
mately+600 K. Both the Geneva andbyB photometries are rotationally averaged values and
their variations are included within the quoted uncertamt We use the average of the com-
puted temperatures, adopting dfeetive temperature afy = 13000+ 600 K for HD 133880.

If the Ap correction to the temperature is applied, a valuggf= 12440 K is found, which is
within the the uncertainty of our adopted value.

Netopil et al. (2008) performed an analysis on the tempegatalibration of chemically
peculiar stars. Included in their analysis was HD 133880ndJphotometry, their calibrated
temperature corrections suggest thatTheis 11930+ 210 K. This agrees, within uncertain-
ties, to our derived ¢ if we corrected our derived temperature to the Ap tempeeagaale.

In our analysis, we favour the high&g; based on work by Hauck & North (1993) and the
better quality fits to I8 using the model fits of Kurucz (1979) with the higher of these t
temperatures. We do, however, compare the derived abueslahall elements using thigg
reported by Netopil et al. (2008) of 12000 K to our adoptedigalf 13000 K (see Sect. 8).

2.4.2 Luminosity

In addition toTe and theV magnitude of HD 133880 (see Table 2.1), we also require a bolo
metric correction in order to calculate the stellar lumihod andstreet et al. (2007) derived a
set of bolometric corrections as a functionl@f that can be applied to Ap stars. Applying this
correction (see Equation 1 in Landstreet et al. (2007))lt®sulog L/L, = 2.02+ 0.10. Here,
the uncertainty was estimated in the same manner as desdnjbkeandstreet et al. (2007).
Note that we used E(B - V& 0.00 to compute the luminosity, which is confirmed by looking
at the colour-colour diagram of (U - B) versus (B - V)

2.4.3 Other Parameters

Based on values ofs and luminosity determined in Sect. 2.4.1 and 2.4.2, théasteddius
is found to beR = 2.01 + 0.32 R,. Landstreet et al. (2007) report a mass for HD 133880 of
M = 3.20+ 0.15 M,, (consistent with the values @t; and luminosity in this chapter), which
can be used with the derived radius to estimate the surfanatgrlogg. We find logg =
4.34+ 0.16, consistent with young age.

From our adopted period of £0.877476+ 0.000009 days (Sect. 2.3) andini = 103+
10 kms? (see below) we can estimate the inclination angle of thetiomtaaxis to the line of
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sight,i, using the equation
. (vsini)P

SN="506R
wherevsini isin km s and R in solar radii, to obtain a valueiof 63° +18. All the physical
parameters derived are summarised in Table 2.1 and areeeragnt with those reported by
Landstreet et al. (2007).

(2.3)

2.5 Line profile variations

To characterise the line profile variability of HD 133880 weasured the equivalent width vari-
ations for a number of spectral lines. The spectral linegwemormalised to the surrounding
continuum regions and the equivalent widths were compuyeaulnerically integrating over
the line profile. A single uncertainty value was estimataddgach pixel from the RMS scat-
ter in the continuum regions surrounding the line profile #meresulting uncertainties in the
equivalent width measurements were found by adding thd pneertainties in quadrature.

In Fig. 2.2, we show equivalent width measurements phaseldet@phemeris given in
Eq. (2.2) for select lines of titanium, iron, chromium anlkicein. The equivalent width curves
are all similar and show strong, approximately sinusoidaltions consistent with the rotation
period. For each element, the equivalent width reaches amaim at about phase 0.5. The
largest variation is seen in the €£4588 A line with the equivalent width measurements almost
doubling in value. Similar equivalent width changes arenfbin the Tin 4533 A and Fa
4583 A lines, but a much smaller amplitude of the variatiomesasured in the i 5056 A
doublet. Clear variations are also seen in other specties lof these elements.

The equivalent width variations for each of the elementi@tbin Fig. 2.2 appear to be the
result of absorption features travelling through the linefipe. The net result is a variation in
the total depth, as well as shape, of the line, as demondtogtéhe profiles shown in Fig. 2.3.
The Si line plotted in Fig. 2.3 has the simplest variationghwhat appears to be a single
feature travelling from negative to positive velocitieshelvariations in the other lines are
phased similarly, but the line profiles are generally momagiex.

2.6 Magnetic Field Model

Before any meaningful abundance analysis can be done, vktoesstablish an appropriate
magnetic field model. Landstreet (1990) derived a best-fgmatic field model based on lon-
gitudinal field measurements ofgHor HD 133880. He adopted a magnetic field geometry
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Figure 2.2: Phased equivalent widths measurements fonthesited spectral lines measured
from the ESPaDONS (black squares), FEROS (red triangles)H&RPSpol (blue circles)
datasets.

with the inclination angle of the line-of-sight to the rotat axis,i, equal to the angle of the
magnetic field axis to the rotation axpwith a value of 90 (i = g = 90°). The dipolar and
quadrupolar components werg B —8125 G, and B = —10900 G, respectively. (Note that
we have corrected negative sign errors in both componenthéoderived field reported by
Landstreet (1990)). From this model, it was establishetltttepredominant magnetic field
distribution over the stellar surface is quadrupolar WBh) variations that are clearly not si-
nusoidal. Further, since a change in the sign of the longitldield is observed,+ g must be
greater than 90 However, Landstreet’s adopted geometry is barely cagrdistith our calcu-
lated inclination ofl = 63° + 18 (see Sect. 2.4). Also, Landstreet (1990) had no information
about the variations of the surface magnetic field modyBjs,making it dtficult to constrain
the field further. Landstreet (1990) pointed out that thereot a unique model for the observed
magnetic curve of HD 133880 and suggested an alternate ggoofie = 80° andg = 55° that
produces a similar curve (note that the valuesaidg can be interchanged withouffecting
the magnetic curve). This second geometry is therefore ichnbetter agreement with our de-
rived value ofi. Unfortunately, Landstreet (1990) did not provide the ealof the dipole and
guadrupole components for this alternate geometry. Westhier search for a new magnetic
field model that agrees well with our derived valueifof 63’ + 18°.
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Figure 2.3: Observed metallic line profiles for the indichliees. Shown are the continuum-
normalised spectra, displayed in such a way that the camtinof each spectrum is plotted at
a position on the vertical axis that corresponds to the pbases observation.
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Figure 2.4: The top panel depicts the surface magnetic fieldutus variations as measured
from Feu (red upward facing triangles) and @r(blue downward facing triangles) with the
solid (black) curve representing the adopted best-fit motleé bottom panel shows tK8,)
field variations observed for HD 133880 for our adopted mégffield model. The red circles
are measurements from Landstreet (1990) usiggtht blue triangles are LSD measurements
from ESPaDONS, the purple diamond HARPS and the solid (blagk/e the adopted mag-
netic field model. The minima of théB,) and (B) curves occur at phases 0.037 and 0.537
respectively.
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Table 2.4: Lines used to measyB. The atomic data were gathered from the VALD database.
Smallz Largez
Element A (A) z A (A z
Fen  4508.288 0.50 4520.224 1.34
Cru  4284.188 0.52 4261.913 1.080

2.6.1 Surface magnetic field modulus measurements

To further constrain the magnetic field, information abdet surface magnetic field modulus
(B) is required. To obtain this, we cannot rely on Zeeman spijtbecause rotational broad-
ening dominates the spectrum, smearing out any observaaman components. Although
dominated by rotation, the magnetic field contributes a mede fraction to the width of a
(Stokesl) spectral line. Preston (1971) outlines a method to obtaamsurface field mea-
surements from rotationally broadened spectral lines.d@gmaring the widths of two spectral
lines of a given element that have a large and small meand_&xtor (i.e., lines that are
strongly dfected by the local magnetic field to ones that are not) we céairoh meaningful
measurement of the magnetic field modulus. Preston (197ihedea parametes:

1/2

(2.4)

9

(=)

wherew, andws are the averages of the measured line widths, in cm, of lindsaviarge
and small Landé factor respectivelyjs the wavelength in cm anzithe mean Landé factor
where thel. andS subscripts refer to the lines with large and small Landé&faaespectively.
Preston then finds the relationship between the surfacediel& to be

B(kG) = 0.5 + 7.9K. (2.5)

The challenge with HD 133880 was to find a pair of spectralslitteat were not strongly
blended with other lines from which to measure line widthabl& 2.4 presents two sets of
lines for Cru and Fei from which line widths could be measured.

Although good candidates, these spectral lines are sttk ¢gplended with adjacent lines in the
spectrum. To combat this problem, we measured line widthiseatontinuum by repeatedly
fitting Gaussians to the spectral line using IRA3ot function. The average width for each
feature is taken in our calculation. We were also limited égotving power and SNR in our
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Table 2.5:(B) measurements from lines of Grand Fen for spectra from ESPaDONS and
HARPSpol. Phases are computed from Eq. 2 and uncertairstiesated to be:2.5 kG.
(B) (kG)

Instrument Phase FRe Cru

ESPaDONnS 0.054 194 17.2

ESPaDONS 0.111 21.1 22.9

ESPaDONnS 0.640 10.7 11.9

ESPaDONnS 0.774 109 12.8

HARPSpol 0.787 11.4 12.3

ESPaDONnS 0.878 16.9 14.8

FEROS spectra. Specifically, the combination of the lowsolkgion of the FEROS instrument
and lower SNRs in the data meant that we were unable to unaimimsty measure the spectral
line widths. As a result, only the ESPaDONS and HARPSpoltspeould be utilised. Results
are summarised in Table 2.5 and illustrated in the top pdrfeore 2.4.

It is encouraging that the magnetic field values measured froth Fen and Crin agree well
with one another, suggesting the variations are indeed @aé to the high blending in the
spectral lines and the ambiguity in measuring the line vedie estimate the uncertainties to
be+ ~ 2500 G, though this value may be optimistic. Although thighmod is not as precise as
measuring the splitting of spectral lines due to the Zeentiatte it does provide meaningful
constraints on the magnetic field. It is clear from these mwegsents that the surface field
varies from about 20 kG at the negative magnetic pole to 10d#3 the positive magnetic pole
(see below). The derived field is consistent with a non-sirdad curve (though no definitive
conclusions can be made given the limited number of datatpaind size of the error bars),
much in the same manner to the line-of-sight magnetic fialdifbthe opposite sense: the
maximum of the longitudinal field curve corresponds to theimum of the surface integrated
field curve. More measurements(®) are required to constrain the field further which requires
more high SNR observations of HD 133880.

2.6.2 Magnetic field geometry

TherLpsrcu program was used to obtain the magnetic field geometry for BE8&0 (Land-
street & Mathys, 2000). This program has longitudinal anfesxe magnetic field strengths at
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Figure 2.5: The geometry adopted for HD 133880. The veréigd is the rotation axis of the
star. The angle between the line of sight and the rotationiaki= 55°. The angle between the
rotation axis and the magnetic field axigis: 78°. The left panel depicts an orientation where
the positive magnetic pole is closest to the line of sight§a® = 0.537) and the right panel
is when the negative magnetic pole is nearer alignment WwéHibe of sight ¢ = 0.037). The
bands used for dividing the abundance distribution are sheswsolid lines and are normal to

the magnetic field axis.
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four different phases as input, which are then used to iterativetglséar the best fit, 8, By,
Bg, and B. For a more complete description refer to Bailey et al. (3J0Measurements of
(B,) from Landstreet (1990), as well as the four new measurenientsthis work, provide
good constraints on the observed variations. We also hapertant limits orB) that appear
to range from 10 kG to 20 kG near the positive and negative etagpoles respectively (see
above). This information allowed us to derive a new field getsyni=55" + 10°, 8=78" + 10°,

By = —9600+ 1000 G,By = —23200+ 1000 G, andBy = 1900+ 1000 G. Uncertainties were
estimated by observing the deviations from the derived tigl&changing the input parame-
ters of(B,) and(B) within their uncertainties. This field corresponds welllwitur calculated
value ofi = 63 + 18 and has the added advantage of agreeing with the alternateete
proposed by Landstreet (1990) (see above). An illustratioour adopted geometry is pre-
sented in Figure 2.5. The bottom panel of Figure 2.4 showsibael(B,) curve over-plotted
with (B,) measurements from Landstreet (1990) and this thesis. Alhthasurements agree
well with the computed model and the measurements made tiengetallic spectrum agree
remarkably well with Landstreet (1990) who made measurésnieom H3. The field varies
non-sinusoidally from about -4.5 kG at phase 0.037 to 2 kGhasp 0.537. The field curve is
flat and extended around the positive magnetic pole with il idgcline towards the negative
magnetic pole. The quadrupole-to-dipole ratippf the adopted model is 2.4, which clearly
indicates the presence of a strong quadrupole componenthé&kefore concur with the con-
clusion of Landstreet (1990) that the field of HD 133880 degper a significant way from a
simple centred dipole.

2.7 Abundance Model

We utilise therortrAN programzeeman (Landstreet, 1988; Landstreet et al., 1989; Wade et al.,
2001) to perform the abundance analysis of HD 133@86uan computes emergent spectra of
all four Stokes parameters for stars with a permeating ntagfeld. It assumes a low-order
multipole geometry for the magnetic field based on the abevived values for, 8, By, By,
and By. Up to ten phases of observed Stokespectra can be fit simultaneously with the
abundance of one element varied at a time. For each iteraiienan automatically adjusts
vsini and the radial velocity of the star to optimum values. Cutyeup to six rings of uniform
abundance on the surface of the star can be specified thaelhaat spans in magnetic co-
latitude.zeeman produces output for the abundance distribution of a givemeht at dierent
magnetic latitudes. Inféect, this model provides a rough 1D map of the variation ofhalamce
from one magnetic pole to the other.

Initially, uniform mean abundances for each phase of HD 8838ere found, however, we
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quickly discovered that a multi-ring model would provideettpr fit. As explained by Bailey
et al. (2011),zeeman was designed to quantify hemispherical abundance vansfior stars
similar to 53 Cam+£HD 65339) (Landstreet, 1988). HD 133880 exhibits largdesaaundance
variations over the stellar surface and, as is evident flmrdngitudinal magnetic field curve,
both magnetic hemispheres are observed. Our preliminanydamce analysis suggested that
a maximum of three rings should be used to quantify the amoedsariations because we
saw abundance anomalies that varied between both magoéts gnd the magnetic equator.
Nevertheless, we experimented with fewer and more ringb@surface of the star. We found
that more than three rings did not significantly improve thaliy of fits and fewer rings did
not adequately model the observed variations in the Stokpectra.

For our analysisT ¢ was set to 13000 K and lagto 4.3 which are both consistent with the
values determined in Sect. 2.4. The atomic data were takenVienna Atomic Line Database
(Piskunov et al., 1995; Ryabchikova et al., 1997; Kupka £t1899, 2000). The best-fitting
value ofvsini was found to be 10810 km s. Due to the strong blending in the spectral lines,
identifying the best fit required visual evaluation of theesgment between the computed and
the observed Stokdsspectral lines in several windows of the order of 80 A widencsithe
strong magnetic field should suppress any convective matishich in any case are expected
to be small at thi ;, the microturbulence parameter was setto O kin s

2.7.1 Spectra normalisation

For stars in whichvsini is greater than around 100 km'gas is the case for HD 133880)
the dominant source of error in abundance analysis is frontimmoum normalisation. The
reason for this is that in a spectral region that is on theroofi@00 A wide, there may only
exist a few continuum points from which to normalise the $peu. Often it is dfficult to
determine which features should be placed near the comtirand which should not. To
combat this problem, we performed continuum normalisatf@pectra of normal, sharp-lined,
A-type stars from both the ESPaDONS and FEROS instrumedetéomine the highest degree
polynomial required to normalise a given spectral windowl. spectral windows were about
100 A wide to maximise the number of continuum points preserhe broad-line spectra.
In all cases, no greater than two segments of a cubic splime veguired to normalise the
normal A-star spectra correctly. For a given instrumentspettral window, we also used two
segments of a cubic spline to continuum fit the spectra for BB880. In this manner, we
reduce the uncertainty introduced in the placement of thémmoum and ensure that all spectra
are normalised in the same way. Where necessary, we itsapierformed continuum fitting
for spectral windows for which synthetic spectra framman agreed poorly with our initial
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normalisation. Hill (1995) discusses further challengeperforming abundance analysis on
broad-lined stars.

2.7.2 Choice of magnetic field model

As described in Section 6, two magnetic field models adefuatearacterise the observed
variations of the longitudinal magnetic fiel(B,): that of Landstreet (1990) and the one pre-
sented in this thesis. To explore thiéeet of diferent magnetic field geometries on the derived
abundances, we performed abundance analysis of HD 13388&fl &dements using both ge-
ometries. The maximum abundancéeliences between the two models were found to be 0.1-
0.2 dex. We therefore adopt the new magnetic field geomegsgoted in this thesis because it
agrees well with the value efderived from physical parameters and has the added cartstrai
of the observed surface magnetic field modulus variatiBn, We report all abundances using
the new magnetic field geometry.

2.8 Abundance analysis

A total of 12 spectra, well spread in phase, were availabiéiio 133880, from the FEROS,
ESPaDONS and HARPS instruments. The HARPS spectrum wassadtin the abundance
analysis because its phase corresponded closely to twospetra with comparable SNR and
thus added no new relevant information. The large waveleogterage of these instruments
has allowed us to derive abundance distributions for O, MdiCr, Fe, Pr, and Nd, as well as
upper limits for the abundances of He and Ni. The largmi presented challenges in deriving
abundances due to the presence of significant blending isptbetra. Nevertheless, multiple
relatively clean lines of the majority of elements studieztevfound with varying strengths and
Landé factors, providing better constraints on the derasfeundances.

As discussed in the previous section, the present datasdfigent to perform abundance
analysis using a three-ring model with rings encompassirly imagnetic poles and the mag-
netic equator with equal span in co-latitude{60nitially six spectra were used (2 ESPaDONS
and 4 FEROS) that were well spaced in phase to derive the-titmg@bundance model. Once
the mean abundance values were found for each ring, modeldits produced for all spec-
tra. We have no observations for HD 133880 very close to tisitipe magnetic pole (phase
0.537). We do, however, have two spectréisiently near the positive pole, at phases 0.438
and 0.640, adequate for providing a first approximation écathundance distributions near the
positive pole.



Table 2.6: Abundance distribution of elements studied fbr33880.

Log(nx/nw)
He O Mg Si Ti Cr Fe Ni Pr Nd
Ring 0— 60° (negative pole) <-200 -2.78 -3.84 -279 -539 -455 -33%X-440 -6.52 -6.55
Ring 60— 120° (magnetic equator) - -3.38 -4.37 -2.64 -5.62 -454 -3.44 - 726 -6.47
Ring 120- 180 (positive pole) — -3.10 -391 -393 -6.75 -5.20 -4.11 - -7.288.22
o — +0.3 +0.3 +0.2 +0.2 +0.15 +0.1 — +0.2 +0.3
Solar abundance -1.07 -3.31 -4.40 -449 -7.05 -6.36 -450.78-5 -11.28 -10.58
# of lines modelled - 1 1 4 3 3 3 1 3 1
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The mean abundances derived for each element in each ringlarated in Table 2.6
along with solar abundances reported by Asplund et al. (RODI®e quality of fits was tested
(where possible) using multiple spectral windows with dediuncertainties estimated from the
observed window to window scatter of the abundance. Fos liaewhich there was only one
spectral line or region, we estimate the uncertainties tadweit+0.3 dex, which is the average
deviation from the derived abundance required to make thbtguof fit unsatisfactory between
the model and observed spectra upon visual examinationld&@larived a set of abundances
using T = 12000 K as reported by Netopil et al. (2008) for each of thenelats listed in
Table 2.6. We found that the abundances in each of the thrge changed by0.10 dex, or
less, for the Fe-peak elements (Ti, Cr, Fe) and no more #{lab5 dex for the rare-earths (Pr
and Nd), O, Mg, and Si which are within our quoted uncertastiT his suggests that the choice
of T does not significantly influence the derived abundances b BB880. To illustrate the
quality of fits of the three-ring model, two 80 A windows fof &1 modelled spectra are shown
in Figures 2.6 and 2.7. The quality and consistency of theehax discussed below for each
element modelled.

2.8.1 Helium

Many possible lines of Heare considered when determining the abundance of heliuitt,44
5015, 5047, 5876, and 6678 A. However, none of these linesimaenbiguously detected.
Nevertheless, fitting these regions provides a useful ulppérto the abundance of helium.
Our analysis confirms that HD 133880 is a He-weak star wittathendance of helium at least
a factor of 8 below the solar abundance.

2.8.2 0Oxygen

HD 133880 is classified as a Bp star with t#200-Si anomaly which suggests that the oxygen
abundance should be near or less than the solar abundanger(S& Searle, 1962; Roby
& Lambert, 1990). Initially, we attempted to derive the ogygabundance using the 7771-
75 A triplet. These lines ster from strong non-LTE féects and are highly saturated, making
them unreliable for abundance determination. A more ussdulbf lines are those at 6155-
56-58 A; the abundance distribution reported in Table 2féois these lines. These lines are
unambiguously detected, but are somewhat blended withriear the redward wing. The O
abundance varies from the magnetic poles to equator by arfatabout 2-3. At all phases,
oxygen is found from these lines to be overabundant neardbative and positive magnetic
poles by 0.5 dex and 0.3 dex compared to the solar ratio, cégely. Near the magnetic
equator, oxygen is comparable in abundance to the Sunwitigertainties.
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Figure 2.6: Spectrum synthesis of the region 5000 - 5080 Aguaithree-ring model. The
observed spectra are in black (solid) and the model fits ardiffdashed). From top to bottom
phases 0.054, 0.111 (both ESPaDONS), 0.139, 0.325, 0.4FEROS), 0.640, 0.774 (both
ESPaDOnNS), 0.809 (FEROS), 0.878 (ESPaDOnNS), 0.917, aAd (hdth FEROS). The line
of sight is closest to the negative magnetic pole at phass/@fd the positive magnetic pole
at phase 0.537. Spectra are positioned at arbitrary posiétong the vertical axis for display
purposes.

2.8.3 Magnesium

Only one clean line of diicient strength to model was found for Mgat 4481 A. This line
shows some variability, implying an overabundance of addub dex near both magnetic poles
and a roughly solar abundance near the magnetic equator.

2.8.4 Silicon

A total of four lines of Sin were found that were suitable for modelling: 5041 A, the deub
at 5055-56 A, 5955 A and 5978 A. The first two lines ofiSvere fit simultaneously and the
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result tested by using the same derived abundance modet ilattier two lines. Satisfactory
fits were obtained at each phase for all lines of Si, howeverdibublet at 5055-56 A was
systematically too strong in the model at all phases (se@€ig.6). Finding the best fit model
for the longer wavelength lines did not rectify the problefrstsonger spectral lines in the
model and produced a similar abundance distribution. Wddiry-scale abundance variations
for Si on the surface of HD 133880 from pole to pole. At the riegamagnetic pole and
magnetic equator, Si is approximately 25 times more aburitham in the Sun. The lowest
abundance is found at the positive magnetic pole where, Vesi is still about 3 times more
abundant than in the Sun.

Figure 2.7 highlights three Si lines at 4552, 4567, and 4574 A that are not modelled
well using the abundance derived from thenSines discussed above (red-dashed line). An
enhancement of the Giabundance of about 1 dex is necessary to model well the IBies
(blue-dashed line). This discordance is very suggestive dfects of non-LTE in the Sia
lines are expected to be smalliay; less than about 15000 K. Becker & Butler (1990) demon-
strate that non-LTEféects in the Siu lines decrease towards lower temperatures. The most
probable cause is strong stratification of Si in the atmospbéHD 133880 with the abun-
dance high in the atmosphere being much lower than near acabgepth ¢.) of about 1.
However, the largevsini (103 km st) makes normalisation flicult (see Sect. 2.7.1) and
studies on more hot Ap stars with lowgini’s are necessary to determine how widespread this
Sin/m discrepancy is, and how it may be explained.

2.8.5 Titanium

We have modelled the abundance of Ti using lines of &t 4563 and 4571 A as well as at
4805 A. The final model was determined using the former twediand tested using the latter
line. Ti exhibits drastic variations between magnetic paenearly 1.5 dex which can be seen

in Figure 2.7 where lines due to Tiiare much weaker at phases 0.423 and 0.625 than near
phase 0. Tiis most abundant at the negative magnetic poleewhis more than 40 times
more abundant than in the Sun and transitions to slightlyetombundances at the magnetic
equator £ 25 times overabundant). At the positive magnetic pole Tinky @bout 2 times
more abundant than the solar value.

2.8.6 Chromium

Several lines of Cr were found that were suitable for modg]lparticularly the Ci lines at
4558, 4588, and 4592 A. The latter two of these three lineg walatively clean whilel4558
is blended with Fer. All three lines were used to compute the three-ring modetg@nted in
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Figure 2.7: Same as Figure 6 for the region 4530 - 4600 A. Teergboxes highlight the
three Sim lines at 4552, 4567, and 4574 A. The red-dashed lines ireitat model fits to
abundances derived from theiSiines that are presented in Table 2.6. The blue-dashed lines
are model fits with about a 1 dex enhancement to the Si abuadahown in Table 2.6.

Table 2.6. All Cr lines in Figure 2.7 are fit well at all phasesgtmthe model fit at 4592 A
being slightly too strong at later phases. Large variatamsobserved from hemisphere to
hemisphere. Cr is weakest at the positive pole, but its adnueelis still 10 times greater than
the solar abundance. The negative pole and magnetic eduatera mean abundance that is
approximately 100 times greater than in the Sun.

2.8.7 Iron

A plethora of lines are available from which to derive the radance distribution of Fe. The
model was found using Fe lines at 4541, 4555, and 4583 A. The lines were dfisient
strength for abundance analysis and only the line at 4555b8eisded with Cni. Similar to
Cr, Fe is least abundant at the positive magnetic pole, wdnreebundance of about 2.5 times
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higher than the solar abundance is found, and most abundantime negative magnetic pole
and magnetic equator where a mean abundance approxim@teiyds larger than in the Sun
is observed. Most lines of Fe are modelled well, as seen iar€ig.7. Some weaker lines
are systematically too weak in the model (see Figure 2.6¢hvisi most likely attributable to
unrecognized blending.

2.8.8 Nickel

There are a few possibly useful lines ofiNio model at 5058, 5059, and 5064 A, however none
are unambiguously detected. Nevertheless, the regioellgakin Figure 2.6) proved useful for
obtaining an upper limit to the abundance of Ni, which su¢ggésat it is less than 10 times
more abundant than in the Sun.

2.8.9 Praseodymium

Three lines of Pr were found that were useful for modellinge Tinal model was computed
using Pnn and Pm at 6160 and 6161 A respectively. These lines are blendedtétredward
wing of the Or triplet at 6155-56-58 A, but are of ficient strength to obtain a useful abun-
dance. The model fits were then tested usingtBt 7781 A. A mean abundance was found for
the two rings covering the negative magnetic pole and mageegtiator that is about ¥@Gimes
overabundant compared to the solar ratio. At the positivgrmaac pole, Pr is least abundant
but still 10* times more abundant than in the Sun.

2.8.10 Neodymium

A possible useful line of Nah is at 6145 A, however the SNR is such that it is not unambigu-
ously detected at all phases and rotational broadeningesdabss line to be strongly blended
with Fen at 6147 and 6149 A. We therefore turn to Ndat 4711-12-14 A. These lines are
relatively clean, providing useful abundance determaretithat reveal a strong variation in the
mean abundance of Nd between magnetic hemispheres. Fotheotlegative magnetic pole
and magnetic equator Nd is greater thafi thifhes more abundant than in the Sun, whereas at
the positive pole this rare-earth is about 200 times the sate.

2.9 Magnetosphere

Lim, Drake & Linsky (1996) demonstrated that the 3.5 cm andrbradio flux and circular
polarisation of HD 133880 vary significantly and cohereratcording to the- 0.877 d pe-
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riod. They reported that the emission shows broad peakstheghases of the longitudinal
field extrema (corresponding, in Landstreet’s model, tophases at which the poles of the
dipole contribution to the field curve pass closest to the-bfisight), and narrower peaks at
the predicted phases of quadrupole component pole passagd¢ke quadrupole contribution
to the field curve). They also reported that the strong extiiaary-mode circular polarisation
varied in sign with phase, in agreement with the sign of tmgiudinal field. As described
in Sect. 2.2, we have re-reduced the ATCA radio data, buethex no significant flierences
in the reduced data compared to that described by Lim, Draken8ky (1996). Here we ex-
amine the radio emission in the context of a magnetospharierp combining the dynamical
concepts summarised by Owocki, Townsend & Ud-Doula (2086)the radio magnetosphere
model of Linsky, Drake & Bastian (1992).

Using the stellar wind parameters determined using the Céihéalism (Castor, Abbott
& Klein (1975): values ofM = 107! M./yr andv,, = 750 km s?), we compute the wind
magnetic confinement parametgr= ngRZ/I\'/Ivoo ~ 10’ (neglecting clumping, ud-Doula &
Owocki 2002), wherd, is the equatorial surface strength of the magnetic dipafepzment.
The rotation parameté = Veq/Verir = 0.3 (Ud-Doula, Owocki & Townsend 2008, where we
have included a correction for the oblateness of the stataliis rapid rotation). This places
the Alfvén radius aRa; = n-/* R, ~ 60 R,. In contrast, the Kepler (or corotation) radius is
located relatively close to the star, at abBut, = W2 R, = 2.2 R,. This geometry, in which
Rkep << Rair, results in a large spatial volume in which magnetospheaisrpa is predicted to
be maintained in rigid rotation with the star by the magnféid, while simultaneously being
dynamically supported against gravitational infall dueapid rotation (Ud-Doula, Owocki &
Townsend, 2008).

In principle, this situation provides conditions suitalite significant accumulation of
rigidly-rotating stellar wind plasma (diagnosed from gptiand UV line emission and variabil-
ity; e.g. Petit et al. (2011)), as well as a large region ovkiclv electrons can be accelerated
(thus producing the non-thermal radio emission; e.g. WynBkake & Bastian (1992)).

The phased radio light curves, illustrated in Fig. 2.8, bitta number of interesting char-
acteristics. First, it is clear that the radio measuremien8okesl andV/I vary significantly,
and are coherently phased with the rotational period derikem the photometric and mag-
netic measurements. Comparison of the 3.5 cm and 6 cm patiansand light curves fully
confirm the details of the variations. As described by Limlgtthe flux variation is complex,
characterised by strong, broad maxima at phases 0.0 anded.thé extrema of the longitudi-
nal field), and sharper, somewhat weaker secondary extrequadrature phases (i.e. 0.25 and
0.75). The polarisation degree varies approximately sinladly, with extrema of£16% and
a mean of zero. The new rotational period derived in Sectb@r})s the phases of the radio
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flux and polarisation extrema into good agreement with thgitodinal field and photometric
extrema, resolving the 0.05-cycle dfset pointed out by Lim, Drake & Linsky (1996). The
approximate reflectional symmetry of the light curve in bb#ndV/1 (horizontally, relative
to phase 0.0, as well as vertically for Stokéd, relative to thev/l = 0) is in good qualita-
tive agreement with the derived stellar geometry, in paldicthe large value of the magnetic
obliquity 8 ~ 90°, implying that we view geometrically similar regions of hagmagnetic)
hemispheres during a stellar rotation (see also Fig. 2.5).

Comparing the variations at 3.5 and 6 cm, we find that the dudds are nearly identical
in both | andV/I. The Stoked variations may display some smallfidirences in shape, in
particular with the central (phase 0.5) peak at 3.5 cm beamgesvhat shallower and broader
than at 6 cm.

The presence of structures in the radio lightcurve attaiblgtto the quadrupolar component
of the field is very interesting. While the Alfvén radius fibve dipole component fallsfioas
n4, for the quadrupole the fallfbis asy>® (Ud Doula, Owocki and Townsend 2008). The
“quadrupolar Alfvén radius” for HD 133880, computed assugthe magnetic model derived
in Sect. 2.6.2, iRarq = 21 R,. This implies that the radio emission at both 3.5 and 6 cm
forms significantly closer than 2R, from the star’s surface, if the origin of the radio emission

is charged particles in the outflowing stellar wind.

The ultraviolet Giv 111548, 1550 and Sv 111394, 1402 UV resonance doublets are both
sensitive indicators of the stellar wind and its structgramd modulation by the magnetic field
(Schnerr & Henrichs, 2008, e.g.). A search of the MAST arelmdicates that HD 133880 was
unfortunately not observed by the IUE satellite, nor witly ather instrument with coverage in
this spectral region. On the other hand, our optical specnain Hr as well as a number of
Paschen series H lines. An examination af éveals weak variability in the innet500 km's
of the profile.

In Fig. 2.9 we illustrate the line profile variations that ateserved in k. Fig. 2.10 shows
the phased equivalent width ofialong with that measured from the Pa 8590 A line. A telluric
line removal algorithm was applied to each profile beforelysmis to reduce the variations
caused by such features. While particular care has been takeep the normalisation of the
ESPaDONS and FEROS spectra as consistent as possiblejfitaslto judge whether the
small fluctuations that are found in the far wings are realroadefact of the normalisation.
At phases 0.0 to 0.35 we find that the line cores show excesslms relative to the average
profiles, reaching maximum absorption at phase 0.0. Betwéeases 0.35 to 0.8, the core
region of the h profile shows emission relative to the average profile. Unofately, our
phase sampling is not ficient to distinguish if these features propagate througtptiofile,
as would be expected from rigidly rotating magneticallyfooed plasma.
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Figure 2.8:Lower frame: ATCA Stokesl flux variation at 6 cm (filled symbols) and 3 cm
(open symbols).Upper frame: StokesV/I polarisation at 6 cm (filled symbols) and 3 cm

(open symbols).
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The Hx profile variability of HD 133880 might be a consequence of ifications of the
atmospheric structure due to the strong chemical non-tmifes we have determined to exist
in its atmosphere. However, we know that the disc-integrateotospheric He abundance is
constrained to be below 10% that of the Sun, i.e. less thanfl8gdvogen by number, at all
phases. So even a significant variation of the He abundantée bave no importantféect on
the atmospheric structure.

For the He star a Cen (which has a huge variation of He abuedawer its surface and
strongly variable metallic lines; Bohlender, Rice & Heat2810) Hx varies only in the core of
the line (over aregion perhaps 2 or 3 times the width of a gipretallic photospheric line) and
the variations quite closely mimic the variations obselivdtie star’s iron lines (i.e., the core of
Ha gets stronger at the same time asiffimes are strong). This may be what we are seeing in
HD 133880 as well, since the surface field and metal lines askest when H is also weakest
and most of the variations occur withi#200 km's of line centre. Given the dominance of the
guadrupolar field component, it is possible that the coatitim of magnetospheric material
to the overall variability of ik may be reduced somewhat, since material will be trapped in a
more complex circumstellar geometry: likely four or moréoftads” rather than the two clouds
seen in stars with dominant dipolar fields. For example, thesétiability of HD 37776, a B-
type star with a complex quadrupolar field, is quite modestgared to other stars with more
dipolar fields (e.g.¢g- Ori E; Oksala et al., 2011) despite the fact that it has sinpleysical
properties to the other stars. Therefore, at present welsitopclude that the origin of the H
line variations is unclear.

2.10 Discussion

This chapter presents our continuing work in the study ohahal abundance evolution with
time of magnetic AfBp stars in open clusters. The goal of this project is to mtukeimag-
netic field structure, to derive an estimate of the surfaeendance distribution of a number
of elements and to provide a preliminary analysis to serva smindation for further more
detailed modelling. In particular, more spectropolarifmestbservations will allow for a more
sophisticated interpretation of the surface abundandati@rs and magnetic field structure via
Magnetic Doppler Imaging (MDI; Piskunov & Kochukhov (2002)

HD 133880 is a very young, rapidly rotating Bp stasini ~ 103 km s?) that hosts a strong
magnetic field. The magnetic field variations were modellsidgia co-linear axisymmetric
multipole expansion with=55" + 10°, =78 + 10°, By = —9600+ 1000 G,B, = —23200+
1000 G, andB,; = 1900+ 1000 G. We used Hipparcos photometric measurements tagethe
with our own(B,) measurements, as well as photometric and radio emissianpdesented



2.10. DscussioN

Phase

110

1.00 Famg,

0.90 &
= 0.80F
=

0.70 &

0.60E

050

—1000 -500 0 500 1000
velocity (km/s)

1.20

1,00

0.80 ka

0.60

0.40

0.20
0.00F

—0.20 Rame

-1000 -500 0 500 1000
velocity (km/s)

0.025[C

0.020F
o 0015
3 n
2 F
2 0010

0.005

0.000LC

L L L L
-1000 -500 500 1000

0
velocity (km/s)

55

Figure 2.9:Top: Observed K line profiles with the mean profile indicated as dashed k&d-
dle: Shown are the continuum normalised spectra after subicatiie average of all thed

line profiles, displayed in such a way that the profiles arét@dbat a height that corresponds

to the phase of the observation. Also included is a dottezldmrresponding to a zeroftr-

ence to highlight the line profile variationBottom: Shown is the variance of the continuum

normalised spectra from the mean profile.
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spectra.

by Waelkens (1985) and Lim, Drake & Linsky (1996) respedtivéo refine the period to
P = 0.877476+ 0.000009 days. The abundance distributions of He, O, Mg, $SCiTiFe, Ni,
Pr, and Nd were modelled using three co-axial rings arouadwlo magnetic poles and the
magnetic equator. The Fe-peak elements are overabundaptced to the solar ratios with
strong variations on a global scale observed between héeries.

We have twelve Stokek spectra of HD 133880 spread well in phase that sample both
magnetic poles and the magnetic equator. Our adopted nmediedd geometry, although
an approximation to the actual field structure of HD 13388@] aur three co-axial ringed
abundance model provides the most detailed abundancesanpbssible given the limitations
of the model. Most elements studied appear to have a distimoh-solar abundance in most
rings. The abundance of Mg is slightly above solar at both matig poles but near solar
abundance at the magnetic equator. Upper limits to the anosd of He and Ni were found.
HD 133880 is clearly a He-weak star with an abundance at kedattor of 8 lower than
the solar ratio. Ni is no more than 10 times overabundant evetpto the Sun. All other
elements studied (O, Si, Ti, Cr, Fe, Pr, Nd) are more abunalatite negative magnetic pole
than the positive magnetic pole. Most interesting are tm@trans observed in O abundance.
Most Ap/Bp stars show O abundances near or below the solar abundatinu® (Sargent &
Searle, 1962; Roby & Lambert, 1990). However, a carefulystufdseveral O features reveal
that oxygen is more abundant than solar at both magnetis fwlest notably at the negative
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magnetic pole where O is 0.7 dex overabundant) but a solarda@nece near the magnetic
equator. This behaviour is certainly uncommon in Bp stansjfunambiguously determined
in this analysis.

In the context of the larger study of the time evolution of aspheric abundances of Ap
stars, itis interesting to compare to work done by Bailey.€2@11) on the Ap star HD 318107
(=NGC 6405 77). This star is also hokg; ~ 11800 K), young (log ~ 7.8 (yrs)), of com-
parable mass (25 + 0.15 M), and host to a large complex magnetic fielB,f varies from
about 1 to 5 kG). In contrast to HD 133880, it is a slow rotatwmilfi ~ 7 km s1) and only one
magnetic hemisphere is observed. The global propertiesmodspheric abundances is simi-
lar between both stars: the mean abundances for Fe-peaRr(THe) and rare-earth (Nd, Pr)
elements are comparable within uncertainties and cleasyatbundant compared to the solar
ratios. There are, however, notabldfeiences in the abundances of O and Si between both
stars. For HD 318107, the O abundance is more typical of Ag di@ing about 0.3 dex lower
than the solar value as compared to HD 133880 where O appehaesdverabundant. Siis
about 1 dex more abundant in HD 133880 compared to HD 3181@hvwsunderstandable in
that the former has the 34200 peculiarity whereas the latter does not.

Folsom et al. (2007) studied the chemical abundances afistan older cluster NGC 6475
(logt =~ 8.47 (yrs)) that have similar masses to HD 133880. Mean abuwedaior multiple el-
ements in the Ap stars HD 162576NGC 6475 55; 3+ 0.4 M, ), HD 162725 €HR 6663;
3.3+ 0.5 M) and HD 162305£NGC 6475 14; Z + 0.3 M) were derived. As compared to
HD 133880 and HD 318107, the abundances of Cr for all thras ata@ similar, being about
2 dex larger than in the Sun. However, the abundances of Trarappear to be slightly lower
and only 0.5 dex larger than the solar ratios, respectiviélis is in contrast to HD 133880 and
HD 318107 where Ti and Fe are about 1.5 and 1 dex overabundartared to the Sun, re-
spectively. A larger dataset is required before any defimitbnclusions can be made regarding
the time evolution of abundances in Ap stars.

HD 133880 was previously modelled by Landstreet (1990) wiaracterised the magnetic
field variations of this star with measurements of the lardjital magnetic field from Bl
Unlike most magnetic AfBp stars whose magnetic field structure is predominantlpldip
Landstreet (1990) found a magnetic field dominated by thegyenle component. Despite the
largevsini of the star, we were able to further characterise the magfietil of HD 133880.
The higher SNR and spectral resolution of the ESPaDOnSrsp®etde it possible to compare
spectral lines of the same element that have a large and karalez factor to characterise
the surface magnetic field modulus variatio(®}. By finding a model that characterises the
observed B,) and(B) variations, we are able to find the inclinatianof the line of sight to
the rotation axis as well as the tilt angle of the magnetidfelis,3, to the rotation axis. This
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Table 2.7: Measurements @,) using LSD masks composed of lines of single elements (Si,
Ti, Cr, and Fe) from the polarised ESPaDONS and HARPS sp@itfable 2.2).

Phase (B)(Si) (Bo)(Ti) (B2)(Cr) (Bo)(Fe)

(G) (G) (&) (G)

0.111 -3419+76 -5724+535 -4773+229 -3498+50

0.640 1790t 66 2255+ 304 2653:196 1993+ 44

0.787 102093 -506+308 1026+ 208 975+ 78

0.878 -1776+63 -2883+319 -2409+175 -2010+45

model is merely an approximation to the very complex fieldicttire of HD 133880, but is
suficient to provide a meaningful first analysis to the atmosighesundance distribution of
elements.

Figure 2.4 shows clearly the qualitative nature of bothKBy and(B) variations. There is
a rapid change in polarity in th@,) curve with a steep transition from the positive to negative
hemisphere. The strong quadrupolar component of the miagredtl causes a distinct non-
sinusoidal variation with the field structure flattening aetr the positive magnetic pole. The
fact that there is a clear pole reversal indicates that the siuthe inclination and magnetic
field axis must be greater than°90 + 8 > 90°, and that the line-of-sight goes well into both
magnetic hemispheres. The parameters of the adopted nafielet geometry are presented
in Sect. 2.6.2.(B,) measurements using all metallic lines (see Table 2.2) agsdewith
the measurements by Landstreet (1990) usipgg dtdiggesting that they sample the magnetic
field in similar ways (see Fig. 2.4). Longitudinal fie{8,) measurements of spectral lines of
only a single element provide clues to the inhomogeneoustsitie of the magnetic field and
the surface distribution of elements. Using all four of oofgpimetric observations, we have
remeasured the longitudinal fie{&,) using spectral lines of Si, Ti, Cr, and Fe. The results are
listed in Table 2.7.

It is clear from Table 2.7 that all four elements sample thi fie different ways. The
differences in measured field strengths can be attributed toothglex magnetic field (as
reported by Landstreet (1990) and discussed in this thasg)the inhomogeneous surface
distribution of elements which is a common feature of Bpsstdfear the positive magnetic
pole (phase 0.537) at phase 0.640, as well as phase 0.8 T8eHsiredB,) values for all four
elements dfer significantly. In the negative magnetic hemisphere (phase 0.037) Si and Fe
sample the field in similar ways, whereas Cr and Ti sample thgnetic field diferently with
(B,) measurements approximately 1 and 2 kG stronger than Si ariléieg the sharp decline
from the positive to negative magnetic pole (near phase’Q §& Figure 2.4), it appears that
only Ti differs greatly showing a polarity reversal as compared to theralements at the
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same phase.

The measurements of the longitudinal field usinfjestent elements reveal that particular
elements at dierent phases sample the field in very distinctive ways, whigigests a truly
complex magnetic field that cannot be accurately modelled bimple axisymmetric mag-
netic field (such as the one adopted in this thesis and by Ilt@sdg1990)). It also strongly
suggests an inhomogeneous distribution of various elestemthe stellar surface that substan-
tially affect the magnetic field measurements. We also compared thautedto the observed
StokesV profiles for the three polarimetric ESPaDONS spectra fottipiallines (Mg, Si, Ti,
Cr, and Fe). The agreement is poor, with the computed Stékmsfiles being much stronger
than the observed, further suggesting that our adopted etiagreld model is only a rough
approximation. This result is not unique. A recent paper loghtkhov et al. (2011a) on
HD 37776 EHIP 26742) reveal that the complex multipole model derivedfthe longitudi-
nal field predicts Stokeg signatures that are much too strong compared to the obsBtukds
V profiles. In this case, the multipole magnetic field modeh(lsir in structure to the one used
for HD 133880) predicts a large surface field, whereas thendtg Doppler Imaging (MDI)
results produce a much more modest surface field. This isakso, although less severely, for
o Ori E (Oksala et al., 2011). For this star, detailed analysisg MDI produced a magnetic
field model that closely resembled the observed Stokaofiles. The acquisition of new, high
SNR polarimetric observations of HD 133880 are necessafydoacterise unambiguously the
surface abundance variations and magnetic field structing \MDI.

The very strong field and rapid rotation of HD 133880 produnteresting magnetospheric
characteristics. In our preliminary analysis, we were ridedo conclude that the optical
spectra contain detectable information about the magpke&rs. However, HD 133880 is one
of only a few Bp stars for which radio flux variations have beeted. There are small but
distinct diferences between the 3 cm and 6 cm radio emission, such asdteensyically
lower 3 cm than 6 cm fluxes at phases 0.0 and 0.5. The 3 cm emissgyests a “bump” at
about phase 0.6 and the peak at about phase 0.75 is narro@emathan at 6 cm. The fact
that the radio spectrum is flat between 6 and 3 cm suggesththamission is optically thick,
and therefore we are observing the magnetosphere at tferatit radio surfaces rather than
an integration throughout the entire volume. These sulifferédnces in the radio light curves
at 6 and 3 cm then imply that these two surfaces cannot hawtigitae same shapes and that,
presumably, the magnetic field is not perfectly axisymmnoetdlD 133880 is a very exciting
target for more detailed magnetospheric modelling.
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Chapter 3

The surface chemistry of the magnetic Bp
star HD 147010

3.1 Introduction

The classes of main sequence A- and B-type stars are hostateety of atmospheric stellar
phenomena. Perhaps the most striking sub-class are thestiageculiar A- and B-type stars
(Ap/Bp). These stars became the focus of intense research wieo&a(1960) discovered
a 34 kG magnetic field in HD 21544% (Babcock’s Star); however, the existence of these
stars was evident prior to this discovery. The 3 stars are characterised by large, global
magnetic fields (of order 1 kG or more) that are roughly dipalanature. These fields are
long-lived and vary with the rotation period of the star, @his generally between about 1
and 10 days. This variability is described in the contexhefdblique rigid rotator model: the
rotation axis is tilted at an angleto the line-of-sight and the magnetic field is at an amgyle
to the rotation axis. In this framework, as the star rotati@erent portions of the magnetic
field are observed. Spectroscopic studies indicate thahaetegABp stars possess anomalous
atmospheric abundances of Fe-peak and rare-earth elerSgetsfically, Cr can be as much as
10? in excess of the solar abundance ratio and, more drastialagnd Nd are often times more
than 1@ times more abundant than in the Sun. The magnetic field strlesk these elements
in place on the surface of the star, which makes possibleglieaed patchy distribution that
is often distributed non-axisymmetrically about the rimtataxis. This results in variations in
spectral line profiles that also vary with the rotation perd the star (Ryabchikova, 1991).

HD 147010 € HIP 80024) is a magnetic Bp star with affiextive temperaturés; = 13000
+ 500 K (Bailey & Landstreet, 2013), luminosity log/L, = 1.92 and masd/M, = 3.15+

LA version of this chapter is published as Bailey & Landst@@t3, MNRAS, doi: 10.1098nragstt635
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0.20 (Landstreet et al., 2007). This star is a member of thgetUScorpius-Centaurus Associ-
ation, meaning it is a young star with an age of lbg 6.70+ 0.10 (Landstreet et al., 2007,
2008).

The rotation period of HD 147010 was measured using Genestaptetry by North (1984)
who found a period oP = 3.9210+ 0.0001 days. This value was later refined by Lanz &
Mathys (1991) td® = 3.92076 days.

Thompson, Brown & Landstreet (1987) obtained twelve lifisight magnetic field B,)
measurements fromgfor HD 147010. They found that the magnetic field varies frdyow
-6 t0-3 kG, noting that only the negative magnetic hemispheressed. They also deduced
that the star rotates withsini ~ 20 km s*. Later, Mathys & Lanz (1992) were able to resolve
Zeeman splitting in Fa at 6149 A at some phases. They found the surface magnetic Egld
to be of the order of 13 or 14 kG. Mathys (1994, 1995) measuBgdvariations from metal
lines, finding that the magnetic field varies between ab@®00 and-5000 G and thatsini =
22.1+ 4km st. A more recent study of B-type stars by Bailey & Landstreétl(® provided a
preliminary reconnaissance of the surface chemistry oéttem-Z iron peak elements (Ti, Cr,
Fe) finding they are between 10 to?ltimes more abundant than in the Sun. They also refined
the projected rotation velocity of the star, findingini = 15+ 2 km s,

This chapter aims to characterise the magnetic field anasaidhemistry of HD 147010
using recently obtained spectropolarimetric observatioom CFHT’'s ESPaDONS. Sect. 3.2
provides a brief overview of the observations used and dsgsimeasurements of the magnetic
field; Sect. 3.3 discusses the rotation period; Sect. 3.dritbes the adopted magnetic field
geometry; Sect. 3.5 outlines the spectral synthesis tqabniSect. 3.6 describes the surface
abundance distribution; and Sect. 3.7 discusses the sesult

3.2 Observations

Seven new spectra of HD 147010 were obtained for this prajsicty ESPaDONS, a cross-
dispersed echelle spectropolarimeter located at the @alRathce-Hawaii Telescope (CFHT).
A total of five of the observations are polarimetric with olvsgions of both StokekandV,
obtained with a resolving power of R 65000. The remaining two spectra are unpolarised,
with just Stoked measurements and R 80000. All measurements cover a spectral range
from about 3690 - 10481 A.

The dataset is summarised in Table 3.1, which lists the tetitsic Julian Date (HJD) at
the middle of the observation, spectral range and obseneddrsradial velocity (RV). The
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Table 3.1: Log of ESPaDONS observations of HD 147010. Fdn spectra the HJD, derived
phases{B,) measurements and) values measured from ke16149 and Ndn 16145 are

listed.
HJD Phase (B,) (B) (G) Window RV
(G) Fen 16149  Ndm 16145 (A) (km s?)
2455411.792 0.387 —4906+ 37 11100+420 11600:570 3690-10481 -5
2455412.743 0.629 - 14500630 15900280 3690-10481 -6
2455414.738 0.138 - 11760210 11300:280 3690-10481 -5
2455961.094 0.489 -4647+33 12200+ 420 11900:570 3690-10481 -5
2455967.113 0.025-4540+ 31 13400+ 420 14200:380 3690-10481 -4
2456099.960 0.908 -2917+36 15700+520 16400:380 3690-10481 -4
2456100.860 0.138 -4980+42 12000+ 320 12500:570 3690-10481 -5

remaining columns are discussed in more detail below. ThasRvieasured from fitting a
model synthetic spectrum to the observations during theddmnce analysis (see below). The
uncertainty is estimated from the observed scatter of pialt30 A windows to be of the
order of 1 km s?.

3.2.1 Longitudinal magnetic field strength measurements

Measurements dfB,) were obtained from the ESPaDONSspectra using Least Squares De-
convolution (LSD; see Donati et al., 1997). The techniqumlwves obtaining a mean line
profile by combining all metallic and He lines in the spectruhe advantage to this technique
is a much higher signal-to-noise ration (SNR), which img®the ability to detect Zeeman
signatures due to magnetic fields. The atomic data is olutdioen the Vienna Atomic Line
Database (VALD; see Kupka et al., 2000; Ryabchikova et &971 Piskunov et al., 1995;
Kupka et al., 1999). The VALD line list chosen has the appaipiTe and logg as well as
enhanced Fe-peak and rare-earth elements typical of mad¥Bp stars. Th&B,) value is
then computed using the first-order moment of¥herofile (e.g. Landstreet et al., 2008)

fw(v)dv
aze [[le = (W] dv’

(B,) =-2.14x10% (3.1)
where(B,) is in G, zis the mean Landé factor, anids the mean wavelength of the weighted
LSD line in A. The limits of integration were chosen by visim$pection of the mean LSD
profile to ensure that the entire signal was measured withntheduction of minimal noise
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Figure 3.1: The top plot shows th®,) field variations in HD 147010. The data points in
black (triangles) are the ESPaDONS data from Table 3.1. “&lte pbints in blue (squares)
and red (circles) are measurements from Thompson, Brownr&lsaeet (1987) and Mathys
(1994), respectively, translated vertically to align witie ESPaDONS data. The bottom plot
depicts the(B) field variations. The data points in blue (squares) are froathyls & Lanz
(1992) shifted to the current phase system. The points ir{(giecdes) and green (triangles)
are measurements from the ESPaDONS data from Table 3.1tfoFba A 6149 and Ndu 4
6145, respectively. In both panels, the solid black curveotkes th&B,) (top) andB) (bottom)
rotational variations predicted by our adopted field geoynet
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from the continuum. Formal errors were computed by propagdhe uncertainties through
equation 3.1. ThéB,) measurements are listed in Table 3.1.

3.2.2 Surface magnetic field strength measurements

The large magnetic field and smaikini in combination with the high resolving power of
ESPaDONS make it possible to resolve Zeeman split compsientany spectral lines. We
have made€B) measurements using the split components observed in#6449 and Ndn
16145, The value ofB) was evaluated using the expression

Al
4.67% 103127’

(B) = (3.2)
whereA2 is the shift of thes component from the zero field wavelengify,is the rest wave-
length andz is the mean Landé factor. To measure these values, we eetptbg same tech-
niques as discussed by Bailey et al. (2011). In summary,doh eplit component, multiple
measurements of the location of the split components weerbg repeatedly fitting Gaus-
sians to each split component to determine In all cases, the corresponding was deter-
mined to within+0.02 A or less. As noted by Bailey et al. (2011), the measun¢srf(B) are
extremely sensitive to changesAn. Therefore, for phases in which the components were not
resolved well enough to obtain an unambiguous measurerh@a},dhe measured values were
compared to the computed fig|B) necessary to produce the observed splitting via the Fortran
programzeeman (see Sect. 3.5). In all cases, the mode{Bgvalues agreed with the measured
values from both lines within the estimated uncertaintidgerefore, we are confident that the
observed measurements are accurate.(Bhgalues measured from both kend Ndm lines

are listed in Table 3.1.

3.3 Rotation period

North (1984) used Geneva photometry taken between Aprilaneé of 1983 to refine the pe-
riod of HD 147010 to 3.921@ 0.0001 days. Measurements of i) variations from k8 by
Thompson, Brown & Landstreet (1987) were shown to be fit wethie photometric ephemeris
of North (1984). Later photometric data taken by Lanz & Matl($991) allowed the period
of HD 147010 to be further refined = 3.92076 days. Mathys (1994) ma¢i®,) measure-
ments from metallic lines which revealed no obvious incstesicies with the measurements
by Thompson, Brown & Landstreet (1987). However, he noted the(B,) measurements
from Mathys (1994) and Thompson, Brown & Landstreet (198&)ensystematically féset



68 CHAPTER 3. THE SURFACE CHEMISTRY OF THE MAGNETIC Bp sTaAR HD 147010

from one another with the former varying from abeut3 to —1.9 kG and the latter fromra5.8
to —3.2 kG. Our recent data, which consists of five new polarimetbservations, are further
offset to both the data from Mathys (1994) and Thompson, Browagdstreet (1987). This is
not surprising given the fierent techniques used for measuring the magnetic field.rRlega
of this offset, we note that the recent data have a phase uncertairtipatf @ 14 relative to the
older data. Therefore, our ne,) and(B) data, as well as thke spectra we wish to use to
model abundances, need to be accurately phased with thenoddesurements.

Fortunately, we havéB,) measurements spanning 25 years that we can use to try and
improve the period. Our new data only consists of five measeangs, but may sample a suf-
ficient range in phase to re-analyse the period by compatastire older field measurements.
As noted above, the historic data ifs®t to the newer ESPaDONS measurements. Since the
gualitative behaviour of the field is consistent betwedtedent epochs, we decided to renor-
malise both th&B,) measurements from Mathys (1994500 G) and Thompson, Brown &
Landstreet (1987)4850 G) to match the newer ESPaDONS data. Regrettably, theechb
the best-fit period from the magnetic data is not entirelgightforward because of the poor
spacing of observations. Utilising the period found by Kqt984) as a starting point, we
iteratively searched for the best-fit period in a reasonedotge around this value. The best fit
is judged by the reducegf fit to the (B,) variations comparing the older to newer data. Given
the inherent dficulty in deriving this value from th¢B,) data, we adopt an uncertainty that
appears to fit all the data reasonably well. In this fashiozpwefer a period of B 3.9207+
0.0003 days using the same zero point from Mathys (1994) d244%5894.515. Apparently,
the present dataset is notfcient to improve the precision of the period of HD 147010. How
ever, it is clear that minor adjustments to the period dedigeNorth (1984) fit the magnetic
data well. All the phases are reported in this new phasersyste

Fig. 3.1 shows théB,) variations in the top panel with the measurements by Thompso
Brown & Landstreet (1987) and Mathys (1994) shifted veltycto coincide with the ES-
PaDONS data. Itis clear from this figure that the variati@p®rted for previougB,) measure-
ments are in satisfactory agreement with our data. In thiofmopanel, th&B) measurements
made from both F&t and Ndm are shown using the new period. Also shown are {Bb
measurements made by Mathys & Lanz (1992). It is clear thebttler measurements are
consistent with the newer ones. Furth@) measurements made from both lines agree within
their respective uncertainties with one exception at pbag29.
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3.4 Adopted magnetic field geometry

Based on the observed variationgBf) and(B), we can derive an appropriate magnetic field
model to use that can adequately reproduce the observettioas, as well as produce, rea-
sonably well, the observed Zeeman splitting at all phasels that the computed spectral line
profiles match well the observed Stokgwofiles. We note that the field model was determined
using the(B,) scale from the ESPaDONS data.

From the observed variations (,) it is clear that only the negative magnetic hemisphere
of HD 147010 is observed. Therefore the sun, dfie angle of the line-of-sight to the rotation
axis, ands, the angle of the magnetic field axis to the rotation axis, trhesless than about
90’: i+ < 9Cr. The detailed magnetic field geometry was obtained usingadinean program
FLDSRCH (See Bailey et al., 2011, 2012). The program allows, as jn@lties ofB,) and(B)
at four observational phases and provides as output theedgti fit for various combinations
of values ofi, 8, magnetic dipole (B , quadrupole (B), and octupole (&).

The best-fit model for the magnetic field geometry was fountdéd = 8 = 39, By =
—21300 G, B = 30300 G, and & = —800 G. The predicteB,) and(B) variations using this
model are plotted in Fig. 3.1 and are in very good agreemehthath the measured,) and
(B) variations. The abundance analysis presented below isrpegtl using this field geometry.

3.5 Spectrum Synthesis

To perform abundance analysis, the spectrum synthesisgmogeman was used (Landstreet,
1988; Bailey et al., 2011, 20123eeman allows as input an assumed magnetic field geometry
for stars with magnetic fields, such as the magnetiBfypstars. The program assumes LTE
line formation and uses the ATLAS 9 models to interpolate@prapriate stellar atmospheric
model based on th&y and logg provided by the user. Emergent spectra are computed for all
four Stokes’ parameters and up to 10 phases of observeds3tegectra can be fit simultane-
ously, but only one element can be varied at a time. For eacdtibn,zeeman optimises the
vsini and radial velocity. Up to 6 rings of uniform abundance carsecified on the surface
of the star that have equal spans in co-latitude, whitécavely provides a simple map of
abundance variations from one magnetic pole to another.

In the case of HD 147010, only one magnetic hemisphere isvobdavith a span in mag-
netic latitude of about 80 The strength of the spectral lines for some elements vaiplyi
over this range, while others only modestly. After some expentation, it was determined
that a four ring model that each spart 4%bco-latitude, with only the two rings in the observed
magnetic hemisphere (ranging from 0 to’PBeing varied, provides convergent results that
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Figure 3.2: Spectrum synthesis of the region 4570 - 4600 Agusiie four ring model. The
observed spectra are in black and the model fits are in red pfages are listed beside each
spectrum. The line-of-sight is closest to the negative retigipole and magnetic equator at
about phase 0.3 and 0.8, respectively.

adequately describe the observed variations. Unfortiypater dataset does not include spec-
tra directly around the magnetic equator (about phase 0079 however the spectra that
we have are spaced well enough in phase such that we hav@lesliectra in each ring. No
abundances can be constrained in the positive magnetishkeare; therefore, the rings in that
hemisphere were set to the average abundance of the firsirtg@and were determined to
not influence the abundances derived in the negative magmatisphere. For the abundance
analysis, we usé@g = 13000 K and log = 4.4 as determined from photometry by Bailey &
Landstreet (2013)

3.6 Derived abundances

The large wavelength coverage of the ESPaDONS data madssifbp®to achieve a first ap-
proximation to the abundance distribution of fifteen eleta@mcluding He, O, Mg, Al, Si, Ca,
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Figure 3.3: Same as Fig. 3.2 for the region 4615 - 4645 A.

Ti, Cr, Fe, Ni, Sr, La, Ce, Pr, and Nd, as well as an upper lionitSm. For the majority of the
elements studied, multiple lines with a variety of stremsgitere found.

The abundances for each element in each ring are recordadbi@ 3.2. Inaccuracies in the
adopted magnetic field geometry forcaglvan to deduce abundance variations at the magnetic
pole and equator that were not realistic for three elemdfes: Al and Ni. Only one weak
line for these elements was adequate to model (except fohikdimhas two weak lines) and a
convergent result was not possible using the multi-ring ehotiherefore, a uniform abundance
over the entire hemisphere was adopted. This is indicatéichlhe 3.2 by an asterix. The
second to last and last columns list the estimated uncégsim the derived abundances and
the solar abundance ratios as determined by Asplund etQfl9§2respectively. For elements
for which more than one spectral line is available, the dewiain the derived abundances
between spectral lines was used as the estimated uncgrt&at those in which only one
spectral line was available, we changed the abundanceamntihsatisfactory fit was achieved
and adopted that deviation as our uncertainty. The qudiifigsoare demonstrated in Fig. 3.2
and Fig. 3.3 with a comparison of the model fits to the seveemis Stokes$ spectra. Each
individual element is discussed in detail below.
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Table 3.2: Abundance distribution of elements studied.

Log(nx/nw)
Element 0-45 45-90¢° o Solar
He* -3.22 -3.22 +0.30 -1.07
@) -4.75 -429 +0.20 -331
Mg -5.87 -560 +0.15 -4.40
Al* -5.24 -524 +0.20 -555
Si -4.50 -3.01 +0.30 -4.49
Ca -6.22 -6.24 +0.20 -5.66
Ti -6.13 -540 +0.15 -7.05
Cr —-4.58 -393 +0.15 -6.36
Fe -3.72 -3.19 +0.20 -4.50
Ni* -5.65 -565 +0.20 -5.78
Sr -7.97 -598 +0.30 -9.13
La -6.14 -568 +0.20 -10.90
Ce -6.25 -6.17 +0.30 -1042
Pr -6.85 -595 +0.20 -11.28
Nd -7.88 -582 +0.25 -10.58
Sm < -6.40 - - -1104

Notes. (*) indicates that a uniform abundance
over the observed stellar surface was adopted.
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3.6.1 Distribution of helium

Multiple lines of Her are observable in the available spectra such as the linet7at 4713
and 5876 A. Of these lines, only upper limits could be detesnifromAl 4471 and 4713.
The cleanest and strongest of these lines was &e5876 A, which therefore was used to
determine the helium abundance distribution. The deriades were then tested using the
other two lines and found to be in good agreement. At all phidde is at least 2 dex less than
the solar value, confirming that HD 147010 is a He-weak star.

3.6.2 Distribution of oxygen

The oxygen lines at 6155-56-58 A are very weak and not unamobigly detected. There-
fore, we turn to the triplet at 7771-74-75 A. All the lines avell modelled and, assuming no
non-LTE dfects in these lines, the oxygen abundance is unambiguoatdyndined. Studies
done by Gerbaldi et al. (1989) and Przybilla et al. (2000ad{eindicate that non-LTEféects
are present in this triplet; however, the extent of the ndE-lcorrections necessary are still
very uncertain. We note that the abundance distributioiveléfrom the 7771-74-75 A triplet
fit well the upper limit that can be derived from the 6155-34 lines, but point out that
the actual abundance is likely more underabundant comparge Sun than what Table 3.2
suggests. The abundance of oxygen varies modestly ovetel@ surface possibly being
slightly more abundant at the magnetic equator comparedtetonagnetic pole. However, the
abundance does not deviate drastically from a fairly umfabundance distribution (about 3
times more abundant at the magnetic equator) and is at lel@stléss than the solar abundance
ratio.

3.6.3 Distribution of magnesium

Magnesium was modelled using the line at 4481 A. At all phastes line is well fit with a
roughly uniform abundance distribution (within estimatettertainties) implying that Mg is
about 1.2 dex less abundant than in the Sun.

3.6.4 Distribution of aluminum

The abundance of Al was derived from two clean lines ofi At 6226 and 6230 A. Other lines
of Al m were found at 3900 and 5953 A. The abundance distributioppsoximately uniform
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over the observed stellar surface and about 0.3 dex moralahtithan in the Sun. The line is
modelled reasonably well at all phases.

3.6.5 Distribution of silicon

Several lines of Sit are observable in the spectra including 4128, 4130, 46247 58056,
5957, and 5978 A. Three lines of fiare also detected at 4552, 4567 and 4574 A. However,
the lines of Siir are not modelled because of the documented discrepancy detived abun-
dances between lines of Biand Sim by Bailey & Landstreet (2013). The final abundance
was determined using two separate sets of IBies: 4128 and 4130 A fit simultaneously and
an individual fit to the single line at 4621 A. The adopted atance in each ring was the av-
erage between the derived abundances in each window. Timislabce was then tested using
the remaining lines of Si with consistent model fits observed at all phases. The madlsl f
to correctly model the observed line strength near the ntagegquator (near phase 0.908) as
well as producing wings that are too strong for saturateeslisuch as 4130 and 5056 A, but
otherwise reproduces the line profiles well (see Fig. 3.3).

The distribution of Si appears to vary, with abundance vara of the order of 1.5 dex.
Near the observable magnetic pole, Si is about as abundamtlas Sun whereas nearer the
magnetic equator it is about 1.5 dex more abundant than taesdue.

3.6.6 Distribution of calcium

Just one line of calcium was found to be useful for abundaeterchination: 3933 A. At all
phases this line is fit well with a uniform abundance that iswl®).6 dex less than the solar
abundance ratio.

3.6.7 Distribution of titanium

The abundance distribution of titanium was determined kingtTi u at 4563 and 4572 A
simultaneously. At all phases, the lines are reasonably mwetlelled. Ti is more abundant
nearer the magnetic equator where it is about 1.6 dex moredalptithan in the Sun. Near the
magnetic pole, Tiis at least 0.9 dex more abundant than the slue.

3.6.8 Distribution of chromium

The final abundance for chromium was derived from three lofeSr u at 4558, 4565 and
4588 A fit simultaneously. The model is decent at reprodutiiegobserved line profiles for
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the weaker Cr lines such as 4565 A but is noticeably too weastfonger lines such as 4588 A
at most phases (see Fig. 3.2). Cr also exhibits latitudimahdance distribution variations by
as much as 0.6 dex, and it appears to be more abundant at thetcaguator as compared to
the magnetic pole. In general, Cr is at least 2 dex (peakiafpatit 2.4 dex near the magnetic
equator) more abundant than in the Sun.

3.6.9 Distribution of iron

The abundance of iron was deduced by fittingnFénes at 5030, 5032, and 5035 A simul-
taneously. The derived abundance was then tested usirgydirgb41 and 4583 A. All lines
of Fe are modelled well. The abundance distribution of Feorsrthat of Cr, with latitudinal
abundance variations of the order of 0.5 dex. Compared tedls abundance ratio, Fe is
between 0.8 and 1.3 dex overabundant near the magneticqmbkxjaiator, respectively.

3.6.10 Distribution of nickel

Two lines of Nin at 3849 and 4067 A were found with the final abundance beiniyester
from the latter. All lines are fit reasonably well at all phas@d the abundance distribution is
approximately uniform over the stellar surface at roughky $olar abundance ratio.

3.6.11 Distribution of strontium

Two lines of Sru are found in the spectra at 4077 and 4215 A. Special care neustken

to deduce the abundances from these two lines because heidtrong overabundance of Cr,
they are blended with Gr in their wings. We are confident that we have an accurate abun-
dance distribution of Cr and therefore Sr is unambiguoustected. To derive the abundance
distribution, each line was fit separately and the adopteddédnce is the average between the
two lines. The Sr distribution appears to vary strongly vétitude being more abundant, by
about 2 dex, near the magnetic equator as compared to thevetiseagnetic pole. Near the
magnetic pole and equator, Sris nearly 1 and 3 dex more ahtitigan in the Sun, respectively.

3.6.12 Distribution of lanthanum

Two lines of Lau at 4605 and 4636 A were fit simultaneously to deduce the amosddis-
tribution. The line at 4605 A is blended with lines of €and possibly Fer and assuming
we have accurate abundances for these Fe-peak elemests)ehs useful to derive an abun-
dance. The quality of fit is good at all phases (see Fig. 3.3nofdest variation between the
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magnetic pole and equator@.5 dex) is observed with a higher abundance near the equator
Globally La is about 19times more abundant than in the Sun.

3.6.13 Distribution of cerium

Cen at 4628 A is present in the spectrum but is blended with lifeSear and Tin. Two
other pairs of relatively clean Gelines were found at 4560-62 and 4133-37 A. Both sets of
lines were fit separately and the final abundance was takea tbebaverage of the two sets
of lines. This abundance was then tested usingi@¢ 4628 A and produces adequate fits
to the observed spectrum at all phases (see Fig. 3.3). Itpsriiant to note that the adopted
abundance produces a model fit to the observed spectrum@a#B61562 A that is noticeably
too strong for these weak lines. A change in the adopted anoadby about-0.3 dex is
necessary to fit these lines well. The low excitation po&twfiall the Cat lines makes vertical
stratification an unlikely solution and we suspect this @ipancy is most likely explained by
inaccurategyf values for one or more of the Gelines. The model suggests an approximately
uniform abundance distribution over the observed stelldiase with cerium being ¥Qimes
overabundant compared to the solar abundance ratio.

3.6.14 Distribution of praseodymium

The final abundance distribution was derived from lines ofnPat 6160 and 6161 A. The
derived value was then tested usinguPat 7781 A. Variations in abundance by as much as
about 1 dex are observed, with the magnetic equator being atmmdant than the magnetic
pole. Depending upon the phase, Pr is enhanced by betweah4abdo 5.4 dex compared to
the Sun.

3.6.15 Distribution of neodymium

Five clean lines of Na at 4570, 4625, 4627, 5050 and 6145 A are observed in the apatie
final abundance was deduced from 6145 A and tested using 48780650 A. The abundance
of Nd is of the order of 2.5 dex higher than the solar abundaatie, but the largest abundance
appears to be near the magnetic equator where it is aboues.;dre abundant than in the
Sun.

3.6.16 Distribution of samarium

Two very weak lines of Sma may be detected at 4674 and 4676 A, but only at phases near
the magnetic equator. Therefore, only an upper limit to thendance of Sm is deduced that
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is < 10P times the solar composition. We possibly detect a singlekiaa of Smu at 4630 A
(see Fig. 3.3); however, we remark that this line would rezjan abundance that is at least 10
times more abundant than the derived upper limit.

3.6.17 Distribution of thulium

A feature at 4643 A exists that does not correspond to anyelaé&-plements, but is in the exact
location of Tmu. We note that if this is due to the rare-earth that an aburelgneater than
10* times the solar abundance ratio is necessary to adequatelglitine line. The model fit in
Fig. 3.3 assumes this enhanced abundance.

3.7 Conclusions

This chapter is a continuation of our ongoing modelling of iImagnetic ApBp stars in open
clusters of known age. The aim of this study is to establisterpinary magnetic field model
and to deduce the atmospheric chemical abundance digtrnibeftmany elements.

HD 147010 is a magnetic Bp staf ~ 13000 K) that rotates with &sini of about
15 km st. It has logL/L, = 1.92 and mas#/M,, = 3.15. A member of the Upper Scorpius-
Centaurus Association (Sco OB2), HD 147010 is a star withlakm@wn age of logt = 6.70.
The line-of-sight magnetic field strength varies from abe2000 to—5000 G with a surface
field of the order of 10 to 18 kG.

A preferred period oP = 3.9207+ 0.0003 days was adopted for HD 147010 based on pre-
vious published measurements of the line-of-sight magtieid ((B,)) by Thompson, Brown
& Landstreet (1987) and Mathys (1994) together with our oww measurements as well as
photometric observations by North (1984).

The magnetic field of the star isficiently large and the rotation rate moderately slow for
a Bp star such that Zeeman splitting is clearly observed ieaat two spectral lines: Nt at
6145 A and Far at 6149 A. These two lines were used to characterise thecgurfiagnetic
field ((B)) variations. By fitting the observed variations in ii82) and(B) data, it was possible
to derive a magnetic field model that is a simple, low-ordeésyammetric multipole expansion
consisting of dipole, quadrupole and octupole componeuits the inclination of the rotation
axis to the line-of-sight and the angdef the magnetic field to the rotation axis specified. The
qualitative nature of the magnetic field can be seen in Fij. Brom the figure it is evident
that only one magnetic hemisphere is observable, indig#hiati + 3 < 90°. The adopted field
geometry was = 8 = 39, By = —21300 G, B = 30300 G, and B: = —800 G. The model is
a first approximation to the magnetic field variations; hogreit is successful at reproducing
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the observed variations in botB,) and(B) with phase, as well as adequately reproducing the
observed Zeeman broadening in the spectral lines.

We have at our disposal seven Stokaepectra with which to study the chemical abundance
distribution of HD 147010. With the current dataset andlatde programmes it is not feasible
to perform a detailed abundance mapping of the stellar serfaowever, we can obtain a first
approximation using the simple magnetic field model anaian, a program which performs
spectral synthesis and takes into account theces of the magnetic field. Even with only one
hemisphere observable, there exist moderate to strongtieens over the stellar surface from
the magnetic pole to equator in some elements. Theref@erasg a uniform abundance over
the stellar surface was inadequate for the majority of efgmgtudied. After some experimen-
tation, a model which employs four co-axial rings (each vaithniform abundance) with two
rings in both magnetic hemispheres that each spamvésked best at describing the observed
abundance variations. In this case, only the two rings invibible hemisphere were varied
and the other two rings had their abundances fixed and wenel fiaunot influence the derived
abundances in the two most visible rings.

The surface chemistry of HD 147010 is very complex and revaaémarkable number of
rare-earth elements. The majority of elements studied Hae&ledly non-solar abundances.
He, O, and Mg are at least 1 dex and Ca about 0.6 dex less aliuhdanin the Sun and
described roughly by a uniform distribution. Both Al and Keapproximately the same as the
solar ratio and uniformly distributed over the stellar sgd. The remaining elements (Si, Ti,
Cr, Fe, Sr, La, Ce, Pr, and Nd) all have abundances that aneftigan in the Sun. Furthermore,
all these elements exhibit variations such that they aremundant near the magnetic equator
than the magnetic pole, with the exception of Ce which isamily distributed. For the Fe-
peak elements (Ti, Cr, Fe) the variations are modest anceadriter of 0.6 - 0.7 dex. At their
peak abundances, all three elements are at least 1.2 debownelant compared to the Sun, with
Cr being remarkably 2.5 dex more abundant. Si appears toghaweghly solar abundance near
the magnetic pole, butis 1.5 dex more abundant than in then&amnthe magnetic equator. The
largest overabundances are seen in Sr and the rare-eartargte(La, Ce, Pr, Nd, and Sm).
Respectively, they are as much ag 40d>10* or >1(° times more abundant than compared
to the solar ratios. More striking is the fact that Sr and Nthislow variability of the order of
2 dex and La and Pr of the order of 1 dex between the magneticgoal equator. All of these
elements are more abundant at the magnetic equator. Onlggar timit for Sm was found
which suggests an abundance that is less than abétini€s the solar ratio.

HD 147010 is a rare-earth rich star which is not common forrhagnetic ApBp stars.
HD 144897 is another rare-earth rich star witg: ~ 12000 K andvsini ~ 4 km s(see
Ryabchikova et al., 2006). HD 144897 has a moderately stsarfgce field (B) ~ 9 kG) for a
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magnetic ApBp star, but a sfiiciently slow rotation that Zeeman splitting is observed g
spectral lines. The sharp-lined features made it possibdietive abundances for all the rare-
earth elements except Pm. On average, all the rare-eantteets were found to be about*10
times more abundant than in the Sun. In contrast, HD 31818%tar of similar temperature
(Ter = 11800 K) that has a siiciently slow rotation ratey(sini ~ 7 km s') and large enough
surface field (of the order of 15 kG) that Zeeman splittingls®aeen in many spectral lines,
but does not appear to have any lines of rare-earth elemegtstd Pr and Nd (see Bailey
et al., 2011). It is presently unclear why two magnetic Apsstd comparable characteristics
exhibit such drastic diierences in the number of rare-earth elements detected hénire-
earth rich star is HD 66318=(NGC 2516 24), which is coolefT{; = 9200 K), and has a
plethora of rare-earth elements in the observed spectreenBagnulo et al., 2003). However,
the overabundances in HD 147010 are more remarkable, wigh rae-earth elements being
about 18 or 1@ times enhanced compared to the Sun. Whereas HD 6631 e greatly
with the quality of model fits to the observed spectrum duetrilksly to vertical abundance
stratification, HD 147010, in general, shows no obvioussigfithis when fitting elements of
the same ion state (except for Cline cores). However, Bailey & Landstreet (2013) point out
that a discrepancy in the abundances derived from&id Sim exist in all magnetic AfBp
stars, including HD 147010. Although abundances oifiSire not presented in this chapter,
we remark that a value of at least 0.6 dex higher than is deffwom Sin lines is necessary to
adequately fit the Sii lines at 4552, 4567 and 4574 A.

The model we use is very schematic and does not reproducéyeiae observed line
shapes and strengths; however, our model is successfuhtatarising line profile variations
and satisfactorily reproducing Zeeman broadening fromgusi simple low-order multipole
magnetic field geometry. This type of modelling is importemtascertain which stars war-
rant the time investment of future more detailed studieshss Magnetic Doppler Imaging
(MDI) that require observations in all four Stokes’ paraemst(e.g. Kochukhov et al., 2004;
Kochukhov & Wade, 2010). HD 147010 would seem to be a stamttaaits further study be-
cause it has a complex abundance distribution that inclags#ethora of rare-earth elements.
In the immediate future, further spectropolarimetric aliaBons nearer the magnetic equator
would allow for a better characterisation of the abundanstibution over the entire observ-
able hemisphere.
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Chapter 4

Abundances determined using Sit and
Sim in B-type stars

4.1 Introduction

The magnetic peculiar A and B-type stars (Bp) are characterized by large overabundances
of Fe-peak and rare-earth elements. They possess stromgxisymmetric magnetic fields.
The observed line-of-sight magnetic field componéBy), is typically of the order of 1 kG or
more in strength, and usually varies as the star rotates.abaedance ratios of the chemical
elements are often variable over the stellar surface (fpdjcleading to line strength and
shape variations with stellar rotation. This situation esgible because the magnetic field
inhibits any convective or turbulent mixing.

In addition to this, Wade et al. (2001b) argued that most ratigrstars exhibit vertical
abundance variations (chemical stratification), an idest ékplored by Babel (1992). The
phenomenon was further studied by Ryabchikova et al. (20049 compared the chemical
abundances derived from the singly- and doubly-ionisech$oof Pr and Nd in magnetic and
non-magnetic A-type stars. In pulsating (“roAp”) magnetiars, abundances derived from the
second ions were found to be 1-1.7 dex larger than abunddrashe first ions. In con-
trast, they found no significant discrepancies between boedances derived from the first
and second ionisation states of Pr and Nd in the non-magaeticion-pulsating stars. Lines
of Prm and Ndm would normally be formed deeper in the atmospheres of A skens the
lines of the singly-ionised rare earths, because of theenigital temperature deep in the at-
mosphere. However, as Ryabchikova et al. (2001) pointedsmde electron number density
decreases outward, the second ionisation state can alsaaterm the very uppermost atmo-

1A version of this chapter is published as Bailey & Landst@@t3, A&A, 551, A30
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spheric layers. Because of thiffext, they were able to understand the discrepancy between
ion states as being due to large rare earth overabundangesntated in a thin layer high in
the atmosphere.

A related discrepancy has been observed for abundanceslefi®d from two ion states.
Semenko et al. (2008) studied the magnetic Bp star HD 455Bi@fhwvihas &ective temperature
Ter = 13000 K, logg = 4.0 and a strong magnetic field, witB,) varying from about-3500
to +4000 G. Diferent abundances must be assumed far &nd Sim to adequately fit the
theoretical to the observed line profiles. They interpristdilscrepancy as being due to vertical
stratification of silicon in the atmosphere, but point owdttimcreasingle; from the assumed
value also brings the abundances derived from lines of &d Sim into better agreement.
Bailey et al. (2012) found a similar discordance in the dstiabundances of the first and
second ionisation states of Si in HD 133880, another styonglgnetic Bp star(B,) varies
from about—-4000 to+2000 G) havingTeg = 13000 K and logy = 4.34. They find that
an enhancement of about 1 dex above tha 8bundance is necessary to adequately fit the
Sim lines. Since non-LTEféects in the silicon lines are expected to be small beldvyaof
about 15000 K, they suggest that the most probable causeigysttratification of Si in the
atmosphere.

The study of vertical abundance stratification in magneticséars has considerably ex-
panded in the past few years, with work led by Kochukhov andi®itikova (e.g. Kochukhov
et al., 2006, 2009; Shulyak et al., 2009; Pandey et al., 200Hi¥ group has developed refined
methods of recovering the vertical distribution of seveleiments in a stellar atmosphere by
simultaneous fits to a number of spectral lines dfedtent strengths, excitation potentials, and
ionisation states. They have studied several cool magAetistars in detail, and mapped the
vertical distribution of a number of elements in each, inesal/cases including Si. Typically,
it is found that Si has high abundance deep in the atmospéduetiean abundance that declines
strongly towards low optical depths, sometimes by as muéhdex overall.

Up to now, the study of discrepancies amonfjedent ion states, and of stratification as
a probable explanation, has mainly been confined to cool etagAp stars. It is time for a
first survey of higher fective temperatures. In this paper, we report an empiricalysof
abundances derived from lines of isand Simr in various classes of B-type stars including
magnetic Bp, HgMn, and normal B stars. Stars were selected the ESO, CFHT, and
ELODIE archives (as well as from our own data from previou$iCTRnd ESO programmes).
The stars studied havEy values that range from about 10500 to 15000 K, and have low
enough projected rotational velocisini (less than about 100 kn'§ that lines of Sim can
be unambiguously detected. The following section dis@utise spectroscopic observations
used. Sect. 4.3 outlines the modelling technique and thetrspe synthesis program used.
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Sect. 4.4 presents the abundances we derive from linesmoi&l Sim. Sect. 4.5 investigates
the possible fects of non-LTE in deriving abundances ofiSand Simr with increasingT ¢
and we test whether the observed discrepancies can be aeddonusing stratified abundance
models. Sect. 4.6 summarises and discusses the work waprese

4.2 Stellar sample

We wish to study the extent to which the abundance of Si ayetbfrom Sin and Simr is
concordant or discordant. With the tools readily availableis, this can only be done in a
limited range ofT¢ values or spectral range. Our low-temperature limit is gethe fact
that no Sim lines are visible in optical spectra fakg; less than about 11000 K. The high-
temperature limit is set by the gradual onset of non-LTieas at about 15000 K (Przybilla
et al., 2011). This upper limit to our study, which is not wedifined, is imposed by two main
factors. First, the non-LTE codes developed up to now domamirporate radiative transfer in
the presence of a magnetic field. Thus, they cannot be usedlglito study magnetic stars,
which are an important class of objects for this study. Fermrtiore, as we will show below, the
published grid of non-LTE equivalent widths forisandm lines of Becker & Butler (1990) do
not even approximately reproduce the line ratios in the rbB3 IV star. Her= HD 160762,
and recent non-LTE abundance studies of early B stars appeagstematically reject use of
the Sim lines. Itis not at all clear that current non-LTE codes arle &ibcorrectly compute line
ratios for Siu lines. Therefore we try to limit our study tdfective temperatures low enough
that strong non-LTE fects are not expected; this limiting temperature is congeatly set at
Ter = 15000 K (e.g. Nieva et al., 2012). We have included one hstsgr HD 160762, in order
to address non-LTE questions later in the paper.

The spectra for this study were obtained from a variety ofrcea A large portion of
the stars studied were acquired from previous observing using the ESPaDONS spec-
tropolarimeter (with resolving powdR = 65000) at the Canada-France-Hawaii Telescope
(CFHT), and the FEROS spectrograpgh £ 48000) at the European Southern Observatory’s
(ESO) La Silla Observatory. The remaining spectra used aegeired from the ESO, CFHT
and ELODIE (Observatoire de Haute Provence) archives. \Yeined that each individual
spectrum have a signal-to-noise ratigNypgreater than about 100 and spectral resolution no
less than about 40000. As discussed above, we selectedotdgs between about 10500
and 15000 K, requiring also that they havdimiently slow rotation ¥sini less than about
100 km s?) that at least some individual lines are not strongly blehde

In the dfective temperature range of interest for this study, thezgat least) three major
classes of main sequence stars. In addition to normal lat&a8 évhich generally do not
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Table 4.1: Stars analyzed in this study. Listed are the staigdations, instrument used,
spectral resolution, spectral range and tf¢.S

Star Instrument R A(A) SN
normal stars
HD 22136 ESPaDONS 65000 3690-10481 504
HD 160762 ESPaDONnS 65000 3690-10481 600
HD 162586 UVES 110000 3070-10398 655
HD 170054 ESPaDONS 65000 3690-10481 283
HD 179761 ELODIE 42000 4000-6800 125
HD 195810 ESPaDONS 65000 3690-10481 774
HD 222173 ELODIE 42000 4000-6800 159
HgMn stars
HD 27295 UVES 110000 3750-6800 218
HD 57608 FEROS 48000 3528-9217 142
HD 78316 UVES 110000 3750-6800 265
HD 175640 UVES 110000 3750-5800 439
HD 178065 UVES 110000 3750-5800 461
HD 186122 ESPaDONS 65000 3690-10481 662
HD 193452 CF4 120000 4630-5478 556
magnetic Bp stars

HD 10840 UVES 110000 3070-10398 824
HD 45583 FEROS 48000 3528-9217 231
HD 47116 UVES 110000 3070-10398 527
HD 49333 UVES 110000 3070-10398 791
HD 61045 ESPaDONnS 65000 3690-10481 298
HD 74168 UVES 110000 3070-10398 334
HD 74535 FEROS 48000 3528-9217 310
HD 133880 ESPaDONnS 65000 3690-10481 365
HD 137509 UVES 110000 3690-10481 430
HD 147010 ESPaDONS 65000 3690-10481 587
HD 199728 UVES 110000 3070-10398 593
HD 223640 UVES 110000 3070-10398 560
HD 304842 FEROS 48000 3528-9217 262
HD 318107 ESPaDONnS 65000 3690-10481 320
BD+00 1659 ESPaDONnS 65000 3690-10481 475
BD-19 5044L ESPaDONnS 65000 3690-10481 358
BD+49 3789 ESPaDONnS 65000 3690-10481 191
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have detectable magnetic fields, and have approximatedy satface abundances), we also
find magnetic Bp stars, which usually show quite marked ahnoe diferences compared to
the Sun, and the non-magnetic HgMn stars, which are typidalind in fairly close binary
systems and show quite non-solar over-abundances of sewgrabundance elements such as
P, Mn, Ga, and Hg. We have included several examples of edtiesé classes in our sample.
The sample of stars utilised in this study is summarised bieT4. 1.

The fundamental parametefg; and logg were derived for each star using Geneva and
uvbyB photometry. For the Geneva photometry, we userti®@ran program described by
Kunzli et al. (1997) and for stars with StromgrembyB photometry, therorTrRaAN program
“UVBYBETANEW?” of Napiwotzki et al. (1993). Our version of th program corrects thEy
of the magnetic AfBp stars to a suitable Ap temperature scale (see Landstrakt 2007).
For stars for which both sets of photometry were availalble,average value was taken. We
were able to compare oUi values with those of Netopil et al. (2008) in a few cases; our
values agree with theirs except for HD 133880, for whigh is somewhat more uncertain,
as discussed by Bailey et al. (2012). Finally, we have estichthe uncertainty iff; to be
about 500 K, following the discussion of Landstreet et alQ@). The uncertainty in log
is estimated from the level of agreement between valuesatefiom Geneva and Stromgren
photometry to be about 0.2 dex. The physical parameters Br1B0762 were taken from
Nieva et al. (2012), and have uncertainties that are abdtiakdarge as those of the other
normal stars. Table 4.2 summarises all the physical pasmef the stars modelled in this
study, including parameters discussed later in this clnapte

4.3 Modelling spectra

4.3.1 Modelling with the spectrum synthesis codeeeman

Modelling and abundance determination was carried ougubi@rorTrRAN SPectrum synthesis
codezeeman (see Landstreet, 1988; Landstreet et al., 1989; Wade &(flla; Bailey et al.,
2012). zeemaN accepts as input an assumed magnetic field geometry forvgitérsnagnetic
fields (such as the magnetic Ap stars), but functions as a conventional line synthesis pr
gram for modelling of non-magnetic stars (e.g. Landstreat.e2009). The program assumes
LTE atmospheric structure and line formation. An apprapristellar atmosphere model is
interpolated from a grid of ATLAS 9 solar abundance modets. this study, a uniform abun-
dance is assumed over the stellar atmosphere even forstéras magnetic Bp stars for which
this may be only a rough first approximation.



Table 4.2: Physical parameters for the stars in this studyatldpt a uniform uncertainty a/600 K in Tez and+0.2 in log g.

Star Ter (K) logg vsini(kms?) i(°) B() Ba(G) Bq(G) B (G) &(kmst)
normal stars
HD 222173 11800 34 6% 5 - - - - - 01
HD 22136 12700 4.2 152 - - - - - 1103
HD 162586 12700 4.0 28 2 - - - - - 01
HD 179761 12900 3.4 14 2 - - - - - 0+1
HD 195810 13700 3.7 524 — - - - - 0+1
HD 170054 14500 4.3 252 - - - - - 01
HD 160762 17500 3.8 61 - - - - - 1+ 1
HgMn stars
HD 193452 10600 4.1 141 - - - - - 01
HD 57608 10900 3.1 581 - - - - - 1304
HD 27295 11800 4.2 4.90.3 - - — - - 1805
HD 175640 12000 4.0 151 - - - - - 0+1
HD 178065 12300 3.6 281 - - - - - 01
HD 186122 12900 3.7 1805 - - - - - 01
HD 78316 13400 3.9 6.8 0.5 - - - - - 01
magnetic Bp stars
HD 47116 11000 4.1 3@ 2 - - 500 - - 0
HD 10840 11600 3.6 355 — — 500 - — 0
HD 318107 11800 4.2 1 22 65 25600 -12800 900 0
HD 199728 12200 3.7 62 6 - - 800 - - 0
HD 223640 12300 4.4 313 - - 500 - - 0
BD+00 1659 12500 4.0 781 - - 1200 - - 0
HD 304842 12500 3.9 65 5 — — 100 - — 0
HD 45583 12700 4.2 786 — — 8000 — — 0
BD-195044L 12800 4.5 1% 3 — — 800 - — 0
BD+493789 12900 4.2 855 - - 1700 - - 0
HD 74168 12900 45 63 4 - - 200 - - 0
HD 61045 13000 4.1 64 3 — — 1300 — — 0
HD 147010 13000 4.4 152 — — 15000 — - 0
HD 133880 13000 4.3 10810 55 78 -9600 -23000 1900 0
HD 137509 13100 4.3 2062 81 64 3100 41900 -500 0
HD 74535 13600 4.3 45 4 - - 300 - - 0
HD 49333 15100 3.9 6& 3 — — 800 - — 0
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Figure 4.1: Blackwell diagrams (from left to right) for HD 608, HD 186122, HD 179761
and HD 222173. Shown are lines for keld 4541, 4555, 4576, 4583, 5018 and sometimes
6120 andor 6129. Each panel spans 1.0 dex.
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zeeMaN functions by comparing a synthesised spectrum to an obd@mnve in one or more
selected wavelength windows. By iteratively minimising thean square fierence between
the computed and observed spectruniman automatically determines the best fit radial ve-
locity vg and the best value afsini for the spectral windows modelled. It optimises the fit to
all the lines of a single chemical element within the sel@éetendow(s), determining the value
of the abundance of that element relative to H. This procesepeated for other elements
until most of the lines in each spectral window studied areletied as well as possible with
the limitations imposed by the assumptions built into theleiloThe adopted abundances are
obtained from the average of twal00 A windows, with the uncertainty estimated from the
observed scatter of the computed values in the modelledrapagndows.

For non-magnetic stars, the microturbulence parangeters determined using the method
described by Landstreet et al. (1998). The abundance #iitely deduced for a number of
individual lines of Fe for a small grid of assumédralues. The resulting abundance values
are plotted in a Blackwell diagram for each line as a funcbobg. The value of for which
the abundance values from the lines studied agree besteptadcas the optimal value, and
the corresponding value of ¢ abundance is adopted. Examination of the dispersion of the
abundance values as a functior¢afields estimates of the uncertainties of both Fe abundance
andé. Several examples of this procedure are shown in Figure 4.1.

In most cases, the microturbulence parameter does not sedm significantly dter-
ent from zero, but we think that we detect a non-zero valudiag stars: the normal star
HD 22136, and the two HgMn stars HD 57608 and HD 27295. Allg¢lokthese stars are near
the low temperature limit of our sample, and all three havkerasharp lines, making abun-
dance analysis more precise and perhaps making detectimmeteras easier. Detection of
non-zero microturbulence is quite interesting, as it sstghe presence of convective mixing
in at least part of the atmosphere (e.g. Landstreet et &8,7909). This would in turn suggest
that the atmosphere is at least partly mixed, so that afstchtibundance distribution could be
destroyed by rapid mixing, if the mixing extends throughugioof the atmosphere.

For magnetic stars, the microturbulence paramgigas set to 0, as the magnetic field is
thought to suppress convective motions.

For the magnetic stars HD 137509, HD 318107, and HD 13388@jlelé colinear mul-
tipole magnetic field geometries have been reported in theature that could be used for
modelling: (see Kochukhov, 2006; Bailey et al., 2011, 20%8pectively). For other stars,
the line-of-sight magnetic field measuremen,), of Bagnulo et al. (2006); Kochukhov &
Bagnulo (2006); Landstreet et al. (2008) and available bhglved data were used to estimate
the polar field strength of a simple dipole field model. In theases, a dipolar field of about
three times the root-mean square of the avail@Blemeasurements was used in computing the
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synthetic spectra. For stars for which abundances of Fke-ped rare earth elements clearly
indicate a Bp nature, but for which §8,) measurements are available, a generic polar field of
~500 G was used. For all stars for which no previous magnetidefiog was available, we
set the inclination of the rotation axis to the line of sightand the obliquity of the magnetic
field axis to the rotation axig, to zero {(=8=0).

4.3.2 Atomic data

The atomic data (energy levels, oscillator strengths, diagnponstants, and Landé factors)
used for this analysis were taken from the Vienna Atomic Ldaabase (VALD) (Piskunov
etal., 1995; Ryabchikova et al., 1997; Kupka et al., 1999020When Landé factors were not
available from this source, they were computed assumingolupling.

Since it is clear that this study depends sensitively on ticeracy of the atomic line data,
particularly oscillator strengths, we have endeavourdgdsbthe VALDgf values extensively.

One test of the Si gf values is to use them for determination of the abundancdiodsi
in the star Sirius= HD 48915, for which very accurate fundamental and othermatars (e.g.
the value of) are available, and for which a number of excellent UVES higgolution spectra
are available from the ESO archive (Landstreet, 2011). Abunes of Sit were determined
from the linesi1 4621, 5041 & 5056, 5957 & 5978, and 6347 & 6371. The derivechdances
have a mean of lolysi/ logNy = —4.25 + 0.07 dex, where the uncertainty is the dispersion of
the four values. The value, about 0.2 dex larger than the ablandance, is not unexpected in
this hot Am star, and the dispersion indicates thatgh&alues used are closely compatible.

This test has also been carried out on several of the starg isample, to see how consis-
tently the VALD data give the same abundances witfedent spectral lines and line groups.
To obtain a realistic idea of the uncertainties in derivibgradances for Si, we select a sam-
ple of magnetic, normal, and HgMn stars that are well spreddsi (within the limitations of
the data at hand). For these stars we derive abundanced4@i individually,2115041, 5055
and 5056 simultaneously, and5957 and 5978 simultaneously. Table 4.3 presents our sesult
line-by-line, and with the computed dispersion of the trabandance values for each star. In
general, the abundances we derive from the various linesio$lSow dispersion which is only
slightly greater than that found for Sirius. The magnetazsshow the greatest tendency for
the dispersion of abundances derived frofiedtent lines of Sii to be larger than we found
for Sirius; however, this result is expected, as the magrseéirs typically have horizontally
non-uniform abundances and may also have vertically B&é@tbundance distributions (Wade
et al., 2001b). Nevertheless, we note that, in generalnaisgua uniform abundance of Si fits
all lines of Sim in all stars analysed within a fitting uncertainty of abaGt15 dex or better.



Table 4.3: Derived abundances from individual lines ofi 8r a selection of stars in our sample.

HgMn stars Normal stars Magnetic stars
HD HD HD
Line (A) 178065 27295 57608 78316 222173 22136 170054 1625864168 49333 223640 47116
4621 -4.67 -452 -489 -434 -466 -467 -464 -4.67 -400 -390 -3.09 -321
5041-55-56 -456 -458 -4.78 -4.44 -463 -464 -481 -482 -411 -415 -320 -348
5957-78 — —454 -466 -4.26 -448 -459 -470 -4.72 -393 -391 -298 -327
Dispersion - 003 012 0.09 0.10 0.04 0.09 0.08 0.09 0.14 0.10.14
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A further test of the atomic data is to compare the VAQD values with the data in the
comprehensive NIST compilation of atomic data for Si by Kle#ér & Podobedova (2008). In
this data set, the recommended atomic data are selectedralaytiine basis from available
experiments and computations, without consideration t#rimal homogeneity. Most of the
loggf values of Sit needed for our work are estimated by those authors to haertanties
of around+0.1 dex. Overall, for the lines studied by us, there is only awenall diference
(NIST — VALD) in the mean of all required logf values of about-0.04 dex for Siu, and
+0.1 dex for Sim. As we shall see below, this is not a large enougfedince to play an
important role in measurements of théfdience in abundances found in some stars between
Sin and Sim, although if we used the NIS@f values instead of VALD data, this would tend
to decrease the abundancéeliences found by 0.15 dex.

We have repeated the Si abundance determinations for Siiiushe NIST Sin data. The
average abundance found is in this way-#&20 + 0.14. The change in the mean is thus very
small, but the dispersion from line group to line group is loled with respect to the results
found using the VALD data. This kind of flerence has been found in earlier comparisons of
NIST and other, more homogenized, data (e.g. Sigut & Laedsti990), and appears to arise
from the NIST preference for data selection for individuaék from single data sources. In
particular, the NISTgf value for the Sin line at 5041 A is quite discrepant with the VALD
value, and when the NIST values are used for synthesis ofpidetral region containing the
A4 5041 and 5056 lines, the best fits are clearly not concordetmtden the two lines. It is
because of this larger dispersion that we prefer to use thebvdtomic data.

For Simt we are able to determine the Si abundance using only thedimasiltiplet (2) at
4552, 4567, and 4574 A. The lgg values adopted by VALD, and by us, for these three lines
are all about 0.1 dex smaller than those in the NIST compiati he relative strengths of the
lines are closely identical in both datasets. For consistenth our Sin analyses, we use the
VALD values.

We have also double-checked that our assumed ionisati@m{uas are very closely the
same as those of Kelleher & Podobedova (2008). In summagke i no obvious reason to
think that the results we find below are due to some major té&igbe available spectral line
data.

4.3.3 Si abundance uncertainties resulting from errors in gllar param-
eters

The uncertainty in log and especially iT¢; introduces significant uncertainty in the derived
abundances, especially ofi8i This issue has been explored for thelient classes of stars in
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this study by repeating the determination of the best fitibhgndance of several stars with val-
ues ofT; or logg altered by the adopted uncertainties, and comparing thétirggabundance
values with those derived with the adopted stellar pararsete

Over most of the temperature range studiedy & the dominant form of Si throughout
much of the atmosphere. Therefore, changing the vallggolby 500 K typically results in a
fairly small change in the abundance ofiSihich best fits the observed lines. Generally, the
change in derived abundance is of the order of 0.05 dex, tllérived abundance decreasing
slightly if the adopted¢ value is increased. Apparently the increased populatidheohigh
excitation lower levels of the Silines (at around 10 eV) more than compensates for fiieete
of the Saha equation in decreasing the fraction of Si in ther fof Siu. The changes to the
abundance derived from lines of 5for a change in log of 0.2 dex is also of order 0.05 dex,
with an increase in log resulting in a decrease in the abundance deduced from & the
Saha equation forces more Si from the doubly into the sirajljsed state.

In the temperature range studied, the fraction afi$increases strongly from a very small
fraction at the low temperature end to about half of the tStalear 15000 K. Furthermore, the
lower levels of the lines of multiplet (2) are at almost 19 &¥. a result, the abundance of Si
derived from lines of Siir is a much stronger function dt;. With a change oT ¢ of +500 K,
the deduced Si abundance can change by as much as rou@8Ilgex, decreasing somewhat
towards the high end of the temperature range studied. Tdhecdd abundance also changes
more with a change in log of 0.2 dex than is the case for 5 the derived abundance can
change by an amount of order 0.1 dex.

4.4 Measured Sit and m abundances in the B star sample

In this Section we tabulate and discuss the results of ourgdnce analysis of the stars of the
sample discussed above.

Table 4.4 presents the final mean abundances we find for emci ke first four columns
list the star name (generally an HD Number), and recall e vsini, and¢ values from
Table 4.2. Next we tabulate abundance values found for Tig@u Fe. The abundances of
these three elements had to be determined in order to esadndt test the microturbulence
parameter independently of the Si lines (for the non-magsédrs only), to correctly include
the dfects of weak blends with the Si lines modelled, and to allowezige determination of
Vr andvsini. For all stars, the abundance of iron was found from simehasly fitting three
lines of Fen: 4541, 4555, and 4583 A. Similarly, where possible we derthe abundance of
chromium from lines of Cn at 4558, 4588, and 4592 A and titanium from lines ofi &t 4565
and 4572 A. The abundance of Fe and the valug foir HD 160762 were taken from Nieva
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Figure 4.2: Model fits to lines of Si (right) and Simr (left three panels) to the non-magnetic
HgMn Star HD 78316 (upper spectrum) and the magnetic Bp a8 5044L (lower spec-
trum). The black lines are the observed spectra, red linesher best fit model using the
abundance derived from &iand the blue lines are the best fit model using the abundance
derived from Siu.



Table 4.4: Abundances derived for Ti, Cr, Fe, and the firstgewbnd ionization states of Si. Uncertainties are estin@tde about
+0.2 dex for the magnetic Bp stars an@.1 dex for the non-magnetic normal and HgMn stars with etiopgl values in parentheses.

Star Ter (K) vsini(kms?) &(kms?) log(TiyH)  log(CyH) log(FgH) log(SiH) ASi  op
Siu Sim
normal stars
HD 222173 11800 6#£5 0+1 -7.80 —-6.64 -4.96 -459(0.15) -4.03(0.2) 056 22
HD 22136 12700 152 1.1+0.3 -7.32 -6.34 -4.82 -4.63 -441 022 14
HD 162586 12700 28 2 0+1 —-6.95 —-6.26 -4.84 -4.74 -390 084 59
HD 179761 12900 142 0+1 -7.43 -6.38 -4.75 -4.23 -472 049 35
HD 195810 13700 52 4 0+1 -7.41 -6.35 -4.58 -4.24 -465 041 29
HD 170054 14500 252 0+1 —-7.46 -6.67 -4.95 -4.72 -421 051 3.6
HD 160762 17500 &1 1+1 - - -4.49 -5.34 -410 1.24 89
HgMn stars
HD 193452 10600 141 0+1 -6.50 -5.73 -4.22 -4.20 - - -
HD 57608 10900 561 1.3+04 -8.08 -6.81 -5.31 -4.78 -4.82 -004 0.28
HD 27295 11800 49203 1.8+05 -5.83 -6.03 -5.31 -4.58 -441 017 1.2
HD 175640 12000 151 0+1 -6.54 -5.79 -4.83 -4.46 -376 0.70 5.0
HD 178065 12300 281 0+1 -6.49 -6.04 —-4.65 -4.61 -429 032 23
HD 186122 12900 1.80.5 0+1 —6.68 -7.38 -4.09 -5.54 -490 064 45
HD 78316 13400 6.8 0.5 0+1 -6.79 —-6.06 —-4.45 -4.35 -391 044 32
magnetic Bp stars

HD 47116 11000 3@ 2 0 -4.65 -4.93 -3.65 -3.32 -239 093 33
HD 10840 11600 355 0 —-6.68 -5.56 -3.49 -3.48 =271 077 27
HD 318107 11800 %1 0 -5.05(0.1) -4.50(0.15) -3.00(0.2) -3.65(0.15) -273 092 37
HD 199728 12200 62 6 0 -7.38 -5.33 -4.07 -3.09 -246(0.25) 0.63 20
HD 223640 12300 3% 3 0 -6.89 -4.65 -3.42 -3.42 =217 125 44
BD+00 1659 12500 781 0 -6.69 -5.02 -3.79 -3.53 -251 1.02 3.6
HD 304842 12500 65 5 0 -6.82 -6.16 -4.34 -3.65 -291(0.25) 0.74 23
HD 45583 12700 766 0 -5.67 -4.68 -3.40 -3.33 -210(0.25) 1.23 3.8
BD-195044L 12800 153 0 -6.70 -5.80 -4.15 -3.99 -276 123 4.3
BD+49 3789 12900 855 0 -6.23 -5.48 -4.09 -344 -259(0.3) 085 24
HD 74168 12900 63 4 0 -6.77 -6.30 -4.81 -4.01 -295(0.25) 1.06 3.3
HD 61045 13000 64 3 0 -5.96 -5.24 -3.90 -379 -256(0.25) 1.23 3.8
HD 147010 13000 152 0 -5.81 -4.18 -3.46 -4.03 -346 057 20
HD 133880 13000 103 10 0 -4.86 -4.49 -3.30 -2.68 -123(0.3) 145 4.0
HD 137509 13100 262 0 -4.62 -4.20 -3.19 -3.52 -202 150 5.3
HD 74535 13600 45 4 0 -6.25 -5.60 -3.98 -4.25 -253 172 6.1
HD 49333 15100 68 3 0 -5.97 -5.66 -4.18 -399 -250(0.3) 149 41
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et al. (2012), but the Si abundances were determined by heinsual way.

For the magnetic Bp stars, we estimate the uncertaintidsechlbundances of the Fe-peak
elements to be0.2 dex, a typical deviation from the derived abundance ssau® to produce
an unsatisfactory fit of the model to the observed spectra.ufitertainty derived in the same
manner for the non-magnetic stars suggests a smaller amtgrof +0.1 dex. Uncertainties
that difer from the aforementioned values are noted in parenth@ses.is the case for stars
with vsini greater than about 60 kmi’swhere line blending makes the derived abundances
somewhat less certain.

Following the Fe-peak elements, two columns list abundadegived from lines of Sit
and Sim separately, for each star in our sample. The next columrsgive diference of
the two Si abundance determinations, in the sensa SiSiu, and the final column gives
the diference divided by the estimated uncertainty of tHeedence, including only the fitting
uncertainties discussed in this section. (Recall thattivedainty inTe; substantially increases
the uncertainty in the abundance derived fronmSio at least0.3 dex.)

It will immediately be seen that the values of Idlg(/Ny) are quite discordant as derived
from the two diferent ionisation states of Si. The reader may wonder howstahese large
differences are. Figure 4.2 illustrates the type of fits we obtdhmagnetic and non-magnetic
stars using abundances derived from lines af &nd Sim. The situation for the lines of these
two ions is mostly quite dierent than the fits found for the Fe-peak elements Ti, Cr antbFe
which all lines of the elements are generally fit well with agle value of the abundance. In
both the HgMn star (upper spectrum) and the magnetic stae(lspectrum), the abundance
that best fits the lines of multiplet (2) of Si at 4552-67-74 A (model fit in blue) predicts a
Sin line at 4621 A that is far too strong. Conversely, the abundahat fits the Sir line at
4621 A, and the other Silines modelled, leads to model lines for theiSiines that are much
too weak. This discrepancy is really striking for the magnBp star. It is present but at a
less spectacular level for most of the HgMn stars, and evemsé¢o be present for some of the
normal stars.

The sharp-lined HgMn stars, which have a roughly solar aboeod of Si, allow us to
establish the lower limit o for which Sim is observable. This was done by searching for
the presence 0of4552, the strongest 8i line of multiplet (2), which also includes14567, and
4574. We are able to detect a very weak line ofuSh HD 57608 [T+ = 10900 K), however,
in a slightly cooler star, HD 192452 = 10600 K) we are unable to unambiguously detect
any lines of Siur. This threshold also depends somewhat orglduaut for a solar abundance of
Si, we can begin to detect &iin main sequence starsBi; ~ 11 000 K.
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4.5 Possible explanations of the Si-m anomaly

The results presented in the previous section show thabilvedances derived from the singly
and doubly ionised states of Si are in gener#fledent. This diference is always of the order
of one dex for the magnetic stars in our sample, and appgneanies from near zero to almost
one dex for the normal and HgMn stars. Thé&elence is always in the same sense: if the
abundance is chosen to have a value consistent with thdiigs, the predicted strengths of
the Sim lines are always too small.

It is first worth noticing that there are three stars for whichhint of discrepancy between
the abundance of Si derived from the two ionisation statbese& are exactly the three stars for
which we believe that we detect a non-zero microturbulemcarpeteg, and thus presumably
the presence of atmospheric convection. It is not obviows wiakes these stardiddirent from
other normal or HgMn stars of similar fundamental paransetence we expect the presence
or absence of atmospheric convective zones to vary smoutitiy Te;, logg, and perhaps
abundance. Thus our initial expectation was that at Teyvalues, where we expect weak
convective mixing (but do not usually securely detect it),tlae stars might be reasonably
mixed, or all not mixed.

We also recall (Sec. 3.3) that the discrepancy between ameed deduced from Siand
m decreases abg; increases. Thus, a possible explanation of the discreparcind is a
systematic underestimate ©f; for almost all the stars of our sample. To explain the discrep
ancies found among normal and HgMn stars, the valu@g;oivould have to be systematically
underestimated by an amount of the order of 1000 K, which dveedluce the discrepancy by
about 0.5 dex. For the magnetic stars, the systematic errbgineeded would be of order
2000 K. Although such large errors are possible, they sedikelyto us, and so we look for
other explanations of the observedreiences.

We next consider two further possible explanations of thendance discrepancy that we
do detect in almost all the stars in our sample: non-LifEats, and Si abundance stratification.

4.5.1 Non-LTE dfects in B-type stars

Recent studies of non-LTHtfects in the atmosphere of O and early B-type stars have been ca
ried out (e.g. Przybilla et al., 2011; Nieva et al., 2012jitesthe predictions of LTE and non-
LTE line synthesis codes for main sequence stars Wthbetween about 15000 and 35000 K.
They show that a hybrid method, combining LTE model atmosgheith non-LTE line syn-
thesis, is capable of yielding very accurate basic stelaameters, and very satisfactory fit to
most spectral lines. From comparisons of their non-LTEItega fully LTE synthesis, they
conclude that pure LTE modelling yields meaningful resufigo about & ¢ of 22000 K for a
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Table 4.5: Silicon abundances deduced for HD 160762 fromsliof Sin andmr using the
non-LTE equivalent width calculations of Becker & Butle®@D), and LTE models computed
With ZEEMAN.

log(Nsi/NH)
Becker & Butler Zeeman
lon Line(A) W,(A) ¢=0kms! ¢£¢=3kms! ¢=1kms?
Sin 4128 57.3 <-50 <-50 -5.13
4130 63.2 <-50 <-50
5041 40.1 <-50 <-50 —5.34°
5055 49.1 <-50 <-50
5056 21.9 <-50 <-50

Sim 4552 70.1 -4.1 -4.3 -4.10°
4567 47.5 -4.3 -4.5
4574 28.2 -4.2 -4.5

Notes. (1) 414128 and 4130 simultaneously. (2)5041, 5055, and
5056 simultaneously. (314552, 4567, and 4574 simultaneously.

large number of spectral lines. However, lines with thisdvetur must be carefully identified.
Neiner et al. (2012) have been able to determine abundamheeswnber of elements for the
star HD 96446 Ter = 21600+ 800 K) by using only spectral lines that are approximatedy th
right strength when computed with LTE synthesis and non-abEndances for standard stars
such asy Pyx.

Unfortunately, Neiner et al. (2012) find that lines ofiSandm mostly are not among the
lines that are predicted to have the observed strengthmalatd stars by LTE synthesis. Thus,
it appears that among early B type stars, non-LTEats are probably important for Si. These
results are consistent with comments by Przybilla et all 2@ho suggest that lines of silicon
are strongly influenced by non-LTHects above about 15000 K.

We do not have the tools to carry out non-LTE synthesis farpinoject. However, we have
included the star HD 16076J & = 17500 K) in our sample in order to explore the onset of
non-LTE just above the temperature range of the stars weadgisg. For this star, Nieva et al.
(2012) find that the abundance of Si is essentially solah et Nsi/Ny = —4.49+ 0.05. From
our LTE analysis, it is found that the values of Si abundaaseneasured with lines of Si
(-5.34) and Sin (—4.10), are inconsistent with one another, and with the valuaddy Nieva
et al. (2012). The fact that with suitable choice of lines apgropriate non-LTE synthesis
computations, the abundance of Si, like the other elemarttss star that were measured by
Nieva et al. (2012), have solar abundances indicate ttaifgtation is probably not significant
in this star. Instead, the problems in this star with thediwe are using are probably non-LTE
effects.
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We could try to test this conclusion by showing that non-LDEnputation of our favoured
lines in HD 160762 lead to an essentially solar, and congistédundance of Si. While we do
not have the correct tools for this computation, we can tryge the non-LTE calculations of
Becker & Butler (1990), who have computed non-LTE equivileidths of a number of Si
andm lines over a large grid of ¢, logg, andé. We have measured the equivalent widths
of a number of spectral lines in HD 160762, and used the tadfl&ecker & Butler (1990)
to deduce corresponding Si abundances. The results ofxthisise are shown in Table 4.5,
together with our own LTE abundances from the same lines.

Assuming the correctness of the Si abundance 449, we find that the Si abundance
determined from lines of Sii, using the computations of Becker & Butler (1990) and inter-
polating to& = 1 km s, is about—4.25, somewhat closer to the correct value than the LTE
abundance 0£4.10. In contrast, the non-LTE abundance deduced from lin&swoappears to
be nearly one dex low, as is the LTEiBvalue. It thus seems that the computations of Becker
& Butler (1990) for Sim multiplet (2) do not fully correct for non-LTEfgects, and those for
the optical lines of Sir do not even come close to correctly describing the non-Liféces.
(Note that the non-LTE treatment of &iis still apparently unsatisfactory today; the model
non-LTE spectra for early B stars shown by Nieva et al. (20d2heir Figs. 8 and 9 do not
include any of the strong optical Silines.)

Our conclusion is that, by anffective temperature of about 17500 K, non-LTHeets
almost certainly do undermine Si abundance determinafimms LTE spectrum synthesis,
especially for lines of Sii, but we are not at present able to quantify thigeet, or even say
how far down in &ective temperature it reaches. The fact that Mashonkink @GD5, 2009)
find important non-LTE fects in formation of lines of Pr and Ndandm in magnetic Ap stars
with T as low as 7250 K suggests that non-LTiEeets in Si could potentially be important
well below the conventional limit of ¢ =~ 15000 K.

4.5.2 Stratification

A rather diferent possible explanation for theiS+ Sim abundance discrepancies is the possi-
bility that Si is not uniformly abundant with height in theradsphere of the stars studied here.
We have already mentioned this possibility earlier when wi@ted out that the stars without
the abundance discrepancy all show evidence of noné&eatues, and hence are presumed to
have convective mixing present in the atmosphere, suguggtstat these stars at least may have
atmospheres that are too well mixed to support any kind dfoamon-uniform abundances.
However, for most of the stars in this survey, we have no gtendence of vertical mixing,
and in the case of the magnetic stars, the large energy gengsite magnetic fields almost
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certainly quenches any convective turnover, so that \@rbundance stratification is quite
possible.

As discussed above, vertical stratification has already ble¢éected in rare earths in cool
magnetic Ap stars by Ryabchikova et al. (2001), who found Bnaand Nd have substantially
larger abundance relative to H in the upper atmospheresiséfing magnetic (roAp) stars.
This dfect has been further studied by Kochukhov et al. (2009) ahedrstcited in the Intro-
duction. It now seems quite clear that stratification doesioto a very important extent in the
cool magnetic Ap stars, and that ftects many chemical elements, including Si. Is there any
evidence that stratification can explain the abundanceapancies documented in this thesis?

We have carried out a series of simple experiments in whicimiseduce a simple smoothed
step function of specified amplitude and at a specified opdigpthrseoo at 5000 A. This was
done using a slightly modified version afeman that, given the optical depth and abundance
change of the step, can optimise the fit to one or severalrgpdioes by adjusting the abun-
dance below the step in the atmosphere. We mainly expergdest the two magnetic Bp
stars BD+00 1659 and BD—19 5044L, both of which halg values in the middle of our sam-
ple, around 12500 K, and such low valuesvaini that we can study the fit to line profiles,
not merely to equivalent widths. This is a far simpler schéhas the detailed modelling de-
scribed, for example, by Kochukhov et al. (2006). Howevaniables us to explore simply the
plausibility of stratification as an explanation of thenSiu discrepancy.

We have explored mainly step functions in which the abundalecreases outwards. The
few experiments with Si concentrated high in the atmosplesre to even larger discrepan-
cies between the abundances determined from the two imnssthtes than with an assumed
uniform abundance. We have roughly explored abundanceases of 1 or 2 dex, located typ-
ically betweenrsggo = 0.2 and 0.8. It is found that most such models substantiallycedhe
discrepancy between the abundances deduced from the tvetaitas, often to below 0.5 dex.
With a decrease of 1 dex in Si abundancesggo ~ 0.4 the discrepancy can be reduced to as
low as 0.3 dex. Larger steps of 2 dex lead to nominal agreebetnteen the two ionisation
stages, but also lead to wings on then3ines that are unacceptably broad (a problem that is
only visible because we are studying stars of iosini).

The conclusion of our limited experiments is that vertigalbn-uniform Si abundance,
with a substantially lower abundance high in the atmosptedative torso0 = 1, can explain
at least a large part of the discrepancy between abundaf&@sdeduced from the two ion
states for magnetic Bp stars, and may entirely explain the-Sidifferences for normal and
HgMn stars. Clearly more detailed stratification modellafigndividual stars would be very
illuminating. Similarly, further study of the non-LTE behaur of the Si ions in th@ ¢ range
of 10000 to 15000 K would be very valuable.
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4.6 Summary

The results of our abundance analysis of the singly and geohised states of silicon in B-
type stars are summarised as follows:

1. For a solar abundance of Si, we begin to deteati 3 main sequence stars af; ~
11000 K.

2. All magnetic Bp stars have a discrepancy between the aimoed derived from lines of
Sin and Sim, with the latter being between 0.6 - 1.7 dex higher. The sas@eabancy
is observed in the non-magnetic stars, but to a much lessamtewith an enhancement
of the Simr abundance by between 0.3 - 0.8 dex.

3. Only three non-magnetic stars do not exhibit a discrephatween the abundance of Si
derived from both ionisation states. These are exactlytdrs svhere we detect a non-
zero microturbulence parameter: HD 22136 (normal), HD 87@fgMn), HD 27295
(HgMn). This suggests the presence of convective mixingp@dtmospheres of these
stars, inhibiting the development of any stratified abumdatistribution.

4. Possible errors in the atomic data (of the ordet@fl dex) cannot explain this discrep-
ancy. Although non-LTE fects in Si lines may be important, it is unclear to what extent
these will influence the derived abundances béelgyw~ 15000 K.

5. Simple stratification models with a lower abundance higthe atmosphere relative to
Tso00 = 1 can explain a large part of the discrepancy between theateabundances of
Sinm and Sim in the magnetic Bp stars, and may completely explain the gimemon in
the normal and HgMn stars.

To fully understand the discrepancy noted between the amoes derived from the first
and second ions of Si, more detailed stratification modasaarranted. Further, studies of
the non-LTE behaviour of Si belowss = 15000 K would reveal to what extent the observed
discrepancy is influenced by non-LTHects.
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Chapter 5

Time evolution of abundances in magnetic
Bp stars

5.1 Introduction

The magnetic peculiar B-type (Bp) stars possess the stsongggnetic fields of main sequence
stars, with the line-of-sight magnetic fie{8,) often of the order of 1 kG in strength or more.
They host anomalous atmospheric abundances in theirrsgpkatra. The atmospheric chem-
istry compared to the Sun can be quite strikinglffetient, with the Fe-peak and rare-earth
elements of the order of Z@&nd 10 times overabundant, respectively, whereas He is always
underabundant. The mechanisms thought to be responsibéstiablishing these abundance
anomalies are ¢liusion (the interplay between the gravitational settlind eadiative levitation

of elements into and out of the atmosphere) and chemicatatmain the stellar wind driving
mass loss (Michaud et al., 1976; Richer et al., 2000; Mich2064; Krticka & Kubat, 2004).

The magnetic field structures of the magnetic Bp stars anmajppately dipolar. Typically,
magnetic Bp stars exhibit periodic variability (of the ardé 1 to 10 days) in their spectra and
magnetic field. These variations are explained by the obliggid rotator model, in which
the magnetic field and line-of-sight are inclined at ang@lesdi to the rotation axis, respec-
tively. The magnetic field sustains an inhomogeneous (otctpd) distribution of chemical
elements that are distributed non-axisymmetrically olierdtellar surface. Therefore, as the
star’s framework rotates distinct portions of the surfaeea@bserved, resulting in changes in
the line shapes and profiles, as well a$atent measurements in the magnetic field strengths.

Within the last decade, there has been substantiaitdo characterise the evolution of
magnetic field strengths during the main sequence lifetihmagnetic Bp stars. A systematic
study of magnetic Bp stars that are members of open clustedsthierefore have known ages)

104
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was made using ESO’s FORS1 and CFHT’s ESPaDONS spectriopetars (Bagnulo et al.,
2006; Landstreet et al., 2007, 2008). They were able to shawstars with masses between
2 - 5 M, have root-mean-square magnetic field strengBags) larger than about 1 kG near
the zero-age main sequence (ZAMS) that decrease secutaréyds the terminal-age main
sequence (TAMS). The decay of the magnetic field is a funatiostellar mass, with more
massive stars (between 4 - 5, Mlecreasing on shorter timescales. The less massive 3tars (
3 M,) appear to retain larger fields for a larger fraction of time&in sequence lifetime.

This discovery leads naturally to questions about how theapheric chemistry of mag-
netic Bp stars may evolve during the main sequence lifetifirtee ability to follow observa-
tionally the evolution of stars in a limited mass range wiithe also allows us to address funda-
mental questions, such as whether a link exists betweenetiadield strength and chemical
abundances and if these abundances are strongly sengitvelving stellar properties. The
evolution of chemistry with time can provide useful obséiaal constraints to advance stud-
ies of diffusion and mass loss from the surface of these stars. Undeirsgathe impact of
these processes in the atmospheres of magnetic Bp staygevltle insight into stars where
these same mechanisms are at work in a much less pronounged wa

Until now, the study of atmospheric abundances of magnstist@rs has been restricted
to mainly individual studies of specific stars. The detailtloése studies vary from coarse
models that roughly describe the magnetic field geometryadmchdance variations over the
stellar surface (e.g. Landstreet, 1988; Bailey et al., 22012) to more detailed maps of both
the magnetic field structure and abundance distributioimgj$pectroscopic observations in all
four Stokes parameters (e.g. Kochukhov et al., 2004; Kdebuk Wade, 2010). In this paper,
we aim to broaden the scope of this research by performingrguirieal study of atmospheric
abundances of multiple elements for a larger collection afnetic Bp stars. We selected stars
from our own ESO and CFHT observing programmes (with oneetai@ken from the ESO
archive) that are confirmed to have magnetic fields and to lbeaat probable members of
open clusters. The latter criterion ensures that eachtthegea well-known age with which to
analyse any possible time evolution in abundances. Weatestrour study to stars between
about 3 - 4 M, because results may depend on mass and we did not wish torelasty
relationship that may be present in the data. Further, the segjuence lifetime is a strong
function of mass, and we do not wish to confuffeets that depend in some fashion on physical
time with ones that depend on the fraction of the main sequéifetime completed. The
following section discusses the stellar sample. Sect. Bsgribes the modelling technique.
Sect. 5.4 details the scientific results. Sect. 5.5 explpossible mechanisms to explain the
observed trends and Sect. 5.6 outlines the main conclusions
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Table 5.1: Stars analysed in this study. Listed are the sisigdations, instrument used (with
the number of spectra indicated in parentheses), speesallution, and spectral range.

Star Instrument R A (A)
HD 45583 FEROS (2) 48000 3528-9217
HD 61045 ESPaDONS (2) 65000 3690-10481
HD 63401 FEROS (2) 48000 3528-9217
HD 74535 FEROS (2) 48000 3528-9217
HD 133652 ESPaDONS (1) 65000 3690-10481
FEROS (1) 48000 3528-9217
HD 133880 ESPaDONS (2) 65000 3690-10481
HD 147010 ESPaDONS (2) 65000 3690-10481
HD 162576 ESPaDONS (2) 65000 3690-10481
HD 162725 ESPaDONS (2) 65000 3690-10481
HD 304842 FEROS (2) 48000 3528-9217
NGC 2169 12 UVES (1) 110000 3070-10398
BD+00 1659 ESPaDONS (1) 65000 3690-10481
BD-19 5044L ESPaDONS (2) 65000 3690-10481
BD+49 3789 ESPaDONnS (2) 65000 3690-10481
HIP 109911 ESPaDONS (2) 65000 3690-10481

5.2 Stellar data

This study aims to address the time evolution of atmosplodgmnistry in magnetic Bp stars.
To achieve this goal, our sample is limited to Bp stars thatnaembers of clusters or associa-
tions and thus have a well-determined age. To a first appatiam, each cluster has the same
initial chemical composition. We further restrict the maasge of our study to stars between
about 3 to 4 M, which is the best alternative to evolving one magnetic Bpisttime.

The spectra used for this study were largely taken from our olaserving runs using the
ESPaDONS spectropolarimet& £ 65000) at the Canada-France-Hawaii Telescope (CFHT)
and the FEROS spectrograpR & 48000) at the European Southern Observatory’s (ESO)
La Silla Observatory. The remaining spectrum of NGC 2169 42 acquired from the ESO
archive. The list of stars utilised is summarised in Table 5.

Landstreet et al. (2007) derived accurafteetive temperatureby;, logt and evolutionary
masses for our stellar sample, and determined their assddg,s values. Further, Bailey
& Landstreet (2013b) also derived accurate fundamentampaters ofTs and logg using
Geneva andivbyg photometry for a large portion of our stellar sample. Whennfiormation
was available in the literature, we also deriviegl and logg from Geneva andvbyB photom-
etry. For the Geneva photometry, tlirtraN program described by Kunzli et al. (1997) was
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used. For the StromgreavbyB photometry, we used a version of tlugrran program “UVBY-
BETANEW” (see Napiwotzki et al., 1993) that corrects thg of the magnetic Bp stars to the
appropriate temperature scale (see Landstreet et al.). 200#&n both sets of photometry were
available, the average value was adopted. As discussedrustraet et al. (2007) and Bailey
& Landstreet (2013b), the uncertaintiesTig; and logg were taken to be about500 K and
0.2 dex, respectively.

Table 5.2 lists the properties of each star including itsgiedion, associated cluster, age,
mass, T, l0gg, vsini, andBns. Where applicable, the appropriate reference is given for
each parameter and when not listed, are derived from thitysilhe determination of sini
is discussed later in this chapter. We note thatpghatometrically determined values OF
and logg vary systematically with age from about 13504k to 10000 K3.5, which is as
expected for the evolution of a single star of about 3 5fMm ZAMS to TAMS.

5.3 Modelling technique

5.3.1 Spectrum synthesis

To model the atmospheric abundances of the magnetic Bp #tat®RrTraN programzeemMan
was used (see Landstreet, 1988; Wade et al., 2001a; Baibdy, 28011).zeeman is a spectral
synthesis program for stars with magnetic fields that allagvgnput a magnetic field geome-
try which is modelled as a simple co-linear multipole expamswith the angles between the
rotation axis and the line-of-sigltand the magnetic field axis and the rotation gxispeci-
fied. zeeman interpolates from a grid of ATLAS 9 atmospheric models anrappate stellar
atmospheric structure based upon Tg and logg provided. The atomic data are taken from
the Vienna Atomic Line Database (VALD; see Kupka et al., 20R@abchikova et al., 1997;
Piskunov et al., 1995; Kupka et al., 1999). For all stars, ifloum atmospheric abundance
distribution is assumed over the stellar surface. The rhicbolence parametérwas set to
0 because the magnetic field suppresses any convectivemfnbaonvection is expected or
observed for magnetic stars between about 11000 to 14000 K).

zEEMAN Searches for an optimal fit between the synthetic and obdespectra by means
of a reduced/? fit. Multiple spectral windows can by synthesised simultarsty andzeeman
automatically provides as output the best values for theakaglocity vg andvsini. Only
one chemical element can be fit at a time, with the best abwedbeing found relative to
H (logNx/Ny). The stars modelled vary ifigz from about 10000 to 14000 K and therefore
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Table 5.2: Physical properties of the stars studied.

Star Cluster log M/Mg Ter (K) logg vsini (kms?) Bms(G)
HD 147010 Upper Sco 6.700.10 3.15+ 0.20" 13000+ 500° 4.40+ 0.20° 15+ 20  482%
NGC 2169 12 NGC 2169 6.970.1¢* 3.65+0.1% 13800+ 500* 4.30+ 0.20 56+5 341G
HD 133652  Upper Cen Lup 7.200.1¢* 3.35+0.15 13000+ 500 4.30+ 0.20 48+ 2 1120
HD 133880 3.20: 0.13* 13000+ 60CF 4.34+0.16 103+ 10° 2300
HD 45583 NGC 2232 7.550.1 3.30+0.1% 12700+ 500° 4.20+0.20° 70+ 6° 2730
HD 63401 NGC 2451 7.7@ 0.1 3.70+ 0.20* 13500+ 508 4.20+ 0.20 52+ 4 3653
HD 74535 IC2391 7.7@ 0.1%* 3.85+0.1% 13600+ 50" 4.30+0.20 45+ 4 95
BD-19 5044L IC 4725 8.02 0.08 3.55+ 0.1 12800+ 500° 4.50+ 0.20° 15+ 3° 235
BD+49 3789 NGC 7243 8.060.100 3.55+0.15 12900+ 500° 4.20+ 0.20° 85+ 5° 561"
HIP 109911 3.65% 0.15 13000+ 500 4.30+ 0.20 60+ 2 348
HD 61045 NGC 2422 8.08 0.1 3.85+0.20* 13000+ 500° 4.10+ 0.2¢° 64+ 3° 430
HD 304842 NGC 3114 8.180.13% 3.55+0.1% 12500+ 500° 3.90+ 0.2¢° 65+ 5° 207
BD+00 1659 NGC 2301 8.220.100 3.65+0.15 12500+ 500° 4.00+ 0.2¢° 7.0+1° 394
HD 162576 NGC 6475 8.410.1% 3.10+0.15 10300+500 3.70+0.20 28+ 3 15
HD 162725 3.30: 0.2 10000+ 500 3.50+ 0.20 31+ 3 69

REFERENCES — (@) Landstreet et al. (2007); (b) Bailey & Landstreet (20)18c) Bailey et al. (2012); (*) unpublished

results



5.3. MODELLING TECHNIQUE

Table 5.3: List of spectral lines modelled.

Element  A(A) Comments
He1 4437 very weak, reliable
4713 vsini < 50 km st
5015 vsini < 20 km st
5047 vsini < 20 km st
5876 clean, weak
O1 6155 reliable
6156 reliable
6158 reliable
7771 possible nLTE
7774 possible nLTE
7775 possible nLTE
Mg 1 4481 always present
Siu 4621 weak, alll o
5041 T < 13-14000 K
5055 Ter < 13-14000 K
5056 Ter < 13-14000 K
Tin 4533 slight Far blend
4563 weaker
4571 vsini > 50 km s?
Cro 4558
4565 weak> 14000 K
4588 weak> 14000 K
4592 weak> 14000 K
Fen 4541
4555-56 near Cn 4554
4583 strong, clean
5029 weak
5030 vsini < 60 km st
5032 vsini < 60 km st
5035 vsini < 70 km st
Prm 6160 vsini < 80 km st
6161 vsini < 80 km st
7781 reliable for highevsini
Nd m 4911 always reliable
4912 always reliable
4914 always reliable
5050 vsini < 30 km st

6145

vsini < 60-70 km st
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share many spectral lines in common. Table 5.3 lists thes lumed for modelling all the
stars with our comments on the reliability of each line. Fonsistency, we endeavoured to
deduce elemental abundances from the same sets of line &bars. Ideally, lines with a
range of strengths in the same spectral window were useditecddhe final abundances, with
uncertainties being estimated by manually changing theddmce in a spectral window until
an unsatisfactory fit was achieved (determined by visugddoson). Unfortunatelyzeeman
cannot model simultaneously spectral lines that are widepyarated. In these instances, at
least two lines (in dferent spectral windows) were fit separately and the averagedance
between the lines was adopted. The uncertainty in this caseegtimated from the observed
scatter between the computed values of tigedent spectral lines.

We adopted the same modelling technique for the magneti¢dp as outlined by Bailey
& Landstreet (2013b). All our stars have measurements dfrieeof-sight magnetic fieldB,)
either in the literature (see Bagnulo et al., 2006; Kochwida8agnulo, 2006; Landstreet et al.,
2008) or from our own unpublished results. For two of thessitmour sample (HD 133880 and
HD 147010) magnetic field models were available from dedaskeidies performed by Bailey
etal. (2012); Bailey & Landstreet (2013a), respectively Mérefore adopted their geometries.
When no detailed magnetic field model was available, we sirapbpted a dipolar magnetic
field that was approximately three timBg,s and sei andg to zero.

The majority of the stars in our sample had multiple obséwnat In the cases where more
than two spectra were available we chose the two that exklilifie greatest fierence. In
all cases the derived abundances are the average betwesvotheodelled spectra with the
associated uncertainties propagated accordingly.

5.3.2 Measured abundances

A total of 15 cluster magnetic Bp stars between 3-4Were studied for their atmospheric
abundances of He, O, Mg, Si, Ti, Cr, Fe, Pr and Nd. In Tablesabad!5.5 we tabulate the
mean abundances for each star. The first three columns tieeatar designation, age (1og
and Tg; from Table 5.2. The subsequent columns list the averagedaimge values, with
their associated uncertainties, for He, O, Mg, andi $Table 5.4), as well as Ti, Cr, Fe, Pr
and Nd (Table 5.5). We note that we did not derive abundararenies of Sim due to the
discrepancies in the derived abundances between theaurfidstecond ionisation states (Bailey
& Landstreet, 2013b). For reference, the solar abundanimes raf Asplund et al. (2009) are
also shown. Fig. 5.1 provides an example of the quality offésachieved for each star.
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Table 5.4: Average derived abundances for the stars studied

Star logt Ter (K) log(He/H) log(O/H) log(Mg/H)  log(Sin/H)
Sun
-1.07 -331 -4.40 -4.49
magnetic Bp stars

HD 147010 6.70: 0.1 13000+ 500° -3.11+0.28 -4.49+0.28 -567+0.14 -3.72+0.14
NGC 216912 6.9 0.1 13800+ 500* -3.09+0.30 -388+0.15 -556+0.15 -3.87+0.15
HD 133652 7.20: 0.1 13000+ 500 -3.16+0.28 -3.87+028 -518+0.14 -3.36+0.28
HD 133880 1300@: 600 <-200 -290+042 -412+0.28 -294+0.28
HD 45583 7.55: 0.1¢ 12700+ 500 <-240 -361+042 -419+028 -3.34+0.28
HD 63401 7.70: 0.10* 13500+ 500* -2.64+0.28 -3.73+0.21 -586+0.14 -3.96+0.14
HD 74535 7.70: 0.15 13600+ 500* -252+0.28 -4.26+0.28 -544+0.28 -4.28+0.14
BD-19 5044L 8.02+ 0.08 12800+ 500° -2.16+0.21 -3.99+0.28 -544+0.21 -3.94+0.28
BD+49 3789 8.06: 0.10 12900+ 500° -252+0.35 -3.60+0.22 -525+025 -354+0.14
HIP 109911 1300@ 500 -2.34+028 -369+0.21 -538+0.14 -349+014
HD 61045 8.08: 0.1 13000+ 500 -2.06+0.28 -3.72+0.28 -510+0.14 -3.94+0.28
HD 304842 8.13: 0.15 12500+ 500° -1.54+0.28 -3.78+0.25 -576+0.21 -3.64+0.28
BD+00 1659 8.22:0.10' 12500+ 500° -2.34+0.15 -358+0.10 -5.62+0.10 -3.53+0.20
HD 162576 8.4k 0.13 10300+500 -151+028 -377+0.28 -534+014 -444+0.14
HD 162725 1000@ 500 -1.74+0.36 -377+0.28 -523+0.14 -354+0.28

REFERENCES — (&) Landstreet et al. (2007); (b) Bailey & Landstreet (26)18c) Bailey et al. (2012);
(*) unpublished results



Table 5.5: Average derived abundances for the stars stadigthued.

Star logt Ter (K) log(Ti/H) log(Cr/H) log(FeH) log(PyH) log(Nd/H)
Sun
-7.05 —-6.36 -4.50 -11.28 -10.58
magnetic Bp stars

HD 147010 6.706: 0.1* 13000+ 500 -568+0.21 -4.04+0.14 -333+0.14 -6.15+028 -6.50+0.28
NGC 216912 6.94 0.1 13800+ 500* -590+0.20 -480+0.20 -3.76+0.10 -7.31+0.20 -7.21+0.20
HD 133652 7.2@: 0.1 13000+500 -5.01+021 -417+0.21 -290+0.14 -698+0.28 -6.42+0.28
HD 133880 1300@ 60¢F -5.44+0.28 -465+021 -356+014 -6.96+0.28 -7.04+0.42
HD 45583 7.55: 0.1 12700+ 500 -5.68+0.28 -4.74+0.21 -343+021 -7.49+042 -7.04+0.42
HD 63401 7.70: 0.10* 13500+ 500* -6.44+0.28 -532+028 -384+014 -7.14+028 -744+0.28
HD 74535 7.70£ 0.1 13600+ 500 -6.29+0.28 -565+0.14 -402+028 -815+0.21 -752+0.28
BD-19 5044L 8.02+ 0.08¢ 12800+ 500 -6.82+0.28 -5.88+0.28 -4.24+0.28 -812+0.28 -7.88+0.42
BD+49 3789 8.06: 0.10 12900+ 500 -6.33+0.35 -544+0.28 -4.06+0.28 -7.72+0.28 -7.72+0.25
HIP 109911 1300@ 500 -5.90+0.28 -535+0.28 -359+0.28 -7.70+0.28 -7.37+0.28
HD 61045 8.08: 0.1 13000+ 500 -6.24+0.28 -547+028 -398+028 -7.74+0.28 -7.77+0.42
HD 304842 8.13: 0.1 12500+ 500° -6.83+0.14 -6.05+0.32 -435+0.32 -7.65+036 -7.04+0.28
BD+00 1659 8.22 0.10 12500+ 500 -6.69+0.10 -5.02+0.10 -379+0.10 -811+0.20 -7.34+0.20
HD 162576 8.4k 0.13 10300+500 -7.72+0.14 -512+0.14 -395+014 -1015+0.42 -9.10+042
HD 162725 1000@- 500 -7.30+0.28 -4.64+022 -366+0.28 -832+042 -744+0.28

REFERENCES — (&) Landstreet et al. (2007); (b) Bailey & Landstreet (280)18c) Bailey et al. (2012); (*) unpublished results
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From the study of Bailey & Landstreet (2013b), we know thataes discrepancies (of
the order of 1 dex) are found between abundances derived lfr@® of Sin compared to
those derived using lines of 8i, and that this situation exists in most or all magnetic stars
the Te; range of this study. That study suggests that this discipsmmostly due to strong
stratification of Si, rather like the stratification profileemputed by Leblanc et al. (2009) and
shown in their Fig 9. Stratification has also been detectéladrvertical distribution of Fe (e.g.
Wade et al., 2001b; Ryabchikova et al., 2005), and in theilligion of other elements, mainly
in cool magnetic Ap stars. However, we expect this phenoméoaamccur in theTg range
discussed in this chapter as well. Because both obseraignRyabchikova et al., 2004a)
and theory (e.g. Leblanc et al., 2009) suggest that thece¢edbundance variations may be of
the order of 1 dex or more, this phenomenon raises quiteusedoubt about the meaning of
atmospheric chemical abundances derived assuming theletiments are uniformly distributed
in the vertical direction. (This is similar to the ambigud$ meaning of abundances derived
for patchy stars with models assuming uniform horizontalnalance.)

Up to now, chemical stratification in magnetic Bp stars hatitean about 10000 K has
not been studied in detail. In the absence of establishetiadstthat would enable us to
derive well-defined mean abundance values for the atmosglstndied here, for the present
study we fall back on an operational abundance measurenethboh The typical symptom
of abundance stratification is that a model spectrum thatifies of intermediate strength
of an element predicts lines that are too strong for the ge&snlines, and too weak for the
weakest lines (see e.g. Figs. 2 and 3 of Ryabchikova et @480 Thus, by simply fitting,
on average, the spectral lines of the element under studigypethesise that we are deriving
a fairly stable mean abundance, which has a similar meanistars that do not tfer greatly
in Teg. However, the ambiguity due to probable vertical stratifmamust be kept in mind in
evaluating our results.

5.4 Results

Having acquired a substantial set of magnetic Bp stars withsured abundances of 9 ele-
ments, we aimed to determine if any trends could be seen aribws stellar parameters. We
explored the possibilities of trends of atmospheric abunda with rotation period;sini, Teg,
mass, lod, andB,,s. Within the limitations of our sample, no obvious trends everund with
rotation periody sini, Te; or mass. We discuss in further detail below results fott lagd By s
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Table 5.6: Linear fit parameters.

y-axis X-axis Slope op
log(He/H) logt 0.76+0.18 4.2
logBmms -048+0.11 4.4
log(O/H) logt 0.13+0.17 0.76
logBms 0.04+0.13 0.31
log(Mg/H) logt -0.15+0.26 0.58
logBms 0.20+0.18 1.1
log(Si/H) logt -0.13+0.20 0.65
logBms 0.19+£0.13 1.5
log(Ti/H) logt -107+0.27 4.0
logBms 0.69+0.12 5.8
log(Cr/H) logt -097+0.24 4.0
logBmms 0.40+0.16 2.5
log(Fe/H) logt -041+0.16 2.6
logBms 0.24+0.08 3.0
log(Pr/H) logt -129+0.29 44
logBmms 0.88+0.20 4.4
log(Nd/H) logt -081+0.24 34

logBms 0.46+0.17 2.7

5.4.1 Variations with age of abundances during the main seance

All of our stars have well-determined ages. Figure 5.2 plleésabundances of each star for
the 9 elements studied in this chapter versug.l&hown are the solar abundance ratios (solid
red line) and the best-fit linear regression to the data @thblue line). Table 5.6 tabulates the
slope of the best-fit line with its respective uncertaingyeell as the significance of the slope.
We discuss individual elements below.

Helium

One of the defining properties of magnetic Bp stars is thetfadtthey are underabundant in
He compared to the Sun. This is true of all of the magnetic Bpssh our sample. Interest-
ingly, we observe a clear evolutionary increase in the abnoe of He with time. Substantial
underabundances (of the order of 2 dex compared to the Saemndy seen in stars near the
ZAMS. The oldest stars in our sample (nearer the TAMS) show mwdest underabundances
of He that are about 0.5 dex less than in the solar ratio.
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Oxygen, magnesium and silicon

No apparent trend in chemistry with age is seen in oxygennesigm or silicon. In general,
both oxygen and magnesium are underabundant compared $oldreabundance ratios with
few exceptions. For oxygen, only HD 133880 is overabundantgared to the Sun as well-
documented by Bailey et al. (2012). HD 133880 and HD 4558& m@arly solar abundances
of magnesium. These two stars have very similar stellampaters which may influence the
measured abundances. Of note are the fact that they havecalbigpmasses sini, logg, and
Bims: IN general, silicon appears to be overabundant compar#tketeolar abundance ratio,
regardless of age. The strong Si overabundance is commandgnetic Bp stars between
effective temperatures of about 10000 and 15000 K. The peakvéwmound -3 dex) appear to
occur in stars with relatively large magnetic fiel@.{s = 1000 G).

Fe-peak and rare-earth elements

With the Fe-peak (Ti, Cr, and Fe) and rare-earth elementarfBriNd) a distinct decrease in
atmospheric abundances are observed with time. In all cgsesger magnetic Bp stars have
higher abundances of Fe-peak elements that decrease witlragthe Fe-peak elements, the
older stars apparently approach solar values, whereaaréearth elements remain overabun-
dant by at least about 2 dex.

5.4.2 Trends in atmospheric abundances with magnetic fieldrength

Landstreet et al. (2008) discovered that magnetic fielahgtredecreases during the main se-
guence lifetime of magnetic Bp stars. Since we see trendsundance with time for He, Ti,
Cr, Fe, Pr and Nd, it is logical to assume that these trendgldlatso be apparent with mag-
netic field strength. Fig. 5.3 plots abundances versuBjlggn the same manner as for lagn

all the elements for which a trend was observed versus tirme THCr, Fe, Pr and Nd), one is
also seen versus @}, but in the opposite sense: helium abundance decreasemurnigas-
ing magnetic field strength and the Fe-peak and rare-eahegits increase in abundance with
increasing magnetic field strength. This is consistent thiéresults of Landstreet et al. (2007,
2008). We note that this seems to be the explanation of thelation between the Geneva
photometric measurements of the 5200 A depression (usin@ tindex) and field strength,
as discussed by Cramer & Maeder (1980). Thiea has also been exploited recently by the
Special Astrophysical Observatory (SAO) group (e.g. Kagltgev et al., 2006; Kudryavtsev
& Romanyuk, 2008; Kudryavtsev et al., 2011) to search fotipalarly large magnetic fields
in Ap/Bp stars.
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solar abundance ratio for that element (solid red line) &edest-fit linear regression (dashed blue line).
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Figure 5.3: Same as Fig. 5.2 but Bys.

1 A} 1
\ \ \
\ b \ \ 4
\ —o—i —o—i \ —e—i | o
\ —o—i _ o~ =
—e—i \ .H ——i ™
—————i \ .|0|.., —e—i
\ 1 \ ]
\ \ \
\ —e—i| /.lol. H-e— Hen o~
\ \ ) )
\ \ ~
> /.l.l. \Fe 1 7))
T!*ol_u?. —e—i roi o —e—i .%.I n e
\ \ N =
Heo—i \ —e—i i om
\ \ ]
\ \ \ (o]
\ \ \ m
—e——i \ o .IOLﬂ HoN
.IOI./ —e—i / —e—i\
\ \ \ 1
\ \ \ 0
\ R \ \ —
\ \
+—e— | \—e—— —e—i \
—e—i\ —o—i \ \ —e—i
n | IR N I N E— | \ n 1 1 n 1 n 1 n | ,/ kkkkkkkkkk | —
5§ T ®m o W 5§ m o Mo h R oo 1o
Y 9 Yy oW ¢ ' @ o g
(H/BIN) Boj (HMD) Bo (H/PN) Bo
T Y Y ~
| / \
) L \ )
I.__I. —e— —e— o\
—o—i _ /..401 L \ e |0
——et+——i —e \ ™
————] | —e—
\ \ )
| \ \
\

L —ea—i \F—e— TOLﬂ Jon—~
! \ \ O
| \ ~

8 —e—i —— He—i 1 o

N .ﬂ”.l. —e—i —e—i 1\ ot —o—i .uznﬂ.o.. To) m

—— /To|.. Heo— ZB

[ i \ \ 12
I \ \ o

r | —e— —e—i \ oy BRI
| /. /

L -_ \ )

i \ 0

L 1 \ / T

| .|o“|. o \ —e—i \ |

—er—i \ e \ —e—i
| [ T N A N N B B AT T R R R R P\ VI S RPN I
e} ™ 0 < 0 n M © O ~ cONHmomo Mo md
o~ ™ ' < nw ' © ~ "o '~N"w 'ovo
' v V 1 T ' ' T | —
)
(H/0) Bol (H/11) Bo (H/d) Bol
7 T T ~
\ \ \
\ \ i
—e— \ —e—i —e—i \
—e— \ e \ e |0
o/ ——e—\ —e—VY ™
[ \ —e— \ —eo—
L \ \ )
/
\ \
- as v g
/ \
.|\I0|. .|0|./ —e——i ‘ Nu\
.|0.||_\le|. —e—i Iﬂﬂ/lol | —o— % |0 E
S
.|\1|. .+0|. / —e— V@
/ \ \ 1T D
/ \ / o
\ —e—i / —e—i —— N
——e— i —e—i —e——i /
/ \ i
/ \ \ 0
/ \ \ 1w
/ \ \ -
e ——i\ JHL W E—
.|0\|. \ —e— —e—i /
kkkkkkkkkkkkkkkkkk ‘. L W -

[l o N 0 [32) 0 ™ [£9) < 0 [32) 0 < n

SR o o ¥ T by
(H/aH) Bo (H/1S) Boj (H/24) Boj

SYVLS dg OILANDVIN NI SHONVANNEIYV 40 NOILNTOAH HNI] "G ¥ALdVH)

8TT



2 5 | T T | T | T T 2 5 | T
3 — 3k —
3.5 -1 -3.5F —
4 — 4 —
T 451 —< 45
St = F :
8 s —48 - s
5.5 — 5.5 —
-6 — -6 —
-6.5/— Ei - 65k -
-7 | | 1 | 1 | 1 | 1 -7 | 1 | 1 | 1 | 1 | 1
6000 8000 1000012000 14000 6000 8000 10000 12000 14000
Effective Temperature (K) Effective Temperature (K)
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5.4.3 Cr and Fe abundances versudfective temperature

In addition to the goals of this chapter, our results can leslus compare to previous stud-
ies of magnetic Bp stars. Ryabchikova et al. (2004b) preseatcomprehensive comparison
of Cr and Fe abundances in roAp (rapidly oscillating Ap) stagrsus ffective temperature.
However, their study was mostly restricted to stars at cowelround 10000 K. Ryabchikova
(2005) added stars between about 10000 and 15000 K and a@antsatudy, as well as a pre-
vious study by Bailey & Landstreet (2013a), add 23 stars &b same temperature range. The
results are shown in Fig. 5.4. The hotter temperature re@aineve about 10000 K) exhibits
marginally larger scatter than the cooler temperaturds\{babout 10000 K). This may be in
part due to the larger uncertainties in the temperaturameétations of the hotter stars. Re-
gardless, it appears that for Cr the largest observed abuadaeak at around 10500 K and
decline with increasingféective temperature. A similar trend is seen with Fe, but tesgér
extent. There is no obvious peak in the abundance of Feljthowever the abundance does
seem to decrease with increasifig towards the solar ratio. These results support the conclu-
sions of Ryabchikova et al. (2004b) that the maximum abuceléor Cr and Fe both approach
the same value of abou3 dex (perhaps closer te4 dex in the case of Cr).
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5.5 Discussion

5.5.1 General ideas

It is generally believed that the peculiar chemical aburdarfound in the atmospheres of
magnetic Ap and Bp stars are the result of microscopftusiion, possibly in competition
with other processes such as turbulefiigiion, convection, meridional circulation, well-mixed
mass loss, accretion, and thiéeets of a magnetic field.

The basic ideas of how filusion can lead to anomalous atmospheric abundances are dis-
cussed, for example, by Michaud et al. (1976) and by Vau¢l&83). Essentially, in a qui-
escent stellar plasma in a gravitational field but havingsatropic radiation field, the trace
atoms will tend to diuse downward relative to the dominant hydrogen gas. Howevarstar,
the outward flow of radiation from centre to surface leadsradgation pressure on these trace
atoms which, if these trace atoms absorb at many waveleagthare not too numerous, can
levitate trace atoms into and through the atmosphere.

The average upward acceleration per ion of a particulariepelepends on the intensity
of the radiation (which increases witlective temperatur€y;), on the specific atomic transi-
tions that the ion can undergo (especially those arising fimv-lying energy levels), and on
the number density of the trace ion. In general, as the matinumber density of the trace
ion increases, the acceleration per ion decreases. For tre@yions of low abundance (hav-
ing, say, number density less than about®ltbat of H) in stars off+ above about 7000 K,
the upward acceleratiogr due to the radiation field is larger than the local acceleratf
gravity g, and the ion dfuses upwards rather than downward. In slowly rotating neiahaiin
sequence stars, which have relatively weak mixing nearufface, this phenomenon can lead
to anomalous chemical abundances in the stellar atmosphere

The actual vertical variation of radiative acceleration ¥arious ions in specific stellar
models has been calculated by a number of groups. The cidnddall into two general
types. Because the acceleration per ion decreases as thierfeh abundance of the ion in-
creases (due to saturation of the spectral lines that thelisarbs), an ion which is levitated at
low abundance can become locally abundant enouglgghatg, a situation in which the ten-
dency of that trace ion to fluse upwards or downwards vanishes. It is possible to datermi
the fractional abundance for a specific atom as a functiorosition in a region (e.g. with
height in the stellar atmosphere) for which this conditiosatisfied everywhere in the region,
and difusion of this atom ceases. The run of abundance through ¢henrsatisfying this
condition is known as the “equilibrium abundance distridmit. Some recent computations
of equilibrium abundance distributions in the atmosphefdke late B stars discussed in this
chapter are reported by LeBlanc (2003), Leblanc et al. (2@a@ Stift & Alecian (2012).
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Recent work in this field has focussed on re-computing thectre of atmospheres in
which equilibrium abundance distribution computationggast the presence of strong vertical
variations in abundance, in order to have the atmospheuctste be consistent with the abun-
dance stratification (LeBlanc, 2003; Leblanc & Monin, 20&hulyak et al., 2009; Leblanc
et al., 2009; Stift & Alecian, 2012). It is found that whendarvariations in abundances of
abundant elements with altitude are present, the atmaspsteacture is substantially per-
turbed.

However, an equilibrium abundance distribution may not tf@evable in a region if not
enough atoms of the species is available from below. In #ied case, atoms mayfidise
slowly up into the region from below and at the same time beorard from the top. This
situation could settle into a stationary state in which the fif atoms through the region is
constant with height, and the abundance distribution ishanging but not the equilibrium
abundance. In principle, if a large enough volume of the istaonsidered, the evolution of
abundance of an atom with radius, including through the aprhere, could be computed as a
function of time. Because the time-scale for evolutionessgtrongly with density, this is a ti
problem. Solutions on the scale of a stellar envelope, ttotexplain the chemical abundances
in the atmospheres of metallic-line (Am) stars, includiither a (mixed) stellar wind or deep,
but weak, turbulent mixing have been reported by Vick et2010, earlier work on abundance
evolution is cited there).

The time variation with height of abundance of a very unalamecetlement dfusing up
through a stellar atmosphere has recently been studieddxyjah et al. (2011), who find that
a stationary state of constant particle flux with height inegally achieved after a few hun-
dred years, provided that the atoms continue ftude out of the top of the atmosphere. The
actual value of the flux, and the run of abundance with heighdet by the abundance of the
atom supplied at the bottom of the atmosphere from the resdsglow. We will refer to this
situation as “stationary flow-through”.

We now apply these general ideas to the elements studiedihestellar atmospheres of
logg ~ 4 andT¢ ~ 10— 13000 K. In the panels of Figure 5.2, it appears that we camtiigte
several rather dierent cases.

5.5.2 Abundant light elements: He, O

The general behaviour of these elements was already peddigt Michaud et al. (1976). For
the very abundant light elements He and O, the radiativel@@t®n for Ty ~ 12000 K is
much too weak to support a solar abundance of these elenoégtgy(Calculations forTe; =
12000 K by Hui-Bon-Hoa et al. 2002). These two elements apeebed to diuse downward
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into the stellar envelope below the atmosphere until thetived abundance has fallen enough
that radiative acceleration can support them in the atmergphConsequently, He and O are
expected to have abundances well below the solar valueshend observed.

The ditfusion of He in stellar atmospheres with well-mixed windsliiding H) has been
studied in more detail by Vauclair et al. (1991), Krticka & It (2004) and Théado et al.
(2005); all groups confirm that without a mixed wind from tharsthat He should diuse
downward until quite low relative abundance is reached. &l@y, we know of no published
predictions of how low the He abundance should drop beforecauilibrium distribution is
achieved. It may well be that some degree of turbulent miwitg sub-atmospheric layers is
required to keep the abundance of He as large as is obserngend5.2).

Theincrease in He abundance with stellar age that we observe is partigulaexpected.
Radiative levitation is so weak (due to the shadowing of mesce lines of He by the very
strong H continuum bound-free absorption below the Lymanit)ithat it is not expected to
play a significant role in the observed He abundance, ancciedlyenot in its increase with
decreasing . The observed increase of He abundance towards the solexgnatio suggests
either that there is significant and increasing mixing upl@frenvelope He by some process
unrelated to dfusion, or that there is accretion of (He-rich) interstefjas.

Landstreet et al. (1998) have studied th&utiion of O in stars in our mass range, using
a simple approximation to estimate the radiative accetratExtrapolating their results, it
appears that radiation may be able to support O at an abuadaedo two dex below the solar
abundance. This conclusion is supported by the very sgpalalue for O at 12000 K found
by Hui-Bon-Hoa et al. (2002). The rather mild underabunéapicO that we observe (about
0.5 dex) is probably higher than the level that would be fobgpdn equilibrium abundance
calculation. Furthermore, as the stars in our sample &geand logg both decrease. The
change inTg; is expected to reducgz. However, the decrease in Iggneans that a smaller
value ofgr is required to support ions of O, which in turn means that gdaabundance can
be supported. Itis not clear which of these twieets dominates, and in fact the observed lack
of significant variation in the O abundance with age suggeésisf the observed abundance is
the result of radiative levitation, the twdfects roughly cancel.

We do not have any explanation at present for the slight dverdance of O observed for
a single star, HD 133880.

It would clearly be of interest to have available some piigdsresults of computed equilib-
rium abundances of He and O in our temperature range, andiakyp® have such calculations
follow the evolution of a star of 3M,, from Tz = 13000 K and logy = 4.5 to Tex = 10000 K
and logg = 3.5, in order to determine the importance of radiative leiotabf He and O in the
observed abundance evolution of the stars of our study.
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5.5.3 Light metals: Mg and Si

The Mg abundance, based generally only on the 4481 A line ofiMgpears to be about 1 dex
below the solar abundance, or logg/ny) =~ —5.2. This may be compared with the predicted
Mg abundance profile for a star ®f; = 12000 K of Leblanc et al. (2009) and of Alecian &
Stift (2010). The abundance predicted by the equilibriuhowdation @z = g throughout the
atmosphere) is mildly non-uniform through the line-forgpiregion, but is of about this same
value. Thus it appears that Mg may be an element in which thelgof atoms from below has
been large enough to allow the development of an equilibstratification. No strong trend
of abundance with age is observed.

We have no explanation at present for the two stars (HD 13888@D 45583) that deviate
strongly from the mean behaviour, with Mg abundances abdeilarger than other, younger
and older, stars.

Since Mg may well be described in the stars of our sample bytudibrium abundance
distribution, it would be of great interest to have calcalas of the equilibrium atmospheric
abundance of Mg following the evolution @f; and logg for our 35M,, stars.

Silicon equilibrium atmospheric abundance has been dualfea number of authors, in-
cluding Alecian & Vauclair (1981), Leblanc et al. (2009)dafllecian & Stift (2010). While
detailed results dier, the overall conclusion is that Si is expected to be of niddex un-
derabundant in the atmospherelat ~ 12000 K. Instead, as has been found in the past, we
observe an overabundance of about 1 dex at all ages. Thagisitthas been a long-standing
puzzle. Because it is not clear how to obtain an atmosphetiodance that is nearly 2 dex
larger that the maximum value that can be supported by radigressure, various explana-
tions have been probed, such as support by a horizontal made&l, non-LTE dfects, etc,
but none have been found t&fer convincing explanations of the observed overabundance a
all ages.

5.5.4 Iron peak elements: Ti, Cr and Fe

Expected abundances for these elements based on equilibaue recently been computed
for stars in our mass range by Leblanc et al. (2009), Aleciasti& (2010), and (for Fe) by
Stift & Alecian (2012). The results are most extensive fanir The computed equilibrium
abundances are only qualitatively in agreement with on¢h@ncand depend on still uncertain
physics, particularly on how to treat redistribution of memtum between ionisation stages,
but also on the féects of the magnetic field, and the chemical compositionrasdufor the
computation. However, all the computations of equilibrisbundances agree that Fe in the
line-forming region of stars in our mass range should reaghlierium at an abundance of
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around-3 to —3.5 dex relative to H. This is reasonably consistent with thiees that we
observe (Figure 5.2), so this may well be an element for wkhehequilibrium assumption
of zero difusion is approximately correct. This implies that an adégjgapply of Fe ions is
available from below the atmosphere to replenish atmosph&yms lost to space during the
initial period of equilibration, and to keep the abundanigglenough to satisfy the equilibrium
condition.

It is clear from the few values &f; for which equilibrium Fe abundances have been com-
puted that the radiative acceleration and the equilibribomaance decrease with decreasing
effective temperature. However, there is no computationatimétion on how the equilibrium
abundance varies as Igglecreases from 4.5 to 3.5, except for the qualitative réisattthe ef-
fect of the decrease in lggshould be to make it possible for a given radiative force fapsut
more atoms. Since the observed evolution of Fe abundanbatishte abundance decreases
with time, it appears that the decrease in radiative acatber with decreasin@e may dom-
inate. This is certainly a question that could be studieddaymuting an appropriate series of
equilibrium abundance models following the evolution of a\&, star

The available equilibrium calculations for Ti and Cr in thass range of our observations
by Leblanc et al. (2009) have been cftitio the line-forming region because of artificial limits
of 1000 times the solar abundances imposed on the calawatibhus we may suppose that
without these limits, the equilibrium calculations woutdply equilibrium abundances of Ti
and Cr of logfe/ny) similar to those of Fe, in the range o8 to —4. This is confirmed by
the calculations of Alecian & Stift (2010). Although we obge overabundances of these two
elements of up to 2 dex when the stars are young, the Cr abocedaems to be generally
less than the equilibrium value, and the Ti abundances aloaoinly are below equilibrium
even at young ages. These may well be elements for which tinedabce would be closer
to that predicted by the assumption of a stationary flowttglostate, with atoms fed into the
atmosphere from below and lost from the top (cf Alecian et2fl11). In this case the limiting
factor determining the atmospheric abundances is theadlaihumber density of Cr or Ti
brought up from the envelope byftiision.

As for iron, it is not known whether the decrease in radiaticeeleration with declining
Ter, OF the increased abundance that can be supported gslEmeases, is the dominafitest
during main sequence evolution. It appears that ffexeof decreasing radiative acceleration,
which may well reduce the supply of Cr and Ti at the bottom efdktmosphere and thus may
reduce the supply if these elements are in a stationary fioaugh state but not in equilibrium,
may dominate, as the abundances of both these elements se/@dh to decrease strongly
with increasing stellar age (cf Alecian & Stift, 2010). It wid be of great interest to have
computations of equilibrium abundances of Ti and Cr follogvthe evolution of a 3M,, star
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for more direct comparison with our results.

5.5.5 Trace heavy elements: Nd and Pr

As far as we know, there are no calculations of the equilibrabundances of heavy ele-
ments such as Nd and Pr near thg temperature range of interest to us here, except for
the equilibrium stratification calculated for a simplifiedifécial low-abundance element with
Ter = 12000 K by Alecian et al. (2011). This artificial element ipegted to behave somewhat
like Hg, and the equilibrium abundance computed for it isbe8 dex without a magnetic
field, and possibly even smaller high in the atmosphere imptesence of a strong magnetic
field. It is not clear to what extent this result is applicatoléNd or Pr. More realistic computa-
tions would clearly be of great interest.

In considerably cooler magnetic Ap stars, it is known fromdeldng of observed spectra
that these elements are strongly stratified, with the almoelaf Nd as much as 4 dex more
abundant high in the atmosphere than near optical depth (Mashonkina et al., 2004; Nes-
vacil et al., 2013). However, we know of no similar stratifioa models of rare earths in Ap
stars in our temperature range. The stars in our sample aenbagh that we have not been
able to identify the Ndh lines that would make stratification analysis possible.

We thus have no real evidence as to whether Nd and Pr at theetatages of our stellar
sample have approximately equilibrium abundance didiohs, or are in a stationary flow-
through state in which these elements are entering therbaifdhe atmosphere from below
and are being lost to space from the top.

Like the Fe-peak elements, these rare earths are obsernveyéomean abundances that
clearly decrease with stellar age. This could be becauseathative acceleration upward is
declining with decreasinf¢;, and thus either decreasing the equilibrium abundanceen th
atmosphere, or decreasing the supply at the bottom of thesgimere if the flow-through case
applies.

5.6 Summary and conclusions

The results of this chapter can be summarised as follows:

1. The abundances of He, Ti, Cr, Fe, Pr and Nd in magnetic Bp stdibit evidence of
time evolution during their main sequence lifetime. For iee abundance increases
with time from about 2 dex to 0.5 dex below the solar ratio. Heepeak and rare-
earth element abundances decrease with time. The Fe-prakrtls begin about 2 dex
overabundant (1.5 dex for Fe) compared to the Sun and agptbacsolar abundance
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ratio with increasing age. Young stars start out about 5 delxdadex overabundant in
Pr and Nd respectively, decreasing with time to a value thatill about 2 dex more
abundant than in the Sun.

2. No apparent trends in abundance with time are observed, fivig or Si.

3. Atrend in abundance with magnetic field strength is alseoked for He, Ti, Cr, Fe, Pr
and Nd. In this case, He decreases in abundance with incgeasignetic field strength,
whereas the Fe-peak and rare-earth elements increasenideatme with increasing mag-
netic field strength.

4. No trend is apparent in abundance versus magnetic figdggttr for O, Mg, or Si.

5. Astemperature increases, the abundances of Fe and @Gtsattian abundance of about
-3 dex and between3 and-4 dex, respectively. For Cr, the peak value occurs at about
10500 K and decreases with temperature up to about 15000&Kpd#k value in the Fe
abundance occurs in a temperature range between about i®@B000 K with larger
scatter at hotter temperatures with abundances that cawoagtpthe solar ratio.

We explored the extent to which various stellar parameteig. (rotation periody sini,
Ter, Mass andB,,g) influence the evolutionary result by comparing the disiperg the time
evolution plots to the above listed parameters. No obviausetations are observed with any
parameters. Although we can say with certainty that the fiealved abundance depends on
the physical parameters of the star and contribute to thitescd is unclear as to the extent
each parameter influences this value. It is quite remarkihlaliewe are able to observe time
evolution in abundances with our limited sample between\8;4

The individual observed abundances and their variatiotts stellar age may be explained
by diffusion processes. Specifically, wiered two possible scenarios: the “equilibrium abun-
dance distribution” and “stationary flow-through.” Therwer scenario occurs when the ten-
dency for a trace ion to ffuse upwards or downwards vanishgg € g). This situation is
achieved when the fractional abundance of a specific atomyapasition in the stellar at-
mosphere is satisfied and atomidfdsion stops. The latter case occurs when anfiitsent
reservoir exists for a specific atomic species below the spinere. Here, the species is slowly
replenished from below via flusion while contemporaneously being lost at the top of the at
mosphere due to stellar winds. A stationary state can thashieved when the flux of atoms
at a given height in the atmosphere is constant (but not adbg@ibrium value).

The Fe-peak (Ti, Cr, and Fe) and rare-earth (Pr and Nd) almeedalecrease with time. In
the case of Fe, the equilibrium abundance of abd@ibr —3.5 dex is achieved, which implies
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an equilibrium abundance distribution. It is uncertain e equilibrium abundances of Ti
and Cr are, however, it is likely similar to that of Fe (betwedout-—3 to —4 dex). These two
elements are, in general, less than these equilibrium sa@ne therefore assumed to be in the
stationary flow-through state. At present, no equilibriumaradance calculations exist for Pr
and Nd for stars within our temperature range of considamatAs such, it is unclear which
scenario best describes the distributions of these ratk-el@ments.

No strong trend of abundance with age is observed for Mg, hiewyehe average abundance
of about-5.2 dex agrees well with predicted abundance profiles and stgjtfgat Mg is an
excellent candidate for the equilibrium abundance distrdn state. Si is expected to be of the
order of 1 dex overabundant and no obvious trend with ageeis. SEquilibrium calculations
of O suggest that the atmosphere can support values 1 to »wex than the solar abundance
ratio. As the star ages, a decrease ingageans that the atmosphere can support more ions
of O. It therefore seems reasonable to conclude that O may theiequilibrium abundance
distribution state.

The most striking result is the secular increase in the atoicel of He with stellar age.
The radiative levitation of He is expected to be weak, so a®tglay a significant role in the
increase in abundance of He with time. We conclude that tlservld increase is either the
result of significant mixing in the stellar envelope of Hettisanot related to dfusion, or that
there is accretion of He-rich gas from the interstellar medi

We encourage bothfilusion and stellar evolution theorists to utilise the resofthis thesis
to build upon our current understanding of these proceddese detailed calculations on the
equilibrium abundances for elements are necessary to ifulypret the results we present.
Further, éorts to follow the evolution of a 3.5 Mstar from a series of equilibrium abundance
models will help diferentiate between competinffexts, such as the decrease in gravity and
the decrease in radiative acceleration with decreaBipgvith time, that influence the amount
of radiative support for atoms in the stellar atmosphere.

Future work will increase the number of stars in the curreassrbin to enhance the current
sample as well as increase the number of mass bins studiedtltaé more massive stars
(4-5 M) and less massive stars (2-3, Mo see if similar trends are observed.
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Chapter 6

Conclusions

6.1 Summary

This thesis presents detailed investigations of magnetistBrs, ranging from in-depth studies
of the magnetic fields and atmospheric abundance distoihsitof individual stars to larger,
broader studies of stratification and abundance evolutidhese stars.

For two magnetic stars, HD 133880 and HD 147010, detailetyseswere performed. In
both cases, a series of spectropolarimetric observati@ns wutilised to calculate the best-fit
magnetic field model (based upon b@iy) and(B) measurements as a function of rotational
phase) that consisted of colinear dipole, quadrupole ahgote components. Further, this
magnetic field geometry was employed in deriving a first apjpnation to the atmospheric
chemical abundance distributions for several elementgjubie fortran programeeman.

HD 133880 is a strongly magnetic, rapidly rotating Bp stesifi ~ 103 km s?), which
presented many challenges for modelling. In order to adeguaodel the magnetic field
geometry, information about botB,) and(B) is required. A plethora ofB,) measurements
from Landstreet (1990), as well as four new polarimetricaptations, indicate that the mag-
netic field variations dfer in a significant way from a simple sinusoid,) varies from about
—4000 to+2000 G with a strong quadrupolar component. The fast rgtatiade it impossible
to measureB) from Zeeman splitting. InsteadB) was estimated using the techniques out-
lined by Preston (1971), in which the widths of two specira$ of a given element, one with
a large and the other a small Landé factor, were compamdifies that are stronglyffected
by the magnetic field to ones that are not). Employing thisnegue, it was found that the
surface magnetic field strength varied from about 10 to 20 &&r the positive and negative
magnetic poles, respectively. This information alloweel derivation of a new field geometry:
i =55,8=78, By =-9600 G, B = -23200 G, and B = +1900 G. Using this magnetic
field geometry, a detailed abundance analysis using a timged abundance model was em-
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ployed that encompassed both magnetic poles and the maggaator because both magnetic
hemispheres are clearly visible during the stellar rotatithe abundance distribution of most
elements (Si, Ti, Cr, Fe, Pr, Nd) were more abundant at thativegnagnetic pole as compared
to the positive magnetic pole and were well in excess of ther stoundance ratios.

HD 147010, a hotTe = 13000 K), high-field magnetic Bp statR,) varies from about
—2000 to-5000 G), was analysed using seven spectropolarimetria\cdigans. The dataset
was stficient to obtain a first-order model of the magnetic field anthioikthe abundance dis-
tribution of He, O, Mg, Al, Si, Ca, Ti, Cr, Fe, Ni, Sr, La, Ce,,Nd, and Sm using a simple
model of uniform abundance in each of two rings in the obsemagnetic hemisphere with
equal spans in co-latitude. The adopted magnetic field gegroensists of = 8 = 39, By
= -21300 G, B = 30300 G, and B = —800 G. The analysis revealed large overabundances
of Fe-peak and rare-earth elements relative to the solassrai all cases where strong vari-
ability in surface chemistry was observed, abundances igher near the magnetic equator
compared to values near the magnetic pole. In fact, HD 141®h@yhly rich in rare-earth
elements that are of the order of°itimes more abundant than in the Sun.

Evidence is available that indicates that the abundancea déi$s/ed from lines of Si
and Sim leads to discordant results in B-type stars (see the stutiDofi5583 by Semenko
et al., 2008). It is found that fierent abundances need to be assumed far&id Sim in
order to adequately model the observed line profiles. Ttvéurinvestigate this phenomena, a
comprehensive study offiiérent kinds of B-type stars was carried out to clarify whitdsses
exhibit this discrepancy and to identify any regularitiedhe phenomena. The stars studied
ranged inTg; from about 10500 to 15000 K and included normal late B stduat @o not, in
general, have detectable magnetic fields), the magnetidddp Gvith strong magnetic fields
and overabundances of Fe-peak elements) and HgMn staré whaw overabundances of
elements such as P, Mn, Ga and Hg, but are non-magnetic.rémesynthesis was carried out
usingzeeman and for each class of star accurate abundancesio&d Sim were determined.
Multiple lines of Sin were used to deduce the abundance. Tha &bundances were found
using the mulitplet (2) tripleia 4552, 4567, and 4574.

All the magnetic Bp stars exhibit a discordance between ¢éneeld abundances of the first
and second ions of Si, with abundances derived from ther lagimg between 0.6 to 1.7 dex
higher. The same behaviour is observed in the non-magnati $ut to a much lesser extent.
Only three stars do not exhibit any noticeable discrepahtly:22136 (normal), HD 57608
(HgMn) and HD 27295 (HgMn). These stars are the only ones fochwvthe microturbulence
parameter (velocity distribution that de-saturates spetihes) is significantly dferent from
zero. This suggests that these stars hafigcgent convective mixing in their atmospheres to
produce a well-mixed environment in which this discrepacemynot arise. A possible explana-
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tion is vertical abundance stratification. In general, thergyer Six lines will be formed higher

in the atmosphere whereas the weakan$nes are formed deeper. It was found that a simple
stratification model that has a reduced abundance of Si higheompared to lower in the
atmosphere can explain a large part of the discrepancy batthe abundances derived from
both ions of Si for magnetic Bp stars and may explain comyléte discrepancy observed in
both normal and HgMn stars.

Magnetic Bp stars exhibit large oyanderabundances of many elements in their atmo-
spheres that are probably the result ofulion processes. Little is known about the time
evolution of these anomalous abundances, nor the role ifiasidn may play in maintaining
them, during the main sequence lifetime of these stars.eftwey, we have performed an anal-
ysis, based on spectropolarimetric observations of a sawifpl5 cluster member magnetic
Bp stars, that @ectively follows the abundance evolution on the main seqeaf a 3.5 M,
star. Using high-dispersion spectra collected by the E€ReEspectropolarimeter and FEROS
spectrograph of magnetic Bp stars with masses between 3 Ehg we performed spectrum
synthesis on all stars in our sample using the progneaman, which can take into account the
effects of the magnetic field. For each star, abundances of H&IgOSI, Ti, Cr, Fe, Pr and
Nd are obtained. For all magnetic Bp stars in our sample, wtqu the derived abundances
against their cluster age. By restricting our study to a fijgemass range we are, to a first
approximation, evolving a single 3.5JMnagnetic Bp star in time. During the main sequence
lifetime we observed clear, systematic variations in tmecspheric abundances of He, Ti, Cr,
Fe, Pr and Nd. For all elements except He, the atmospheritdalnces decreased with age
towards the solar abundance for the Fe-peak elements amdd®w value at least 100 times
more abundant than in the Sun for the rare-earth elementss &lerays underabundant com-
pared to the Sun, evolving from about 1% up to 10% of the soéaalbindance. We attempt to
interpret the observed abundance variations in the coofexddiatively driven difusion the-
ory, which appears to provide a framework to understand sbotenot all, of the anomalous
abundance levels and variations that we observe.

6.2 Future Work

Many avenues of research are still available in the studyaxjmetic ApBp stars. Continued
detailed analyses of hot magnetic/Bp stars is still necessary. Although the list of hot mag-
netic Ap stars for which detailed abundance analyses isiggo{thanks in part to thefforts
outlined in this thesis) more work is necessary. The investnn observing time, CPU cy-
cles and man hours required to perform Magnetic Doppler inga@MDI; see e.g. Kochukhov
et al., 2004; Kochukhov & Wade, 2010) is very large, becalsevations in all four Stokes’
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parameters is necessary to map the magnetic field and alrengatches on the surface of
these stars. As a result, the comparably simplistic madglifered by programs such as
ZEEMAN are essential to indicate which targets are worthy of tina¢ investment.

More work will be done in the study of the time evolution of ablances in magnetic
Ap/Bp stars. This thesis presented a study of stars between 3 -1#Mting the mass range
because mass is a determining factor in the evolution o$.staurther studies will build upon
this research, adding two more mass bins between 2-&M 4 - 5M,. The larger of the two
proposed mass bins will also extend thg of our research above about 15000 K, the threshold
where, above this value, non-LTHEects may be important (see Przybilla et al., 2011). As
a result, the conventional approach to assume a complefdtyatmosphere in computing
synthetic spectra may not be realistic. However, recenkwgrNieva et al. (2012) suggests
that the use of an LTE synthesis code can yield correct lin&les and derived abundances up
to Ter ~ 22000 K for suitably chosen spectral lines. This researelssgntial to furthering our
understanding of diusion theory by providing the first observational constiaon the time
evolution of the anomalous abundances in magnetjBpstars, as well as clarifying the role
that difusion may play in maintaining them.
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